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Abstract

The aim of this work is to study the dynamics of the interstellar gas, with an eye towards
the formation of the Cold Neutral Medium (CNM), gas with high densities iy * 100 cm 2)
and low temperatures (T < 300 K). In particular, we want to explore the mechanisms that
can lead to the lamentary structure typical of these clouds.

A natural mechanism for the formation of large amounts of cotl gas in a small region
are converging ows. This type of problem has been studied eensively in the literature in
the form of academic, in nite high-Mach number ows that col lide at a perturbed boundary.
The novelty of our approach lies in simulating converging ows by using physically motivated
parameters, extracted from models of young stellar feedb&c This feedback creates nite,
structured shocks which are the seeds for turbulence at theh®ck collision interface.

In our numerical experiments two superbubbles, blown by theviolent feedback of OB
associations, collide and fragment to form cold laments through various uid instabilities.
The amount of cold gas formed, the morphologies and the kineatics of the cold gas clumps
are roughly in accordance with observed properties of suchtrmictures. In particular, our
simulations are able to capture the observed lamentary stucture of the cold clouds and
their fractal character.

The metal content of the clumps is tracked through an advectel quantity in the code,
inserted in the feedback regions along with the rest of the gllar feedback. Our studies show
that little or no enrichment happens from one stellar generdion to the next, if only turbulent
di usion is considered.

Although further work is needed in order to study the details of the clump structure and
its dependence on the OB association parameters, this workpens a new path to the study
of the ISM dynamics by showing that complex characteristicsof the observed structures can
be reproduced by applying physically motivated initial conditions.
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Zusammenfassung

Das Ziel dieser Arbeit ist es, die Dynamik des interstellara Gases zu studieren, insbeson-
dere die Entstehung des kalten neutralen Mediums, d.h. Gasemit hohen Dichten (ny ' 100
cm 3) und niedrigen Temperaturen (T < 300 K). Wir wollen die Mechanismen, die die typ-
ische lamentartige Struktur dieser Wolken erzeugen, im Ddail verstehen.

Ein natarlicher Mechanismus fdar die Entstehung gro er Me ngen kalten Gases in einem
kleinen Gebiet sind konvergente Flasse. Diese Art von Prolem wurde in Form von akademis-
chen Flassen mit unendlich gro en Mach Zahlen, die an einemgesterten Rand kollidieren,
ausgiebig in der Literatur studiert. Unser Ansatz ist insofern neu, als das wir konvergierende
Flasse simulieren, indem wir physikalisch motivierte Parameter verwenden, die wir aus Mod-
ellen far das sogenannte Feedback junger Sterne erhaltemie aus Beobachtungen entstanden
sind. Dieses Feedback erzeugt endliche, strukturierte Sdtks, die als Keime fuer Turbulenzen
an den von kollidierenden Schocks erzeugten Grenzuchenidnen.

In unseren numerischen Experimenten kollidieren zwei Supbubbles, erzeugt durch das
heftige Feedback von OB-Sternansammlungen, miteinandernd fragmentieren, wobei sich auf
Grund verschiedener, in Fluessigkeiten typischer, Instabitaten kalte Filamente ausbilden.
Die Menge an dabei geformtem, kaltem Gas sowie die Morpholdg und Kinematik der so
erzeugten kalten Gasklumpen stimmt in guter Naherung mit den far derartige Strukturen
beobachteten Eigenschaften uberein. Insbesondere enhmenswert ist, das unsere Simulatio-
nen in der Lage sind, die beobachtete, lamentartige Strukur und den fraktalen Charakter
der kalten Molekdlwolken zu reproduzieren.

Innerhalb des Codes verfolgen wir die Metalliziat durch ene Gm e, die zusammen mit
dem restlichen stellaren Feedback in der OB-Sternansammhg erzeugt wird, aber selbst keine
speziellen physikalischen Eigenschaften hat. Unsere Stigh zeigen, das von einer stellaren
Generation zur nachsten, sofern nur die Ausbreitung durchTurbulenzen bensacksichtigt wird,
wenig oder gar keine Anreicherung mit Metallen erfolgt.

Obgleich zum Verst@andnis der Details der Entstehung der kumpigen Strukturen und
deren Abhngigkeit von den Parametern der OB-Sternansammlag weitere, detailiertere Stu-
dien netig sind, ® net diese Arbeit jedoch neue Wege, die Dynamik des Interstellaren Mediums
zu studieren, da sie beweist, das die komplexen Charaktetiga der beobachteten Strukturen
durch das Anwenden physikalisch motivierter Parameter in cen Anfangsbediungungen repro-
duziert werden kennen.
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Chapter

Preface

One Sun by Day, by Night ten thousand shine
And light us deep into the Deity.

Edward Young, "Night Thoughts"

In the late eighteenth century, Sir Frederick William Herschel came across a puzzling fact
in his deep sky observations: there were regions on the sky whe there appeared to be no
stars. This was not an easy observation to interpret. Did stas have a tendency to leave
voids in the Universe? As it so ofter happens in science, thexplanation was as simple,
elegant and exciting as it was surprising and unexpected. Tase celestial voids turned out
to be "dark clouds”, nebulae which obscure the background sirlight almost entirely. This
discovery revolutionized the way scientists view the cosmg, as it gave the rst indication that
the Galaxy contains non-stellar matter which lls the vast space between the stars.

Support for this interpretation actually came much later, from Johannes Hartmann's
(1904) discovery of an absorption line in stellar spectra tlat could only be explained by
interstellar absorption. Three decades later, in 1930, Robrt Julius Trumpler showed that,
apart from Herschel's "dark clouds”, interstellar space ako contained a more di use gaseous
material, thus discovering one more of what we now know to be taleast four gaseous phases
of Interstellar Matter. In the years that followed, the existence of all the other constituents
of the Interstellar Medium were discovered, dust, magnetic elds, and cosmic rays.

It is nowadays a known fact that the constituents of Interstellar Matter not only a ect the
way stellar radiation reaches the Earth, but they are also inportant ingredients of the Galaxy
as a complex system, especially in due to their active role ihe process of star formation.
Interstellar gas is the building material for stars and it carries the energy and mass ejected
by them during their lives. Magnetic elds are thought to play an important role in the
regulation of star formation. Dust, among others, providesan important cooling path for the
gas and is an necessary catalyst for the formation of hydrogemolecules, as well as for other
chemical reactions.

As a complex system the Interstellar Medium makes a fascinamg area of study on its
own, but it also holds great part of the solution to problems a& much larger scales, as the
laboratory of Galactic evolution. At the time this text is wr itten, the mystery of galaxy
formation and evolution is yet to be solved. Although the CD M model for dark matter has
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been very successful in reproducing the large-scale struate of the mass in the Universe, we
are still far from understanding the mechanisms by which gadxies form their stars and the
details of metal enrichment from one generation of stars to lhe next. Moreover, the processes
which shape the distribution of masses in a young stellar clster in an apparently universal
way are still under debate and are possibly connected to the mvers of turbulence in the
interstellar gas.

| strongly believe the answers to all these questions lie onnderstanding the physics of
the interstellar medium. However, this thesis does not aspe to answer them. Instead, it
would be considered successful by this author if it managedat break them down in simpler,
more straightforward thought problems. More speci cally, this is a thesis about the complex
process of forming cold and dense gas out of the warm di use coponent of the interstellar
medium.

The novel ingredient in this work is that the hot energetic component of the interstellar
medium is controlling this transition, implemented in a self-consistent way, in the form of
winds and supernova explosions from stellar models ratherhian as academic, perfect shocks.
The non-linear nature of this system is what yields the compéx cold structure we observe.
Furthermore, this thesis studies the process of metal mixig between these components, with
an eye towards the possible enrichment of the next generatioof stars.

This counting as the rst chapter of this work, the second chapter overviews the properties
of interstellar matter as they are known at this time. The thi rd chapter includes the theoretical
background needed to follow the phenomena studied in this thsis, essentially an overview
of hydrodynamics. The fourth chapter presents the current sate of the art in the eld of
cold cloud formation and hot shell expansion, thus giving a nore detailed motivation for this
work. The fth chapter is dedicated to the description of the techniques used for the numerical
modeling of the systems under study, and the next chapters ar dedicated to illustrating our
results. The very last chapter summarizes and concludes th#hesis.



Chapter

The Interstellar Medium

2.1 General

| Thanks to the continuous advances in astronomical observaons it is now known that the
space between stars is not empty, but rather lled with gas, dust and energetic particles.

The di erent ways in which stars interact with this material , which is collectively called the
Interstellar Medium (ISM), leave spectacular tracks for agronomers to follow : HIl regions,
re ection nebulae, luminous shocks and supernova remnantsBy studying these fascinating
objects it has been discovered, for example, that the mattewhich Ils the space between
stars is a mixture of hydrogen, helium and a small amount of havier elements, in a gaseous
or in a solid state.

Most of the solid state of the ISM is dust, an ingredient with very important e ects on the
radiation we receive from the ISM. The gaseous state itselfamprises many phases, ranging
from molecular, to cool atomic, to ionized gas. In this Chaper we give an overview of the
known properties of each of the gas phases, as well some gealatharacteristics of interstellar
dust. We also brie y mention some features of the Galactic mgnetic elds and cosmic rays,
since they are important sources of pressure and also tracerf many physical processes in
the ISM.

2.2 Atomic Interstellar Gas

The phase of interstellar gas we refer to as neutral atomic gais de ned by the absence of
Lyman continuum photons, meaning that hydrogen is mostly naitral. However, this term
should not be interpreted in a very strict sense, since othespecies can still be ionized in this
medium due to the dependence of interstellar extinction on \avelength. In fact, energetic
charged particles traveling in the Galaxy, known as cosmic ays, are known to cause partial
ionization even in the interiors of very dense clouds. What w call neutral atomic gas is
actually not purely atomic, either. Some molecular lines hae been detected in this medium,
in the same way that atoms are known to exist in the coronas of ralecular clouds.

The information contained in Chapter Z0s mostly a combinati on of material from the following sources:

Tielens (200%), [Lequeux (2005%), | Ferrerel (2001) and Hollenbach & Thronsonl (1987), unless otherwise stated.

Individual references for the information quoted here can be found in these reviews.
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There are several ways to study the neutral atomic ISM obserationally, in emission and
in absorption. Since interstellar gas is mostly hydrogen, w can study many of its properties
by observing the well-known 21 cm line radio emission from tis atom.

This line results from the hyper ne structure of the hydrogen atom, caused by the interac-
tion of the magnetic moments of the electron and the proton wihin the atom. The transition
is strongly forbidden, with a spontaneous emission probality as low as A, =2:87 10 s 1.
Nonetheless, due to the enormous amounts of hydrogen in intstellar space we can indeed
observe it. It is usually detected in absorption in front of continuum radio sources or in
front of 21 cm emission of warmer gas. Moreover, since the éfime of the upper sublevel is
much longer than the average collision timescale in ISM conitions, local thermodynamical
equilibrium (LTE) can be assumed for the gas when interprethg observations.

The main applications of 21 cm observations are to estimatehie mass, the distribution
and the kinematics of atomic hydrogen. From these observatins we know, for example, that
atomic hydrogen amounts to at least half of the mass of the in¢rstellar medium of our Galaxy.
This is roughly true for most of the mass in other galaxies as wil. Since the 21 cm line is
usually assumed to be optically thin (meaning that we assumeall the photons produced in
the emitting source can escape it), which might not always bethe case, these masses are
mostly upper limits.

By comparing absorption and emission spectra from the sameegion of the sky, we can
identify two phases of neutral atomic hydrogen. A denseify 10 50 cm 3), cold (T
100 300 K) phase, which is usually called the cold neutral medium(CNM), and a more
diuse (ny  0:1 0:3cm 3), warm (T 10000 K) phase, called the warm neutral medium
(WNM). The WNM is extended in interstellar space and is mostly responsible for what we
observe in emission, while the CNM forms discrete, highly ihomogeneous and structured
laments, which appear in the spectra as absorption peaks. W should point out that this
extremely inhomogeneous structure of the CNM is believed tde a result of turbulence in
interstellar space, a process which is actually the main suject of this thesis.

The WNM contains as much mass as the CNM in our Galaxy, but it fams a thicker disk,
with a scale height ofjzj = 186 pc, compared tojzj = 106 pc of the CNM. From absoption
measurements we know that local cold clouds have a velocityispersion of 6.9 km/sec and
from emission measurements that the WNM has a velocity dispesion of about 9 km/sec.

The distribution of H | in the Galaxy can also be deduced from 2L cm observations,
although not without some uncertainties. In general, it is very di cult to discern the exact
distribution of interstellar gas in the Galactic disk, the reason for this coming from the
available ways to measure a cosmic object's distance from ug-or example, to measure the
distances to stars, when they are too far away to use parallees, we can use the di erence
between their apparent (m) and their absolute magnitude (M):

d

m M =5log 10pc A (2.1)
where A is the extinction at the observed wavelength, primaily caused by interstellar dust.
For the gas, however, it is not possible to measure distancethis way, unless we know from
the nature of the process that it is intrinsically spatially connected to stars. Examples of such
objects are H Il regions, formed by young massive stars as tlyeionize their surroundings
({See Figure[Z:3 and Sectiol Z.Z]2). Another way to measurehie distance to an object, which
also comes from equatioi_Z]1, involves determining the disihce of stars unobscured by the
cloud. This is applicable to dark, neutral clouds ({See Figue [Z.2).
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Of course, a spatial correlation between stars and a regionfahe ISM only happens for a
few clouds. In absence of such a fortunate coincidence, thealy way to determine the distance
to a Galactic gaseous source is through its line-of-sight Vecity, induced from its emission
or absorption spectrum. In the case of atomic hydrogen veldty estimates come from 21 cm
hydrogen line observations. By making 21 cm obsrvations fomany di erent lines of sight and
correlating the resulting velocities with a model for the Gadaxy's di erential rotation curve,
we can calculate the object's position in the Galaxy. It shodd be mentioned here that in
emission this line probes the CNM and the WNM together.

Figure [Z1 illustrates a problem intrinsic to this method. For observations of the inner
Galaxy (regions closer to the center of the Galaxy than the Sun) this method gives two
possible distance estimates for a given object, yielding anncertainty for the distribution of
atomic hydrogen in these regions. It is still possible, thogh, to calculate the surface density
of H I. So far it has been found to be constant up to a radius of abut 4 kpc from the center of
the Galaxy, and decreasing beyond this distance. The vertial structure of atomic hydrogen
is also estimated to be roughly constant with radius.

The distance uncertainty does not exist for the outer Galaxy where we can make exact
distance measurements from 21 cm observations. In that parbf the Galaxy, we can discern
the spiral arm pattern of the Galactic disk. Until 2008, our Galaxy was thought to have
four spiral arms, named Perseus, Cygnus, Carina and Orion &r the constellations where
they were projected. However, high-resolution observatins with the Spitzer telescope, gave
signi cant indications that our Galaxy possesses a bar in tke inner parts and only two spiral
arms, like most observed barred galaxies| (Churchwell et a.2009). It is also known that
atomic hydrogen exists at radii of at least 30 kpc from the ceter of the Galaxy and hat the
outer part of the gaseous Galactic disk is warped.

Another important observable of interstellar neutral gas are the ne-structure lines of
certain atoms, suchas CI, CII, NI, NI, O, Ol and O Ill, to na me a few. Fine-structure
interactions are interactions between the orbital momentun of the electrons in an atom and
their total spin and for these species, they are mostly foundn the far-infrared. These lines
are the main coolants of the atomic interstellar medium, as v will explain in Section[Z.6.2.

Finally, we can infer the chemical composition of interstelar matter from absorption lines
observed in the spectra of stars. We can distinguish the lin@ coming from interstellar gas
from the intrinsic stellar lines because they have a xed waelength, unlike the periodically
Doppler-shifted lines from the star, and because they are nth narrower. The abundance of
hydrogen, for example, is calculated by tting a theoretical pro le to the observed Ly line.
Once the hydrogen column density is known, the elemental abnudances of heavier atoms are
expressed in terms of the hydrogen abundance. If the obserddine comes from a species
which is expected to be mostly neutral in the atomic ISM, thenthe procedure is similar to
that for Ly . If more than one ionization state of the element is observedthen the abundance
is determined by solving the ionization equilibrium for the observed species.

2.2.1 Molecular Interstellar Gas

Although by far the most abundant molecule in the Galaxy is H», there are many more
molecules in the ISM (more than 100 known so far) some of themary complex. We can
nd molecular emission or absorption due to electronic trarsitions, like in atoms, but also
due to vibrational and rotational transitions, in the spectra of the ISM, of the envelopes of
asymptotic giant branch stars and of comets.
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Figure 2.1: lllustration of a line of sight towards the inner galaxy andhrough the Galactic disk. For a given line
of sight velocity, there are two possible distances. (Imageegit: [Ferrere (2001))

Vibrational transitions of molecules come from stretching bending and deformation modes.
Each vibrational transition can be further decomposed intorotational transitions, so they ap-
pear in spectra as ro-vibrational bands. The typical energés for vibrational transitions are of
the order of a fraction of an eV so the bands are observable inhe near-infrared. Rotational
transitions, on the other hand, have energies of the order ofmneV and we can usually observe
them in sub-mm to cm wavelengths.

Molecular electronic transitions are of the order of a few eVand are generally found in the
far-UV. The most important results from such measurements ome fromH, emission observa-
tions, owing, of course, to the high abundance of this moledae. The highest intensity lines can
yield interstellar H, abundances. Comparison of molecular to atomic hydrogen amdances
in many lines of sight has shown that, above a gas column dertgi of about N(H 1)  10%%
cm ? interstellar gas is almost entirely molecular. This has imprtant consequences for theo-
retical models of the Galactic ISM where one needs to includsome measure of the molecular
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component without explicitly modeling the chemistry of atomic to molecular phase transition.

Ultraviolet observations are possible in relatively di use environments, where interstellar
extinction from dust is not signi cant. Nevertheless, most of the molecular gas in our Galaxy
is located in large and dense structures, called molecularl@uds. These clouds contain a
lot of dust due to their high densities, which makes UV obserations impossible. This, in
combination with the fact that H,, being a symmetric molecule, has no permanent moment
of inertia and thus no permitted transitions in the radio regime, has led astronomers to seek
lines from other molecules as tracers of the internal struaire of dense molecular clouds.

The next most abundant molecule in these clouds, which in adifion has a rotational
transition in the radio regime, is CO. Its J =1 ! 0 rotational transition at 2.6 mm can be
used, in a similar way as the 21 cm line of H I, for mapping the lage-scale distribution of
dense molecular gas in the Galaxy, since it is una ected by dst extinction. Such surveys
have yielded a very high concentration of molecules in a regh of 0.4 kpc radius around the
center of the Galaxy, and a ring structure at radii between 35 and 7 kpc. It has also been
found that molecular gas follows the Galactic spiral pattem very closely in the outer Galaxy
and less dominantly so in the inner Galaxy, where the ring stucture dominates ({see Figure
[Z8). Molecular gas is mostly con ned at the midplane of the dsk, with a scale height of
about 81 pc.

High-resolution CO observations have shown that the mass diribution of molecular
clouds is very hierarchical, with large structures contairing ever smaller and denser cores.
Hydrogen densities in these clouds range from 100 to $&m 3, organized in an almost frac-
tal structure.

It is widely believed that molecular clouds are gravitationally bound, although there are
uncertainties in what de nes the limits of a cloud. In any case, that the vast majority of
observed molecular clouds are in the process of gravitati@l collapse. In particular, it is
the dense cores within them that give birth to stars. After star formation has started in a
cloud, the remaining molecular gas is believed to be quicklphotodissociated by the intense
radiation from the young stellar objects. The complex subje&t of star formation from dense
molecular cores will not be treated in this thesis.

We will provide some more observational facts about molecw@r clouds in Chapter[4, and
we want to point out here that most of them are still derived from CO observations. Another
way to get reliable mass estimates in the densest clouds isdm dust extinction itself, a matter
we will explain further in Section 2.3, where we will discusghe properties of interstellar dust.

An important class of molecules in the ISM are Polycyclic Aranatic Hydrocarbons (PAHS).
These are large molecules, the study of which is important, at only for understanding the
chemistry of the ISM, but also for estimating its radiative heating and cooling rates, as we will
see in Sectio 2.6]2. These molecules are believed to be thigm of observed infrared bands.
This emission is a uoresence e ect, in which a FUV photon absrbed by the molecule leads
to electronic excitations, with the energy re-emitted in the IR through vibrational modes of
the molecule.

2.2.2 lonized Interstellar Gas

The brightest stars in the Galaxy, O type stars, produce large amounts of high-energy photons,
which are able to ionize hydrogen and helium around them. Theenergy required to ionize
hydrogen is 13.6 eV, so photons with higher energies (UV walengths) will create a region of
ionized hydrogen around the star. The remaining energy of patons which produced ionization
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Figure 2.2: An example of a dark
cloud is the "Pipe" nebula, named af-
ter its elongated shape which resem-
bles a smoking pipe. This nebula is
currently not star-forming and it has a
lamentary, self-similar structure typ-
ical of molecular clouds. Located on
the sky in the constellation of Ophi-
uchus, it is a small structure, of about
5 pc in projected length. This im-
age shows dust absorption overlayed
on the background starlight. (Image
Credit: ESO/Yuri Beletsky)

is deposited in the free electrons of the plasma as thermal engy, e ectively heating the gas.
The ionized regions around O stars are called H Il regions, &r the fact that hydrogen in
these regions is fully ionized.

From their natural connection to very bright young stars we know that H Il regions have
the same distribution as O-type stars in the Galactic disk, bllowing the spiral density pattern
in the disk midplane and with a vertical scale height of about80 pc.

The simplest description of an H Il region, although not entirely accurate in most cases,
is the Stemgen sphere. The Stemgen sphere is de ned as aegion inside which the number
of atom photoionizations by the stellar radiation per unit time is equal to the number of
recombinations of the ions with free electrons. Since the aorption of UV photons by neutral
hydrogen is very e cient, a Stemgen sphere has very well dened boundaries. Assuming a
uniform medium composed entirely by hydrogen, the radius ofa Stemgen sphere is given by

Ngg 3
Rs =30pc
S p N Ne

2.2)

where Ngg is the number of ionizing photons released by the star per unitime, in units of
10" s 1 ny is the neutral hydrogen number density andne is the electron number density.

H Il regions produce continuum radiation as well as line emision. The continuum is ther-
mal Bremsstrahlung in radio wavelengths, produced by free lectrons as they are decelerated
by the electric eld of the ions. Thermal Brehmstrahlung can give us information on the
temperature of the plasma, which in this case is about 8000 Kincidentally, the same value
can be obtained by theoretical considerations, assuming it photoelectric heating balances
radiative cooling inside the ionized sphere surrounding tle star. This gas is therefore called
"Warm lonized Medium", to distinguish it from an even hotter phase we know exists in the
ISM.

In a wide range of wavelengths, free-bound continuum emissh is also produced by the
recombinations of free electrons with ions. This process gés rise to characteristic discontinu-
ities , caused by recombinations to a hydrogen energy levellhe less probable, but important
for metastable atomic levels mechanism of two-photon radiive de-excitation also becomes
important for H Il regions, especially at wavelengths near 40 nm.

Naturally, we can also observe the permitted recombinationlines of H, He and other
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elements from H Il regions. These lines are very useful for dermining dust extinction and
elemental abundances of the ionized gas. Due to the low dettigis in these environments, we
can also observe forbidden lines if C, O and other species.

However, not all the ionized gas in the Galaxy is conned in H Il regions. Indeed, we
can anticipate the existence of di use ionized gas in the inérstellar medium by raising the
assumption of a uniform medium surrounding the star, which aters the calculation of the
Stemgen radius. Since the position of the ionization frort is inversely related to the gas
density, if one side of the surrounding medium is slightly moe rare ed, or if the surrounding
gas is strati ed in density (like the Galactic ISM along the vertical direction), we expect the
ionized gas to escape in the surrounding space in the directn of the less dense gas, extending
to distances larger than the Stremgen radius given by equabn 2.2. This e ect is called the
"champagne e ect". lonized gas from associations of young mssive stars can also escape in
surrounding space via the large cavities opened by the combation of their winds. It is not
surprising then that, although stars are created in the verydense environments of molecular
clouds, ionized gas can be found up to relatively high Galadt altitudes.

The distribution of di use interstellar gas has been deducel by the scattering of pulsar
signals by the free electrons of the ionized gas, showing thahis is actually the case. The
interaction of the pulsar photons with the free electrons reluces the group velocity of the pulse
proportionally to the wavelength. Then the spread in arrival times of di erent wavelengths
within a pulsar signal will be proportional to the column density of free electrons along the
line of sight to the pulsar. If we know the distance to the pulsar independently, we can deduce
the number density of free electrons in the di use medium. Wih this method it has been
found that the distribution of diuse ionized gas in the Galaxy comprises a thin, annular
component at about 4 kpc from the center in the radial direction, probably connected to the
molecular annulus at that distance and a more extended, thik disk, with a Gaussian scale
height of at least 20 kpc. The average number density of this radium is of the order of 10 2
cm 3,

In addition to the warm ionized gas, there is an even hotter imized phase of the ISM,
usually referred to as the hot interstellar medium (HIM), wi th a temperature of about 1P K,
which emits radiation in soft X-rays. This gas comes from suprnova explosions when stars
reach the end of their lives. It is also produced in large caties, created by large stellar OB
associations. It is therefore always directly related to tte star formation rate of a galaxy. In
these regions, elements such as oxygen get collisionallyniaed to give emission and absorption
lines of species such as O VI and O VII. Since interstellar X-ay observations probe emission
from distant hot gas superimposed with absoption from intervening clouds, it is di cult to
discetn the distribution of this hot gas in the Galaxy. We do know, however, that this gas
reaches very high Galactic altitudes and that it occupies sme 80-90% of the volume in the
Galactic disk.

X-ray emitting gas, in particular O VI, has also been associted with structures in the
halo of the Galaxy called high-velocity clouds, which were rst identi ed by 21 cm observa-
tions. These clouds are moving with velocities of several tes of kilometers per hour and are
believed to be falling into the potential well of our Galaxy. The X-ray gas connected to these
clouds could be coming from photoionization by a diuse UV background, or it could be a
thermally unstable front between the cold gas contained in hese clouds and an even hotter
gaseous halo, which could be detectable in soft X-rays in absption. For a more detailed
treatment of this matter, which is outside the scope of this thesis, we refer the reader to

INtormousi & Sommer-Larsef (201D) and references therein.
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Figure 2.3: The "Shamrock nebula",
located at about 10 pc from the Sun,
at the outer edge of our local spiral
arm. It is a typical example of an Hll
region, where a central O type star il-
luminates its parent cloud with strong,
ionizing UV radiation. In this case the
star is CY Camelopardalis. The im-
age is taken in the infrared band, at
wavelengths of 12 and 22 m, which
is emitted by the dust as it gets heated
by the central star. (Image Credit:
NASA/JPL-Caltech/UCLA)

2.3 Dust

The importance of dust in the physics of the ISM and in the interpretation of astronomical
observations in general cannot be overstated. Since dust igery well mixed with the interstel-
lar gas, it is of extreme importance to understand its e ects on the observed radiation and
take them into account both when analyzing observations andwhen producing theoretical
models of the ISM.

Dust is the main cause of the ISM opacities at wavelengths loger than the Lyman dis-
continuity. It is also a cause of heavy metal depletion, sine it keeps a large portion of the
local ISM metals locked up in its grains. In addition, dust in a very important catalyst for
many chemical reactions in the ISM. It provides not only a suface on which elements can
combine, but also a third body to receive the excess energydm certain chemical reactions.
This is one of the reasons why in many regions the dust contenis an indication of the gas
metallicity.

The alignment of elongated dust grains with the magnetic eld of the Galaxy causes the
linear polarization of the radiation that passes through the ISM, giving us a means to observe
the Galactic magnetic eld.

The most straightforward way to observe dust in the Galaxy is by the reddening e ect
it has on background light sources. From equatiori”Zll we knovthat the di erence between
the absolute and the observed magnitude of a star depends omé dust extinction along the
line of sight. By measuring the magnitude di erence betweena reddened star and a nearby
star of the same spectral type, which is una ected by the intevening dust cloud, we can
calculate the color excess caused by the dust. Since stellaadiation covers a wide range of
wavelengths, from this process we obtain the color excess asfunction of wavelength. The
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resulting curve, called extinction curve, for the ISM showsan increase in extinction with
increasing wavelength. This is the reason why dust extinctin is also called reddening.

By studying extinction curves we can derive the compositionand sizes of interstellar dust
grains. For instance, the presence of a "bump" in extinctioncurves in the UV, around 217nm
indicates the presence of graphite particles. Infrared extction bands, on the other hand,
point to the presence of silicates. Absorption by dust is ale a strong indicator of the total
dust volume, if the optical properties of the dust particles are known.

Dust absorbs FUV photons and re-emits them in the infrared. Most of the electrons
excited by the UV photons that hit the dust do not reach the surface of the grain. Their
energy is left in the grain, which is thus heated and emits themally in the infrared. This
process has important implications for the heating and codhg of the ISM, as we will see in
Section[2.6.2, but it also provides a means of observing thetrsicture of the gas with space
observatories which are una ected by the Earth's atmosphee. A spectacular image of the
structure of the ISM as traced by dust emission in the infrarel, as seen by the Herschel
satellite, is shown in Figure[Z.3.

It follows from simple considerations of the way a solid paricle can interact with electro-
magnetic radiation, that the strongest interaction will ha ppen for particles of similar size to
the incident wavelength. The fact that extinction curves depend on a wide range of wave-
lengths indicates that interstellar dust particles have a dstribution of sizes. Although the
shape of the distribution of dust particle sizes is still delated, the grain radii are known to
vary between about 0.005 and 1 m.

Solid particles do not only absorb, they also scatter backgound light. Scattering is dom-
inated by the largest dust grains and is what creates the "re ection nebulae", usually blue-
colored re ections of starlight by a cloud containing dust.

Although the mechanisms by which dust can be destroyed are maerous, shocks and
ionizing photons being ubiquitous in the ISM and destructive for these particles, the origin
of dust in the ISM is still poorly understood. The standard picture of grain creation is from
planetary nebulae and from cool stellar winds. In both casesthe temperature of the gas
should drop enough for the rst nucleation to occur, namely for the bonds between particles
to switch from strong molecular to weaker, inter-molecular bonds. For this to happen, the
metallicity of the gas should be high enough and its cooling ate should be fast. After
nucleation has begun, inter-particle collisions take overthe growth of the grains. However,
it is not clear if the production rate from these mechanisms $ enough to account for all
interstellar dust, given the rate at which shocks ans superovae can destroy i@r@?);
Kochanek (2011); Drainé (2011). On the other hand, the appagnt element depletion inside
dense molecular clouds could indicate that they are a site wére dust could be forming.

2.4 Cosmic Rays

Mostly for historical reasons, we refer to energetic charge particles reaching the Earth from
space as cosmic rays. These particles were initially thougho originate from the Earth itself
or from the atmosphere, until balloon experiments proved treir extraterrestrial origin.

These particles are injected into the ISM by supernova explsions and by ares or coronal
mass ejections from late-type stars. Actually, the lowestenergy cosmic rays that reach the
Earth do come from the closest such star to the Earth, the Sun.Cosmic rays are accelerated to
the energies at which we observe them by turbulent magnetic elds and by crossing supernova
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Figure 2.4: Dense gas laments in Polaris, as seen by the Herschel satelt infrared wavelengths 250, 350 and
500 m,, coming from dust and PAHSs.
(Image credit:ESA/Herschel/SPIRE/Ph. Ande (CEA Saclay)and A. Abergel (IAS Orsay). )
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Figure 2.5: A collection of images of the Milky Way in 10 di erent wavelentp bands. From top to bottom: 1.
408 MHz radio continuum, mostly synchrotron emission as eleotrs move in the Galactic magnetic eld.2. 21
cm atomic hydrogen emission3. 2.4-2.7 GHz radio continuum, tracing hot ionized gas througthe synchrotron
emission of free electrons.4. J =1 ! 0 CO emission in the radio, tracing the Galactic molecular gasb.
Composite image of mid- and far-infrared, principal tracer ofierstellar dust emission.6. Mid-infrared, coming
from Polycyclic Aromatic Hydrocarbons. 7. Composite near-infrared image, probing unobscured radiatidrom
cool star. 8. Optical light, where we can see the regions obscured by duSt. X-ray emitting hot gas. Cold clouds
appear as shadows in this imagel0. Gamma rays, produced by cosmic ray collisions with hydrogen m® in the
Galaxy and by the scattering of lower energy photons to highenergies as a result of collisions with cosmic ray
electrons. (Image and caption credit: NASA MultiwavelengtiMilky Way project (http://mwmw.gsfc.nasa.gov/)
and references therein)
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or other types of shocks as they propagate in the Galaxy.

Given their observed constitution and energy distribution, we could say a typical cosmic
ray particle is a proton of energy about 1-10 GeV. Protons aatally make up about 85 % of
the cosmic ray particles, the rest being alpha particles and3% heavier nuclei. Cosmic rays
also contain electrons, positrons and nuclei of elements sh as Li, Be and B, which originate
from their interaction with ISM particles. Cosmic ray energies range from 18 eV to values as
hgh as 13° eV, the latter termed ultra-high energy cosmic rays (UHECR). Their distribution
roughly follows a broken power-law behavior, starting froma slope of -2.75, becoming steeper
(slope=-3) after an energy of about 16° eV and atter again, with a slope of -2.5 after about
108 ev.

The ow of cosmic rays to the Earth, especially at low energis, is regulated by the
magnetic eld of the Sun. The solar wind carries a signi cant magnetic eld, which can trap
these particles before they reach our atmosphere. This makethe exact shape of the cosmic
ray energy spectrum quite uncertain. Cosmic rays also foll the magnetic eld of the Galaxy,
which makes them interesting tracers for studying its morplology ({see also SectiomZI5).

The most important role played by cosmic rays in the ISM is that they provide a source
of pressure. They are also the main cause of ionization in vgrdense environments, such as
molecular clouds. The small degree of ionization they prowde inside molecular clouds is of
extreme importance for the coupling of the gas to the magnet eld.

2.5 Magnetic Fields

Cosmic rays gyrate aroung the eld lines of the Galactic magmtic eld, emitting synchrotron
radiation ({ see Figure [Z8). This radiation is an important probe of the Galactic magnetic
eld, if certain assumptions are made for the cosmic ray numler densities in the Galaxy. From
such modeling we know that the Galactic eld on the plane of the disk can be decomposed
into a structured component, following the spiral density wave pattern, and a turbulent
component, with random direction. In the vertical directio n it forms two disks: a thin disk
of scale height of about 150 pc, and a thick disk of scale heiglmbout 1500 pc.

Synchrotron emission interpretations are very uncertain énce they depend on assumptions
of the cosmic ray number densities and of the magnetic eld stength. An independent
measure of the strength of the magnetic eld that can be usedn such estimates, at least
for its component along the line of sight to the observer, is he Zeeman splitting of certain
atomic levels. Zeeman splitting is the result of the interadion of the magnetic moment of
the electrons in an atom with an external magnetic eld. In the Galaxy this method can
be applied to the 21 cm hydrogen line (with some adjustments @ account for insu cient
resolution that we will not discuss here). This of course reders it biased towards the densest
regions. From Zeeman splitting measurements we know that te Galactic magnetic eld has
a typical strength of a few G.

When a linearly polarized electromagnetic wave propagatethrough a magnetized plasma,
its plane of rotation rotates by an angle which is proportional to the square of its wavelength.
This phenomenon, called Faraday rotation, can also be usedot probe the magnetic eld of
the Galaxy, although only in ionized regions.

The role played by magnetic elds in the physics of the ISM is,on large scales, to con ne
interstellar matter by providing a net pressure that can balance the self-gravity of the gas. It
also traps cosmic ray particles in the Galaxy, which is an addional source of pressure.
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In smaller scales, magnetic elds regulate the expansion afupernovae and superbubbles,
as well as the dynamics of individual clouds, since there is au cient degree of ionization in
all ISM phases for magnetic elds to be coupled to the gas. Magetic elds have also been
argued to support molecular clouds against gravitational ollapse.

2.6 The system as a whole

In the previous Sections of this Chapter we introduced the oberved properties of the di erent
constituents of the Interstellar Medium seperately. This is mainly justi ed by their di erent
manifestations in observations and by the di erent physicd state of each. Nonetheless, it has
probably become evident to the reader that the di erent phases of the ISM not only interact
with each other, but they also regulate the behavior of the Gdaxy as a system.

Stars, especially massive ones, are the trigger of most of ¢hprocesses in the ISM. Young
stars, especially of early types, expel large amounts of mgdr in very energetic winds. They
also provide large amounts of ionizing radiation, heating ad ionizing the ISM around them.
The ionization either leads to the formation of well-de ned H Il regions, or escapes to form
the di use ionized medium.

Supernova explosions inject energies of the order of ¥ergs to the gas surrounding the
star. What is more, in large associations of O and B stars, thecombination of the stellar
winds and supernova explosions creates enormous cavitiestwot gas, which compress the gas
around them. Such shells, being subject to cooling from vadus processes that we will explain
in the following Chapters of this thesis, can fragment to give cold gas. However, the violent
passage of such a shock from a clouldlet can instead evapoeait, or trigger it to collapse
gravitationally and give new stars.

2.6.1 Models of the multi-phase ISM

The di erent phases of the atomic ISM seem to be in rough pressre equilibrium with each
other. This points to a uid instability known as Thermal Ins tability ({see Section B.Z.3 for a
detailed description of the instabilty), as a formation medanism for the CNM and the WNM
phases.

This instability happens when the heating-cooling rate equlibrium curve on the density-
temperature plane of the gas shows wide plateaus, separatdyy steep steps. An example of
such an equilibrium curve is shown in Figure[Z56. This giveswo stable equilibria on either
side of an unstable equilibrium point, de ned by a line of corstant pressure, for instance, like
the one shown in Figure[Z6. The region above the curve is whercooling is stronger than
heating and the region below the curve is where heating is stinger than cooling. When gas
is perturbed from the unstable equilibrium point to the region above the curve by, say, a
compression, cooling drives it to cool and condense furtheuntil is reaches equilibrium again,
to the equilibrium point on the high density regime. An equivalent process happens to drive
gas that has been perturbed to lower densities and drive it tahe plateau on the low density
regime. Depending on the exact shape of the equilibrium cumr and the positions of the
plateaus the densities and temperatures of the two phases nabe di erent. This mechanism
for the formation of phases of the ISM was proposed b@d@). However, we know that
the ISM possesses at least one more gas phase, the hot compamevhich is very important
for its dynamics, as well as for its enrichment in metals, butit is not included in this model.
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The inclusion of the third component in a dynamical model of the ISM was rst proposed
by IMcKee & Ostriker! (L977). In their model, the ISM is composel of spherical clouds, each
of them composed of a cold neutral core and surrounded by tworeelopes, a warm neutral
medium immediately outside the cold core and a warm ionized @rona as the outer surface of
the cloud. The cold clouds are assumed to have a very low llig factor, of about 0.02-0.04.
Their ionized coronas have a lling factor of 0.2, while pradically the whole volume of the
ISM, with lling factors of about 0.7-0.8, is composed by a hd dilute medium, created by
supernova explosions. In fact, supernova explosions reqik the behavior of the ISM in this
model, compressing and sometimes evaporating the cold clds. In their view of the ISM, the
total mass of the gas is conserved and the phases are in pressiequilibrium. A schematic
view of this model is shown in Figure[2.7.

Although this model signi cantly improved our understandi ng of the ISM physics, mainly
by introducting the hot component, we now know that the neutral clouds are far from spherical
(Figure 2Z.2) and that the hot phase of the ISM actually has alnost double the pressure of the
other phases and is thus sometimes driven outside the Galaictdisk. An improved model for
the ISM, where the cold clouds appear as "blobby sheets" ratar than spheres, was presented

by Heiles & Troland (2003), based on their observations.

2.6.2 Cooling and Heating Processes of the Interstellar Gas

This Subection is in e ect a summary of \Wol re et al. (19_9_5I). We refer the reader to this
paper for further details on the calculation of the rates.

One very important ingredient for understanding the formation of phases, by the mech-
anism described brie y in the previous subsection, is the necooling and heating of the gas
as a function of its density and temperature. The combination of all possible cooling and
heating paths of the gas will give an equilibrium curve like the one shown in Figure[Z.5,
which predicts the densities and temperatures of the di eret phases of the gas. Although we
have mentioned the possible heating and cooling mechanisnm the ISM in passing, here we
explain them in more detail, with a focus only on the atomic phase of the ISM. The heating
and cooling rates of the molecular phase, although of extrem importance for the study of
the physics of molecular clouds, are outside the scope of thithesis.

Possibly the most important heating source of the atomic gasis photoelectric emission
from small dust grains and large molecules, such as PAHs. Toemind the reader this well-
known phenomenon, the photoelectric e ect happens when a ptton carrying an energy larger
than the work function of a material is absorbed by this material. Then it can give this energy
to an internal electron, leading to the ejection of this ele¢ron. In the case of dust grains,
the excess energy is mostly consumed in heating the grain,rsie most electrons liberated by
UV photons do not reach the surface of the solid. However, fothe 10% of electrons that do
escape from the grain, the rest of the energy of the photon isvailable for heating the gas.
The resulting heating rate from this process is

N phot =10 **n Gy (2.3)

in ergs cm 2 sec 1. s the fraction of FUV photons absorbed by grains that is conerted
to gas heating andGg is the FUV ux in 1 :6 10 2 ergs cm 2. phot IS called the heating
function for this process and n is the number density of gas ams.

is not a constant, but rather a function of temperature and electron density. It depends
on the ionization rate divided by the rate at which electrons recombine on the surface of the
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Figure 2.6: Thermal instability mechanism. The cooling-heating equilibrm curve as a function of density and
temperature, assuming the cooling and heating rates describie the text, is plotted as a black curve and a straight
line indicating a constant pressure curve is shown in orang8as parcels perturbed from the unstable regime A on
the curve towards higher densities will condense further tilrthey reach the stable equilibrium C. In the same way,
a volume of gas heated from A to higher temperatures or lower dgties will continue heating and expanding until
it reaches equilibrium point B. We have then, the formation dfvo gas phases in temperatures and densities given
by points B and C.
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Figure 2.7: A schematic view of the ISM by_McKee & Ostriker|(1977). On the fe (Fig. 1 of that paper), a
cross-section of a typical cloud in their model. It is composday a neutral atomic core, enveloped by a warm
neutral and a warm ionized corona. The whole structure is imnsed into the hot ionized medium.

On the right (Fig. 2 of that paper),, a small-scale view of the gssage of a supernova shock wave, coming from
the upper right, from a region of the ISM lled with clouds sub as the one shown on the left. A fraction of these
clouds will be evaporated.

grains. The maximum e ciency happens, of course, for low tenperatures, when the grains
are mostly neutral.

The shape of the FUV spectrum has not been found to a ect the rsulting heating function
alot, as long as the total ux remains constant. What does a ect this heating rate appreciably
is, of course, the distribution of grain sizes. Usually, thedistribution is assumed to be a
power-law with a slope of about -3.5, based on models that tak into account the observed
dust emission.

The heating rate of the gas by photoelectric emission from dst and PAHs is shown in
Figure [2.8 as the top dashed line. It is evidently the most immrtant heating rate in the local
ISM. However, as we will explain shortly, under certain cirmamstances the photoelectric e ect
can result in a net cooling of the gas.

Additional heating of the ISM comes from cosmic ray ionizaton of the gas and from di use
X-ray radiation. Cosmic rays can ionize the gas to appreciale degrees, with an ionization
value usually adopted for the ISM beingn cgr =1:8 10 "n cm 2 sec 1. After ionization,
the excess energy is available for heating. Assuming a powdaw distribution for the momenta
of cosmic rays, which, as we have seen in SectipnR.4, is a welsti ed assumption, and taking
into account also secondary ionizations of H and He, the heatg rate from this process is

N cr = N crEn(E;ne=n) (2.4)

where En(E; ne=n) is the heat provided to the gas by each electron of energy E. fiis function
depends on the electron fraction in the gas and the energy ohe electron and is provided in

the Appendix of Wol re et al. |(1995).
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A similar process gives the heating rate of the gas from soft Xays. Soft X-rays in the
Galaxy are produced by energetic stellar feedback, mostlydém young massive stars, although
at the highest energies an extragalactic X-ray component dminates, coming mainly from a
hot intergalactic medium. Without going into the speci ¢ de tails of the calculation, we quote
here the heating function calculated for this heating mechaism:

Z
X . )
N xr =4N e v LEN(E ne=n)dv (2.5)

where the summation is assumed over all elements which expgence primary ionization. N

is the column density of neutrals, hence the factore vNw, which acconts for an absorbing
layer of neutral, warm interstellar gas, with the cross-setion  for absorption in frequency
v taking into account the elemental abundances. ne=n is the ionization fraction. Jy, the

assumed X-ray ux spectrum, is calculated by including three X-ray components: A single-
temperature component from nearby sources, a single-tempature component from largest
distances which has su ered absorption from interstellar ¢ouds and an extragalactic power-
law emission component. In Figure[ZB, heating from X-ray imizations is the second most
important heating mechanism up to hydrogen number densities of about 1¢ cm 2, followed

by cosmic ray ionization. At higher densities an important source of heating comes from the
photoionization of C I.

It has already been mentioned in earlier Sections of this Chater that the most important
coolants of the atomic ISM, especially in the low-temperatue regime, are the ne structure
lines of species such as O | and C Il ({see Figure2.8).

Important energy losses, mostly in the low-density regimecome from the recombination
of electrons onto small dust grains and PAH molecules, a prass already mentioned when
discussing heating mechanisms. When the thermal energy ohe electrons that recombine on
the grains exceeds the energy of the electrons being ejectdtien the net e ect is an energy loss
from the gas to the grains. It is clear that this e ect is impor tant at high temperatures, when
the electron thermal energy, kT, is larger than the typical 1 eV carried by the photoelectrically
ejected electrons. When modeling the gains and losses of tigas caused by the photoelectric
e ect, the heating and cooling rates are calculated separatly, so the net heating or cooling
is de ned as the di erence between the two. The cooling by reombination of photoelectric
electrons is shown in Figurd 2B as a solid black line.

In addition to the ne-structure lines, cooling can also happen due to emission in metastable
or resonance lines. In particular, the collisional excitaton of the Lyman line can contribute
to the energy losses of the gas in the highest temperature rege.

Figure 28 summarizes the cooling and heating processes thae have taken into account
in this work. In calculating these rates we have assumed thathe lines are optically thin and
that dust extinction is not important. These assumptions are increasingly inaccurate as we
move towards the high density regime, but, since we are onlyniterested in the transition from
warm to cold gas, they provide an adequate description of theaverage cooling and heating
rates of the gas in this regime. The gas has been assumed to lea& constant ionization degree
in the calculation of the rates. The resulting cooling and hating curve for the parameters we
have used is shown in Figuré_Z]6. The abundances used in thislculation are roughly solar.
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Figure 2.8: Cooling (solid lines) and heating (dashed lines) rates as anttion of density, assuming local ISM
conditions and optically thin lines. Dust absorption is noassumed to be important for the densities and the
radiation frequencies considered.
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2.6.3 The modern view of the ISM: the role of turbulence

As mentioned in Section[Z.6.1, the inclusion of a third, hot fhase of the ISM was proposed
by IMcKee & Ostriker! (1977) to account for cloud destruction and to count as a large volume-
lling uid. However, winds and supernova explosions from massive stars introduce a much
more signi cant ingredient in the complex system of interadions in the ISM: they are a source
of mechanical energy and, as such, the drivers of turbulence

Turbulence, which will be treated in somewhat more detail inSection[3.4 as a consequence
of the equations of hydrodynamics, is a term to describe the @upling of di erent scales of
a uid through the exchange of energy. It is characterized bya stochastic behavior and
the replacement of the local properties of a ow by statistical laws. In principle, one could
roughly describe a turbulent ow by the existence of curved $iocks and eddies, appearing and
disappearing unpredictably, almost chaotically.

In this context it is therefore understood that a large-scak energy injection as violent as a
supernova explosion or combined feedback from young OB stamwill act as the beginning of an
energy cascade, creating smaller-scale eddies and shockshie ISM. Although theoretically
such models have been proposed since a long time (i Avill& Breitschwerdt (2004)),
and the turbulent nature of all the phases of the ISM has been &dent in observations for
even longer (Schneider & Elmegreen (1979); Lada et al. (199SHartmann/(2002); lLada et all
(2007); Molinari et al. (2010), see also Figurd 24 for a resentative image of interstellar
turbulence) it is very di cult to verify that the injection s cale of interstellar turbulence has
a supernova origin.

Turbulence in the warm atomic phase of the ISM is thought to beroughly sonic M
2004:| Haud & Kalberla, [2007), meaning that the root mean squee velocities of the gas are
of the order of its sound speed ( 10 km/sec) while in the cold molecular phase it is thought
to be supersonic, reaching velocities of 1-5 km/sec, whilehte sound speed in these clouds is
roughly 0.2-0.5 km/sec ({see also Sectioir 4l1 and referenggherein). This has important
implications not only for global models of the Galactic ISM, but also for the star formation
process, which happens exclusively in molecular clouds.

Interstellar turbulence is a very e cient mechanism for mix ing newly-produced metals
from supernovae and stellar winds and dust in the gas. Thesel@aments can then participate
in a new cycle of star formation. The velocity dispersion in he di use phase of the ISM has
a stabilizing role against the global gravitational instability of the Galaxy. Inside molecular
clouds, the transition scale from supersonic to transonic o subsonic motions is probable
what sets the scale of prestellar cores_(Walch et all, Ztha)hus deciding the typical mass
of a protostellar object. It is therefore very useful to study the properties of interstellar
turbulence and look for its drivers at di erent scales.

The fact that turbulence is maintained at the sonic level for the di use phase of the ISM
is consistent with a picture in which the violent, evidently supersonic shocks from the drivers,
possibly supernova explosions, distribute their energy tosmaller scales through a cascade,
until it is nally viscously dissipated. The root mean square velocity of such a ow can be
proven to fall to sonic velocities very rapidly. The dissipaion rate for sonic turbulence being
much slower, such a turbulent ow can be maintained for many aossing times, in this case,
many Galactic rotation times.

However, the true puzzle in the studies of interstellar turbulence is what maintains the
supersonic velocities inside molecular clouds. Such suEmic motions should die out very
quickly, as we explained before, so there must be a process atolecular cloud scales which
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keeps driving turbulence in their interior. Star formation, through protostellar out ows has
been proposed as a possible driving mechanism. The formaticscenarios of the clouds them-
selves, however, very often invoke dynamical processes, wwh could also trigger turbulent
motions in the formed structures. This subject is analyzed ddressed in detail in Sectiof 4.1,
as part of the motivation for this work; this thesis is partially aimed at explaining the origin
of turbulence in molecular clouds by proposing a very dynantal model for their formation.



Chapter

Principles of Hydrodynamics

3.1 The equations of hydrodynamics

| The work in this thesis can be essentially described as solwjj the equations of hydrodynamics
numerically, for di erent boundary and initial conditions . It is therefore very important that
we introduce these equations and some of their applicationselevant to the phenomena we
will encounter in the following Chapters.

The equations of hydrodynamics provide a macroscopic desgtion of the behavior of
a uid. This means that the length and time scales of the systen considered are much
larger than those of the interactions between individual abms or molecules. In practice, we
are allowed to use this description of a uid when the mean fre path of the particles is
much smaller than the size of the system under study. For all bthe problems treated here,
hydrodynamics is a more than su cient approximation.

In hydrodynamics, the evolution of certain variables, representative of the state of the gas,
is expressed as a function of space and time. In particular, &follow the velocity of the uid,
v(r,t) and any two thermodynamic quantities, usually the density (r;t) and the pressure
p(r, t), from which the rest of them, such as the temperature, canbe derived.

In the following Sections the equations of hydrodynamics a& derived from the conservation
of mass, energy and momentum. We will refer to small volumesiithe uid as uid elements.
Again, these volumes may be considered in nitesimally smalfor the sake of the mathematical
derivation, but they are always large enough to contain a vey large number of atoms or
molecules and the equations of hydrodynamics are always vl

3.1.1 The equation of continuity

The rst equation we are going to derive expresses the conseation of mass in the system.
Considering a volume element d\éof a larger volumé/y containing the uid, the total mass
in the system can be expressed as dV , where is the density as a function of position and
the integral is taken over the volume V.

De ning d n to be a vector with direction normal to the surface of the uid element and
magnitude equal to the area of this surface, the mass ux thraigh this surface per unit time
is equal to u dn, where u is the uid velocity vector. We consider dn to be positive in

The contents of Section[31 are from the rst chapter of Landa u & Lifshitz [(1959)).
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the outward direction, so that the ux is positive when mater ial is leaving the volume and
negative when material is entering the volume. Then the totd ux of mass out of the volume
Vo is

u dn .1

where the integration is over the entire surface enclosinghe volumeVy. The mass ux outside
the volume causes a decrease in the total mass contained Wy, which is equal to

Z
@
— V 2
at ¢ (32)
By equating equations[3.1 and_3.R, we get
I Z
u dn= @@t av (3.3)
H R
and replacing v dn by its equivalent r ( v)dV we get the equation of continuity
@
— = 4
ot T (V=0 (3.4)

where the integral has been dropped, since this equality mashold for any volume in the
uid.

3.1.2 The force equation

The equation of force balance, in e ect the equation of motia of the uid, is also called the
Euler equation, after L. Euler who derived it rst.

Considering, as before, a volume element dV in a uid of volune Vy, we can express the
total force acting on the uid as the integral of the pressure over the surface enclosing the
volume:

I z
pdn = r pdv (3.5)

By equating this force to the change in momentum of the uid element, we get

du

— = 3.6

S p (3.6)
The derivative du/dt is here the total derivative of the velocity. This means t hat is carries
the information on both the change of the velocity of the uid in a given point in space after
a time dt, and the change in velocity experienced by the uid dement because it traveled a
distance d, to a di erent point of the uid. To express this information explicitly, we can
write

@ (3.7)

@t

namely the change in velocity with time when the spatial coodinates, say X, y and z for a
Cartesian description, are held constant. Then the second grt of the derivative, which is the
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part expressing the change in velocity due to the change in ardinates, can be written as

@ @ @
dx— + dy— + dz— 3.8
@x y@y @z (3.8)
which is equal to (du r )u. So we have
du = %t dt+(du r)u (3.9)

If we divide both sides by dt we can substitute this expressia for the total derivative into

equation[3.6 and obtain:
@

1
@t+(u ryu=s -rp (3.10)
Equation is the Euler equation. Additional terms are usially included in the right-hand
side of the equation to account for other forces that may be aing on the uid, such as
gravity.

Here the Euler equation was derived assuming that all the chages in pressure around the
uid element are consumed in changing its momentum. In otherwords, we have assumed no
energy losses due to viscosity or other dissipation mechasins. This form of the equations of
hydrodynamics, when thermal conductivity and viscosity are considered to be negligible, is
called ideal hydrodynamics and the uids with these properties are called ideal uids.

Assuming a negligible thermal conductivity is equivalent to saying there is no heat ex-
change between di erent parts of the uid. In other words, th e motion of a uid element is
adiabatic. This condition can be expressed in terms of conseation of the entropy s of the
uid: ds/dt=0

@s

@t+ urs=0 (3.12)
which, in combination with the equation of continuity 4] gives an equivalent equation of
continuity for the entropy in the uid:

gf+ r(su)=0 (3.12)

If we consider that, at some initial instant the uid had the s ame entropy everywhere, equation
312 becomes much simplers = constant.

3.1.3 The energy equation

The total energy of a uid element, assumed to be xed in space can be expressed as

1

—Vv+ 3.13
5 (3.13)
where is the internal energy per unit mass.

The change of the kinetic energy of the uid with time can be written:

@1,._1p0, @ (3.14)

@t 2’ T2V @t ot
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In equation 314 we can replace the rst term of the right-hand side from the continuity
equation,[3:2 and the second term from the Euler equation,"3d. Then we obtain:

@ 1 > 12
— =—Vv° = Zvr (u) vr u (urju 3.15
at 2 SV () P u(ur) (3.15)
In equation 318 we can replace the termu (u r ) u with % u rr 2 If we dene w as
the heat function per unit mass, thendw = Tds+ Vdp By replacingV =1=,r pcan be
writtenas r w Tr s. Thus we get for the kinetic energy of the volume element:

@ 1 , 15 1,
= = = = —uc+ + .
@t2v 2ur(u) ur Suttw Turs (3.16)

The change in the internal energy of the uid element with time, @ )=@1tan be derived
from the rst law of thermodynamics:

d = Tds pdV=Tds+ =d (3.17)
and, since + p= = + pdV is just the heat function per unit mass w, we have
d )= d +d =wd + Tds (3.18)
where we have also use =1= anddV = d= 2. So we can write for the change in the
internal energy of the uid:
Q ) @ @s
= — + — = .
ot W@t T@t wr(r) Turs (3.19)
where equation[3.IP has been used to repla@®@s=@t
Combining equations[3I6 and319 we get
@ 1 2 1 2 1 2
= Zu‘+ = Zut+ “u?+ .
@t2u 2u w r(u) ur 2u w (3.20)
and nally
@ 1 , 1,
= Zu‘+ = Zut+ )
@t 2 u r u 2u w (3.21)

Equation 321 can be understood as the conservation of engrgn each volume element as it
moves in the uid, so that the energy carried by a uid element is %uz + w.

3.2 Hydrodynamical Instabilities Related to Shell Fragment a-
tion

An instability is de ned in a physical system as the unbounded growth of initially small
perturbations imposed on an equilibrium state. Fluid instabilities are many times identi ed
by the morphology of the system on which they are developing.

In the following Sections we will illustrate uid instabili ties relevant to the expansion and
collision of shock waves, such as the Non-linear Thin Shellnktability (NTSI), the Kelvin-
Helmholtz Instability (KH) and the Thermal Instability (TI ).
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We will not provide the full derivation of the perturbation e quations or the solutions here,
since such a lengthy analysis is outside the scope of this tes. We will rather introduce the
methodology and the assumptions that go into deriving the results, which are essential in
order to fully understand the results of our work, contained in the following Chapters. The
rigorous derivations of the instabilities can be found in the references mentioned in the text.

3.2.1 The Non-linear Thin Shell Instability

| This instability is very similar to the well-known Rayleigh -Taylor instability, which occurs
when a dense uid is accelerated by a more rare ed uid. In this case, however, the instability
occurs without the involvement of gravity, when the surfaceof a shock, bounded on one side
by thermal pressure and on the other by ram pressure, is perttbed by a ripple.

Let the spherical shock under consideration have an outer @ius Rs and a thickness h,
so that, the inner radius denoted by R;, h = Rs R;. The shock is expanding with a
velocity Vs in a uniform medium of density g and is driven by a medium of thermal pressure
P; and negligible density (in nite sound speed). At this point we introduce the thin-shell
approximation, which signi cantly simpli es the derivati on of the equations:

h

o < kho1 (3.22)
@ Cs
ot = (3.23)

where k is the wavenumber of the perturbation. Condition[3.Z essentially says that we want
the evolution of the perturbations to be much faster than the sound crossing time of the shock
thinkness, so that the shell reacts quasi-statically to theperturbation.

The equations of hydrodynamics, namely the continuity equdion B.4] and the Euler equa-
tion B.I0 have already been introduced in sectiof3]11. For avenience, though, instead of the
density , the velocities uy, uy and u, and the pressure P, in this analysis here the variables
used are the surface density , the radial shock velocity V, and the tangential shock velocity
VT

1 %R
= = r 2dr (3.24)
R2 3
1 7R,
Vi = R 2 r “uydr (3.25)
s _Rj
1 “R
Vi = r 2uydr (3.26)
RZ R t
In the absense of perturbationsV 1 vanishes.
The shock boundary conditions are:
[u] = 0 (3.27)
P+u?2 =0 (3.28)
1 2
—u‘+ P +F =0 3.29
u Su 1 (3.29)

The detailed derivation of the thin-shell instability, as w ell as the contents of Section[3.2.1, can be found

in \Vishniac| (1983).



28 CHAPTER 3. PRINCIPLES OF HYDRODYNAMICS

where u is now the uid velocity relative to the shock, F is the radiative energy ux and the
square brackets denote di erences across the shock. For ardimbatic shock F = 0.

Following the de nitions of the new variables, [3.24f3.26, hat is, integrating the equations
of hydrodynamics [3:4 and[3.ID across the shock and applyinghé shock jump conditions
B24E3.29 as boundary conditions, the evolution equationgor , V; and V are obtained:

@ V,
@t 2R75 + Vs (r7 V1) (3.30)
S
1
@@\": = —(eVsVr P (3.31)
@/T _ EVSV &V . Eu (R ) z Rs (Cgrzr T )dr (3 32)
@t TORT T(Rs) E R ~ RZ :

wherer 1 stands for tangential derivatives, ut (Rs) is the tangential velocity of the uid at
the shock surface, as imposed by the boundary conditions, @hVs is the velocity of the shock
surface. In the derivation of equation[3:3D one assumes theris no matter ux through the
inner boundary, that is, all the matter swept up by the shock as it propagates stays on its
surface.

The rst term of equation 830]just states the obvious fact that, if the mass in the shell
remains the same, the surface density of the shell decreasas its radius increases. The second
term is the increase in surface density caused by material th shock accretes as it propagates
in the surrounding medium. The last term describes the massransfer on the shell due to
bulk tangential motions.

Equation 331 describes the change of the radial velocity ofne shell as a result of the
pressure di erence at its outer surface, namely the ram presure of the surrounding medium

eVsV: and at its inner surface, namely the thermal pressureP; provided by the hot gas
driving the shock.

In deriving equation [3:32 and, in fact, for the rest of Vishniac's analysis of this instability,
the assumption is made that the shock velocity is equal to theadial velocity: Vs = V;, mean-
ing that the motion of the shock is dominated by its radial expansion and not by tangential
motions within it. This stems from the quasi-static assumption [3.23 and simple dimensional
arguments.

Equation is of particular interest for the study of this instability. The rst term on
the right-hand side is similar to the second term of equatiori3.30, expressing the decrease in
tangential motions by the accretion of material from the surounding medium. The second
term just states the decrease in the tangential velocity as he radius of the shock increases.
The third term tells us that the accreted material can only be accelerated in the direction
of the shock front motion. Using the shock jump conditions, @ the same time replacing the
pressure at the outer boundary of the shock with the ram pressgre, the last term can be
rewritten and equation [3:32 reads:

@ 1 Vs i
= \% —V —=r —r 1R 3.33
ot TORUT T TRs ( )
where essentially the last two terms of equatiori 3.32 have len replaced by a term expressing
the e ects of gradients in the surface density and a term due ¢ changes in the inner surface
of the shock. It might seem surprising then, that this term contains Rs instead of Rj. The
detailed derivation omitted here, this is justi ed by the fa ct that irregularities that come from
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variations in the shell thickness are of higher order than iregularities coming from the bulk
motion of the shock.

It can be additionally shown that, if the inner thermal pressure balances the outer ram
pressure almost exactly, the term withr  in equation [3:333 can be omitted. Now we have
two terms, one due to mass accretion and one due to the curvate of the shell, plus one term
(the last one), which accelerates material into lagging rempns of the shell.

The appearance of this term in the equations is what causes #instability, in an analysis
that we will not include in this thesis. Figure BTl however, illustrates how an instability might
occur due to the presence of this term. The pressures actingnothe two surfaces of the shell
are of di erent nature. The inner surface is supported by theisotropic thermal pressure, but
the outer surface of the shock is supported by ram pressure, hich always acts on a direction
normal to the surface. This means that, if there is a ripple onthe surface of the shell, the
thermal pressure will push material sideways on the ripples The ram pressure cannot balance
this motion, since it has no component in that direction. The result will be, to rst order, a
tangential force on the shock surface, which will depend onhe angle of obliqueness and on
the internal pressure.

The derivation of the perturbation equations from this point is straightforward. Here we
will just mention that, for example, for an isothermal shock and for a perturbation expressed
in the form of spherical harmonics, the shell will be unstabé and fragment on scales @ <1 <
3M 2, where | the azimuthal mode of the perturbation and M the Mach number of the shock
expansion velocity relative to the internal sound speed ofhe shock. The smallest wavelengths
are de ned by the "thin-shell" assumption and the largest wavelengths, comparable to the
shock radius, are stabilized by the bulk motion of the shock. Additional e ects that can
stabilize or destabilize the shock are magnetic elds and tle consideration of the thickness of
the shock. The growth rate of the unstable modes is roughlysk(k ) 72 where ¢s the sound
speed, k the wavenumber along the shock, and the amplitude d the initial perturbation.

We should also note that, although the analysis quoted heres for the linear regime, the
e ects we are interested in when we study this problem numeigally are related to the non-
linear growth of this instability, when the perturbations a ect the expansion of the shock and
the quasi-static approximation is no longer valid. That is why in this text we quote this type
of instability as the "Non-linear Thin Shell instability”. However, the above analysis is useful
because it shows us why there is an instability in the rst place and what its rst-order e ects
are, which o ers useful insight in the problem of shell fragmentation. This instability will be
discussed further in the text, since it is very relevant to ou results.

3.2.2 The Kelvin-Helmholtz Instability

| In Section[3:2]1 it was shown that when a spherical shock expals in a uniform medium,
ripples on its surface can cause tangential motions of the ntarial in lagging regions. This
type of shear motion can give rise to another well-studied dgamical instability, called the
Kelvin-Helmholtz instability.

The Kelvin-Helmholtz instability occurs when a strati ed, heterogeneous uid with the
di erent layers in relative motion is perturbed. Its morpho logical signature are characteristic
eddies, like the ones shown in Figuré_3]2. In this Section wera going to present results
relevant to the case of an inviscid uid, ignoring for sake ofbrevity the (stabilizing) e ects of

A rigorous derivation of the KH instability (Section 3.Z2It an be found in [Chandrasekhat (1961).
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Figure 3.1: lllustration of the thin shell instability, from
) (Figure 1 of that paper). The dierent
nature of the thermal and the ram pressure cause ripples
on the surface of the shock to grow by tangential motions
b —_ ——— of the material towards lagging regions.

surface tension and magnetic elds.

Using Cartesian coordinates, let the equilibrium con guration be that of a strati ed uid
with density ¢(z) a function of height z, and a streaming velocity along the xdirection,
Uxo(2) also a function of z. Then the hydrodynamic variables can beaxpressed as:

= o9+
p = 0p
Ux = Uxo(2)+ uy (3.34)
Uy = Uy
uz = Uy

Inserting the expressiong3.35 for the variables in the equ#n of continuity $:4Jand the Euler
equation[3.I0 and neglecting second order terms yields:

@ y @u . duxo @p

T T I, (3.35)
0@@%*‘ 0Uxo@é@li _ @CZDS g (3.37)
%Jruxogx - Uz% (3.38)

@@Li+ @@li+ @@L; -0 ©59

where a term due to a gravitational accelerationg = g2 has been included in equatiori-3.37
and equation[3.39 expresses the incompressibility of the prirbation.
Looking for perturbations of the form:

expli (kX + kyy + 1t )] (3.40)
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equations[3.35-3.3P become:

deO

: dp
| = —_—
i (! + kxuxo) Uz ¢ (3.43)
. du

Now by multiplying equation 84Tlby iky and equation[3.42 by ik, and add the resulting
equations, replacing at the same timek? = kZ + k7 and making use of equatior( 3.4, one
obtains:

duXO

. du .
i o(! + kxuxo)d—zz+ | oky— - Uz = k? p (3.45)
and from equations[3.48 and_3.44:
. dp .
i ol + Kylyo) U = oTS 0 (3.46)

By eliminating p from equations[3.:4% and_3.46 the following equation is obtaied:

duxO

d du d u
G o0 T Tt o us K o+ k) Uz = gk

dz ! + kyuyo (3.47)

The condition for instability is derived by applying approp riate boundary conditions and
considering the speci ¢ form of the equilibrium con gurati on, functions ¢(z) and uxo(z).

The simplest assumption we can make for the equilibrium ow & that of essentially two
uids, one of density 1 and velocity uyx; and one of density » and velocity uy,, superimposed
on each other at z=0. (A similar con guration is shown in Figure [3.2).

The boundary conditions at z=-d and z=d (for a system of total size 2d along the z
direction) are just that the vertical components of the uid velocities vanish on those surfaces.
Additionally, we should ask that the components of the uid v elocities normal to their contact
surface vanish. In other words, the assumption here is that lte two uids do not mix.
Omitting the intervening algebra, we directly present the condition for instability (modes
growing exponentially in time), in the absence of surface tasion:

a1 2)
k> 1 2(Ux1  Ux2)? (3.48)

where 1= 1=( 1+ 2 and 2= >=( 1+ »). Interestingly, relation B.48] states that, if
one ignores gravity, all wavenumbers are unstable to the Kelin-Helmholtz instability. The
growth rate of the instability, for a step function in the vel ocity, is k v, where k the unstable
wavenumber and Vv is the velocity di erence between the two layers.
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Figure 3.2: Simulated KH instability. A perturbation on the contact laye between two uids of di erent density,
shown here in black and white color, moving along the horizaitdirection relative to each other, grows to give
characteristic eddies like the ones shown in this gure. Thicon guration is already in the nonlinear regime of the
instability growth. (Image from wikimedia.org)

3.2.3 The Thermal Instability

The Thermal Instability has already been presented in Secthn[2.6.1 in a qualitative way.
Figure [Z.8 provides a schematic illustration of how this ingability works. Here we will give
some dimensional arguments of when the instability takes @ce and what its overall behavior
IS.

Let

L(;T)=0 (3.49)

de ne the heating-cooling equilibrium curve of the gas, whee L( ;T ) represents the energy
gains minus the energy losses of the gas per unit mass per uritne.

A perturbation of density and temperature is introduced, such that some thermodynamic
quantity A, the pressure for example, remains constant. Tha the entropy of the gas will
change by an amount S and the heating-cooling function L will change by an amount L :

Ldt = Td(S) (3.50)
where changes are to be calculated with A constant. Then theriterion for instability is
@L
= >0 3.51
s, (3.51)

in other words, there is an instability if the gain-loss fundion L is a monotonous function of
the entropy, so that changes in the entropy due to perturbations always cause a response of
the same sign from the heating-cooling function and the pemrbation ccan grow. Assuming

The contents of Section[3.2.3, as well as a full derivation of the Tl can be found in Eield|(1965).
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an ideal gas, for an isochoric perturbationT dS = Cy dT and for an isobaric perturbation
T dS= Cp dT. Then one obtains two criteria for the instability, an isochoric and an isobaric
one:

@L o .
@s < O (isochoric) (3.52)
oL _ @L o @b  _ 4 (isobaric) (3.53)

@S, @T To @ -

Criterion is in principle incompatible with the force equation, because isochoric temper-
ature variations will cause changes in the density, which ten cannot be assumed constant.
Condensations can be shown to be dominated by the isobaric adensation, which is compat-
ible with the force equation. This can also be derived by a mog detailed treatment of the
instability.

Burkert & Lin |(2000) showed that the growth rate of the thermal instability does not
depend on the size of the perturbation (ie the wavenumber), bt is rather determined by the
local cooling time. In particular, the growth of a perturbat ion is decided by the transition
from isobaric to isochoric cooling. This implicitly means that the smallest perturbations will
grow rst. The smallest unstable scale, according to their analysis, is decided by thermal
conduction. In the discussion of our results we will commentmore on the role of thermal
conduction and its meaning with respect to our ndings.

3.3 The instabilities combined

In the context of shell fragmentation it is very useful to study the e ects of all the aforemen-
tioned instabilities simultaneously, since each of them wl contribute to the dynamics of the
formed phases, if any. We naturally expect, however, that eeh instability will be dominant
in di erent regimes, according to the size of the shock and tle general properties of the gas.

Heitsch et all (2008a) explored precisely this subject, sepating the phase space of the
gas into di erent regimes. Figure[3:3 from their paper illustrates the result:

To visualize this result, in Figure 3.4 we plot contours of the gas temperature for an
idealized setup, designed to study the fragmentation of a stick due to these three instabilities.
In this setup, a very thin slab between two in nite, high-Mach ows is perturbed. This is
expected to trigger the NTSI and in turn, the Tl and the KHI. Th e Figure shows the results
of two-dimensional hydrodynamical simulations of this setip after the instabilities have had
signi cant time to develop. Shown on the left is the result of a Mach 1 ow and on the right
the result of a Mach 3 ow. In accordance with previous ndings, we see that di erent ow
Mach numbers lead to slightly di erent results: Although both shocks are fragmenting, the
one on the left shows more clumpy structure, signature of theTl, while the shock on the
right is more violently disturbed by the NTSI, as indicated by the large nger-like strucures
growing perpendicularly to the slab.
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Figure 3.3: Instability regimes in density and temperature space. The &bblack line shows the cooling-heating
equilibrium curve. Cooling instability causes fragmentatn in the regions with positive slope and gravity is important
in the regions with negative slope. Red hatching shows wheatgnamics (KHI, NTSI) dominates over cooling and
blue hatching shows where the TI dominates dynamics. (Figuredicaption from|Heitsch et al. (2008a))
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Figure 3.4: Simulations of a perturbed slab, bounded on each side by annite ow. On the left, a Mach 1 ow.
On the right, a Mach 3 ow. The colors indicate di erent contour levels of the logarithm of temperature. The
physical scale is of 44 pc at each direction.
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3.4 Some comments on turbulence

| Considering now a non-ideal uid, that is, a uid the kinemat ic viscosity of which is not neg-
ligible, and also assuming incompressibility of the uid ow, the equations of hydrodynamics
3.4 and[3.10 become:

r-u =20 (3.54)
@ _ 2
@t+u ru = r p+ r-u (3.55)
where is the kinematic viscosity of the uid. Equations and are usually referred
to as the Navier-Stokes equations.

In principle, the Navier-Stokes equations, supplemented wh appropriate boundary and
initial conditions, include all the information we need in order to predict the behavior of a
uid ow. However, even from everyday life, we are aware of ows which behave in a highly
unpredictable manner, such as the smoke of a cigarette as itiges in the air, or the ow of
water behind a boat. These are examples of ows where the pa#irn changes rapidly, showing
a dynamical, almost chaotic behavior. These kind of ows arecalled turbulent ows.

The study of turbulence has puzzled theoretical and experimantal physicists for centuries,
for the obvious reason that, in most cases, there appears toebno way to predict the ow
patterns seen in experiments directly from the Navier-Stoles equations, even when we know
the boundary and initial conditions with high accuracy. Fortunately, however, it is possible
to formulate hypotheses based on the experimental data andhen, from equations[3.54 and
derive laws that can help predict properties of the ows

One very important parameter in the study of turbulent uid  ows is the Reynolds number.
It is de ned as

R = Lv (3.56)
where L and V are a characteristic length and a characteristt velocity of the system under
study, respectively. It can be shown that the Reynolds numbe is in fact the only cotnrol
parameter for a self-similar, incompressible ow, that is, a ow with de ned geometrical
shape. A well-known example of such a ow, the ow behind a sald circular cylinder, has
been studied extensively both in experiments and in simulabns. Such studies show that the
transition from a laminar (ordered) ow to a turbulent ow is only controlled by the Reynolds
number. As the Reynolds number increases, the ow graduallyloses its symmetries, until it
eventually becomes turbulent.

For high Reynolds numbers, when the uid is well into the turb ulent regime (a state usually
referred to as "fully developed turbulence") there are two well-established experimental laws:
The two-thirds law and the law of nite energy dissipation.

The two-thirds law states thap,) in a tugbulent ow of very hig h Reynolds number, the

mean square velocity increment, (u (I))2 between two points, seperated by a distance |,

behaves as the two-thirds power of the distance:
D E
(u@n? 7/

The contents of Section [34 can be found in|Frisch (1996). The phrasing of the experimental laws and
theoretical hypotheses has been quoted almost word for word from that text for exactness.

|2=3 (3.57)
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The law of nite energy dissipation says that, if in an experiment on turbulence all the
control parameters are kept the same and only the viscositys varied, brought to the lowest
value possible, then the energy dissipation per unit mass athe uid, dE=dt, behaves in a
way consistent with a nite positive limit

These two experimental laws have been included in the form ahree hypotheses, in order
to derive the famous Kolmogorov (1941) theory for turbulene@. This theory, in accordance to
what we explained above, can only predict some statistical spects of the ow, under certain
conditions. It is, however, the closest we have to a theoretial description of turbulence.

The rst hypothesis is formed to reconcile the apparent incosistency of the mechanisms
that generate turbulence with the ow symmetries. The scaleinvariance typically observed in
turbulent ows must also be reconciled with potential boundary e ects. Then the hypothesis
is made that, in the limit of in nite Reynolds number, all the possible symmetries of the
Navier-Stokes equations, usually broken by the mechanismgroducing the turbulent ow, are
restored in a statistical sense, at scales small compared tihe integral scale and away from
the boundaries.

The term "integral scale" above de nes the length scale on with the turbulence driving
mechanism operates. This, in the case of the ow past a cylindr, for example, would be
the diameter of the cylinder. According to the rst hypothesis then, the scales for which the
Kolmogorov theory is valid are always smaller than the integal scale, so that we do not have
to worry about e ects due to the distance from the turbulence driver or boundary e ects of
the uid.

The second hypothesis is necessary in order to explicitly gxess the scale invariance
of turbulence. Since in principle there are in nite possibiities for the scaling exponent of
the ow, giving rise to in nite similarity groups. Under the same assumptions as the rst
hypothesis, the turbulent ow is self-similar, in other words it possesses a single scaling
exponenth 2 R such that

u(r; = M

The third and nal hypothesis that goes into the Kolmogorov ( 1941) theory is that, under
the same assumptions as in the rst hypothesis, the turbulem ow has a nite, non-vanishing
mean rate of energy dissipation, per unit mass.

Using these hypotheses, Kolmogorov derived the rst and on} exact result obtained so far
to describe a turbulent ow, his famous "four- fths law". De ning the longitudinal structure
function of order p as

Sp(l) Ukqy © (3.58)

we can now express this law: In the limit of in nite Reynolds number, the third-order longi-
tudinal structure function of homogeneous isotropic turbulence, evaluated for length intervals
| small compared to the integral scale, is given in terms of te mean energy dissipation per
unit mass, (assumed to be nite and non-vanishing) by

4

ug(r;® = z! (3.59)
Equation is not only an exact, non-trivial result of the Navier-Stokes equations, but it
can also be shown to stand, to an order of magnitude approxim#on, also for compressible
ows.
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Using the self-similarity hypothesis and dimensional argments, it can be shown that
Kolmogorov's four- fths law implies a power-law energy power spectrum in Fourier space:

E(kk) %k >3 (3.60)

Relation is an important scaling law for turbulence andwe will be using it in our simu-
lations.

Another interesting result of dimensional analysis relates to the numerical resolution nec-
essary for modelling a turbulent ow. Using the velocity ug and the length Iy at the integral
scale, the expression with dimensions of energy dissipatioof unit mass is = ud=lp. The
dissipation scale of turbulence, expected to happen at theigcous scale from molecular in-

1=4
teractions, is = 2 . Then the ratio of the integral scale to the dissipation scaé will

be 1=4
lo 3 -

- = R3:4;
|0U8
a function of the Reynolds number. This means that, for examge, in order to simulate a ow
of Reynolds number, say, 10000, we need at least 1000 grid kseper integral scale.
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Chapter

Previous Work

4.1 Molecular Cloud Formation

In the previous Chapters we introduced some general featuseof the ISM as they are known
from observations, as well as the basic theoretical backgumd necessary to understand the
gas physics relevant to the dynamics of the ISM. Here we givehie motivation for the work in
this thesis, which focuses on the formation mechanisms of f1CNM and potentially molecular
clouds as well.

Due to its very high density, molecular gas amounts to only a mall fraction of the volume
of the Galactic interstellar medium, but it dominates inter stellar mass , ). More
speci cally, only 1-2% of the gas volume in the Galactic diskis in the molecular phase, but
it makes up about 50% of the total gaseous mass.

In Chapter Pl we mentioned that this phase of the interstellar medium exists in galax-
ies in highly irregular clouds, with very clumpy, almost fractal structure. The large-scale
morphology of these clouds is very lamentary, according toobservations in di erent wave-
lengths (Schneider & Elmegreen, 1979; Lada et al., 1999; Hamann, 2002;|Lada et al., 2007;
Molinari et al.| thd) mainly capturing CO transitions and dust absorption or emission and
thus probing slightly di erent gas temperatures and densities. The internal density distribu-
tion of molecular clouds is extremely hierarchical, with lage, di use structures hosting dense
cores. Molecular clouds, as well as the dense cores in themtérior, show a mass distribu-
tion that can be very well described by a power-law. For the mases of molecular clouds in
our Galaxy the power-law index is about -1.7 (ie_Parmentier £011)), while for the prestellar
core mass function the slope is shallower, of about -1.3 (ie Ifes et all (2007)). This be-
havior indicates a very dynamical nature of the interstellar molecular gas. Explaining these
morphological features is the main driver of this work.

Nevertheless, maybe the most important fact about molecula clouds is that they are
the sites of all observed star formation. In fact, there is a ery well-known correlation of
the column density of molecular gas with the star formation rate of a galaxy at large scales

This chapter is largely an adaptation of the introduction se ction of Ntormousi et al.|(2011).
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(Wong & Blitz) 2002; Kennicutt et al., 2007). Evidently, the y must become gravitationally

unstable at some stage of their evolution. On the other handa typical molecular cloud mass
is about 10* > M , with a typical temperature of 50 Kelvin, which makes its collapse time
under its own gravitation very short. Any model aiming at explaining star formation should
then account for the fact that, not only will such a cloud give several stars of typical masses
around 1 M , instead of a single, 16 > M object, but it will form them at a gas-to-stars
conversion e ciency of only a few percent tZu_QKQLmﬁ.n_&_EMa.an llQ_Ul).

There are many ideas as to why this should be so. One possiblelstion is that these clouds
be sustained by strong internal motions, which can provide asupport against gravitational
collapse in the form of an additional internal pressure. Lukily, this view is also supported by
the large non-thermal line widths typically observed in molecular clouds, which do indicate
internal supersonic turbulence (Falgarone & Phillips, 199;\Williams et al., |20_0_®) Turbulence
is also an elegant mechanism to fragment the cloud in smalleclumps, which can decouple
from the rest of the cloud and become gravitationally unstalle to give lower mass objects
(Larson, [1981;| Padoan| 1995; Klessen, 2001).

The interpretation of the aforementioned properties of mokcular clouds in combination is
a very challenging task, but it can be somehow alleviated by eeking a common characteristic
to them, one they could inherit from the cloud formation process. If we identify this com-
mon quality as non-linearity, then a natural formation mechanism for molecular clouds is a
combination of uid instabilities (@l

One general example of an environment that would seed a noriFear uid evolution, and at
the same time could assemble the large amounts of gas necegs@ar the formation of molecular
clouds are large-scale converging atomic ows, an idea praysed byLB_a_H_QSIQLQS;EaLeﬂﬂs_eLéI.
(1999) and|Hartmann et all dg_oﬁl) to explain the fact that stellar populations in local star-
forming clouds have age spreads that are signi cantly sma#r than the lateral crossing time of
the cloud. Such ows could in principle be anything from expanding shells (Elmegreen & Lada,
11977a; McCray & Kafatos,|19878), to colliding shells |(Nigraet al., [2008), or ows enerated
by large-scale gravitational instabilities (Yang et all, [2007;|Kim & Ostriker] 2002, 2 2006).

Pringle et all

(IZD_Qi) proposed an alternative mechanism fomolecular cloud formation by
agglomeration of gas which is already molecular. Althoughhe formation of large clouds from
smaller, already molecular clumps is a possible scenario (bbs et all,|2011), there is still no
observational evidence for the existence of a large molearl gas reservoir in the ISM outside
giant molecular clouds.

(120.01‘5 LZQD_da) studied the formation of cold ad dense clumps between two
in nite ows which collide on a perturbed interface. Their s tudy showed that cold structure
can arise even from initially uniform ows if the condltlons favor certain uid instabilities,
such as the Non-linear Thin shell instability (NTSI, @h)) the Thermal Instability
(@ @) and the Kelvin-Helmholtz instability. We wil | discuss each of them in detail in
the following chapter.

- ' . |(20_Q|6L20_Cb7) used colliding cylurical ows of tens of parsecs
length, adding random velocity perturbations to the average ow velocity. This allowed them
to study star formation e ciencies and the fates of individu al clouds.

These numerical experiments have investigated the mechasins which lead to the conden-
sation and cooling of atomic to molecular gas and which causthe complex structure of the
resulting clouds, independent of the speci ¢ mechanism driing the ows. In a further im-
provement of these models, in this work we study the possihitly for cold structure formation
from colliding ows of limited thickness. Speci cally, we model the expansion and collision of
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thin shells, created by wind- and supernova-blown superbubles numerically and study the
formed structures.

4.2 Shell fragmentation and collapse

Stellar feedback is a very powerful source of thermal and tusulent energy in the Interstellar
Medium (ISM). Young massive stars, namely stars of O and B spetral types, produce ionizing
photons, expel large amounts of mass in winds and end theinles in supernova explosions, all
processes which shape the matter around them in shells anddties. Young OB associations,
as groups of between 10 and 100 such stars are commonly calledill create giant shell-like
shocks in their surrounding space from the combined e ect otheir member stars. Such shells
have been repeatedly observed in our Galaxy in various wavehgths (Hﬂlﬁé,LlQ_ﬂQLl%m
Ehlerowa & Palows,| 2005! Churchwell et al.} 200€).

These shells are potentially unstable to non-radial pertubations as they expand, as shown
by various analytic studies of thin, shock-bounded or pressre-bounded slabs ,
11994;| Vishniac & Ryu, 11989). Vishniac's analytical work on &ell fragmentation has been
brie y presented in section[3:Z1. On the other hand, pertubations on large, self-gravitating
shells are able to grow to the point where they can collapse tdorm stars

;| Whitworth et al.| 1994), a scenario usually referred ¢ as the "collect-and- collapse
model. This process has been proposed as a trigger of star foation in many environments
(Elmegreen & Lada,|1977b] McCray & Kafatos, ).

An extensive numerical study of the instability of expanding shells, taking into account
nonlinear e ects and the di erent parameters entering the shell expansion was presented in a
series of papers bi( Dale et dI.L(;Oj)QL Winsch et AI.L(;O_iO)mj Dale et all leLi)- The focus
of that work being only the gravitational instability of the shells, it is interesting to carry
out an analysis of shell fragmentation due other instabilifes, such as the Non-linear Thin
Shell Instability ( ) for comparison. This is one of the numerical experiments
contained in this thesis.

Giant shells are expected to collide with each other as neidioring stellar associations
evolve (de Avillez & Breitschwerdt, 2004; Nigra et al.,[2008, but whether or not these colli-
sions happen before or after the shell has had time to fragmémnd gravitationally collapse is
not clear. If the shells were to collide before star formatio had occurred on their surface, the
collision could trigger a phase change from the atomic gas gfaered by the shocks to molec-
ular gas, thus forming molecular clouds by the mechanism desibed brie y in the previous
Section. The detailed processes which lead to this phase tnaition will become clearer in the
following Chapter.
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Chapter

Numerical Method

5.1 Solving the equations of hydrodynamics on a grid

| In order to solve the equations of hydrodynamics numericalf, they need to be discretized in

space and in time. There are various approaches to this probim, depending on the choice of
the form of the equations and on the details of the numerical mtegration scheme. Here we
will brie y discuss the Eulerian class of methods because icontains the algorithm we have

used in our work. Eulerian methods discretize space on a meshsually Cartesian, and follow

the evolution of uid variables on the xed locations of the grid points.

In principle, this class of methods rst calculates the spaial derivatives that appear in
the equations of hydrodynamics, treating them at the right-hand side of the equations, and
then advances these quantities in time by a discrete step dttreating the temporal derivatives
as the left-hand side f the equations.

It is easy to understand that, when studying the propagationof a uid on a grid, there is
a point in the calculation at which the ux of material across the grid cell surfaces needs to be
calculated. This is how the advection terms can be approximted in the grid con guration.
The foundation for the class of methods we are going to be disissing here is the so called
"Riemann problem".

The Riemann problem is de ned for an initial state of the uid where all the variables
are strictly constant for, say, positive x and strictly constant for negative x, but their values
change atx = 0. g = q forx< Oandqg = or for x > 0, where g represent each of the
hydrodynamic variables. It is now obvious how this problem elates to solving the equations
of hydrodynamics on a grid; at the smallest scales, each gridell contains a state of the uid
which is constant across its length. The neighboring grid ck will, in principle, contain a
di erent (constant) state of the uid and the Riemann proble m is perfectly de ned at their
boundary.

In order to solve the Riemann problem for hydrodynamics, oneneeds to rewrite the

The short introduction to the Riemann problem contained in S ection 5.1 is from "Finite Volume Methods
for Hyperbolic Problems" by Randall LeVeque.
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equations[3:4 31D and_3.21 in a matrix form:

0 1
0 1 Uy o- 0 1

@@y A 4 B P @@,.A -
5.2 + Bt & Uy }E@X@ux -0 (5.1)

e 0 P Uy e

where we have written the equations only for one component athe velocity, uy, e is the total

energy per unit mass of the uid element, = @@e is called the "Gmaneisen exponent"
and¢®= &P + P &P s the sound speed. This form of the equations makes it a lot

easier to search for the eigenvectors of the system.

From a calculation we will omit here we get three eigenvectos, each representing a quantity
called a "Riemann invariant". A numerical solver will have t o calculate these quantities at
the cell interfaces. The solution can be pictured as waves pipagating in the uid contained
in a grid cell. One class of waves contains the information fothe propagation of the uid
itself and two are sound waves, one moving in the positive andne in the negative x-direction.
The discrete step for advancing the equations in time will bedecided on the condition that
these waves not have time to cross the cell length in one timésp.

This is actually the basis for a numerical method called the Gdunov method. In this
method, a grid is de ned by the centers of its cells. If we imagne that the x-direction has
been discretized, then the state of the gagj’ at time step t, is known at the locations x;, the
centers of N intervals on the one-dimensional space we are rsidering. The cell interfaces
are then x;,1 -, each betweernx; and xj+1 . The Riemann problem can be solved at each one
of these intervals to give the transition of the uid from one cell to the next. The time step
for the numerical code will be chosen such that solutions from neighboring cells not overlap:

t min( t) (5.2)

where
t = Xi+1=2 Xi. 1=2 (5.3)
max( i 1=2k+) MIN( jr1=2x )

and ; j;-k+ denotes the maximum positive eigenvalue of the matrix in eqation B at
interface x; 1-, and .15 the most negative eigenvalue at interfacex;,; -,. This criterion
is essentially a mathematical expression for what we desdyed in words above: The timestep
should be smaller than the time it takes the fastest waves to wss a cell length, so that the
solutions do not overlap.

In Godunov schemes, in short, the solution advanced in time gposition x; from time step
th to th+1 iS given by

Fh._, FM._
+1 _ qn + ot i+1=2 i 1=2 (54)

Xit1=2 Xj 1=2

n

G

whereF/",
problem.
For the numerical simulations in this work we have used the pblicly available RAMSES
code MHEZ), a Eulerian Cartesian code using a Gadov scheme to solve the equa-
tions of hydrodynamics. The code has Adaptive Mesh Re nemeh(AMR) capabilities, of

which we have made use in some of the simulations in this thesiand which we will shortly

_andF" ,_, arethe uxes calculated at the cell interfaces by solving tre Riemann
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discuss in the following Section. We will introduce the gengal features of the code, as pre-
sented by its author, as well as adaptations we have made to Exted modules to simulate
physics speci ¢ to our purpose.

5.2 The RAMSES code

| The RAMSES code has been designed to treat problems relevaitd cosmology, so it contains
both an N-body solver, used to calculate the gravitational nteraction of collisionless compo-
nents such as dark matter and stars, and a hydrodynamics sobr with AMR capabilities in
order to capture the full dynamical range of cosmological sgtems.

In this work we have not made use of the N-body solver of the coal at all, so we will
not discuss it further. AMR, on the other hand, can be a very ugful tool when studying the
physics of the ISM. It is evident from what we have discusseda far that the scales relevant
to the study of interstellar gases range from galactic (kpc) to scales where protostellar disks
are found (10 2 pc). Evidently, the resolution required to capture the evolution of the gas in
all of these scales at once is enormous, making such simulatis prohibiting.

Fortunately, in a numerical simulation of such a structured system, the resolution does
not have to be as high in all regions of the computational doman. For instance, the evolution
of the gas within a supernova shell are much more dynamical ahstructured than inside the
hot gas bubble. AMR gives us the possibility to resolve only he regions of interest in our
simulations, and to let the code decide which these regionsra as the simulation advances.
In this way our simulation becomes much more e cient and requires less resources.

In order to achieve AMR, the code is not structured on a basis bsingle cells, but rather
uses "octs", groups of 3™ cells grouped together as the elements of computation, dim et
noting the number of dimensions of the simulation. Each oct goup belongs to a level of
re nement I, which is advanced in time independently.

When certain criteria are ful lled at re nement level I, say, then an oct is divided into
its components and the evolution of the uid variables is not followed on levell + 1. Of
course, the actual implementation of this process in the coe is more complicated, due to the
necessary optimization for parallelization and for higherperformance in general.

The criteria for the re nement of the grid can be geometrical, they can be based on the
gradients of hydrodynamical quantities, or can relate to the mass contained in an oct. We
will discuss this in more detail in Chapter 8.

The equations of hydrodynamics are solved in the code in theiconservative form:

gt+ r (u) =0 (5.5)

@@“t) +r(u wW+rP = ¢ (5.6)

@@;t) +r [u(et+tp=)] = u r (5.7)

with the uid pressure de ned as p = ( 1) e %uz , Is the adiabatic index and the

gravitational potential. Equation %5.7]lconserves energy eactly, if we ignore the term due to

Here we limit ourselves to the parts of the code we have used. Adetailed description of the code and its
full capabilities can be found in Teyssierl (2002).
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gravity. In Section we will discuss additional sources ad sinks of energy relevant to our
work.

5.3 Sources and sinks of energy

5.3.1 Implementation of a new cooling and heating module

In Chapter Pl we introduced the cooling and heating processesf interstellar gas and we
explained that they are of extreme importance for the formaion of phases in the ISM. It is
therefore essential that we include these processes in ouinsilations.

The cooling-heating function follows Wol re et al./(1995) and (1972)
in the low temperature regime (T < 2500 ) and [Sutherland & Dopital (1993) in the high-
temperature (2500K < T < 10°K) regime. The cooling and heating rates have been dis-
cussed in Sectioi Z.6]2 and are shown in Figuie 2.8 as a funati of density and temperature.

At each timestep of a re nement level and for each cell, the cde calculates the gains and
losses of the gas from this tabulated function, according tahe state of the gas in the cell.
Then it adds or subtracts the appropriate energy from that cdl before advancing the solution
in time. The timestep has to be adjusted accordingly, so thatthe cell does not acquire a
negative temperature when the cooling rates are very high.

5.3.2 Implementation of a winds

In this work we are studying the impact of hot gas from young massive stars to the surrounding
gas and the triggered formation of structured, cold gas.

The implementation of the energy and mass feedback from suchtars for RAMSES has
been done by Katharina Fierlinger as part of her PhD work, so lere it will only be shortly
presented. The model for the feedback from massive stars igqvided from Voss et al. tZD_Qb).
The population synthesis model presented therein providethe energy and mass injection from
an "average star" of an OB association with time. Such a star epresents an entire population
according to a stellar Initial Mass Function, in that its feedback includes the contributions
from stars of all spectral types.

Figure 5.7 shows the energy and mass injection rate from oneush star with time, from
the combined e ects of stellar winds and supernova explosias.

The domain where feedback is active is de ned as a circular igion where the cells receive
an extra energy and mass at the beginning of their time step. hat energy and mass, taken
from a tabulated form of the data shown in Figure[5.1 are weigked according to the number
of stars the OB association is assumed to contain and to the ption of the cell that is found
inside the region. More details on the wind implementation h RAMSES can be found in
Fierlinger et al. (2011, in prep.)

5.4 Creating turbulent initial conditions

In order to achieve a turbulent initial condition for the di use medium, we set up a turbulent
velocity eld according to Mac Low et al.| (L998), that is, we introduce Gaussian random
perturbations in Fourier space, in a range of wave numbers tmk =1 to k = 4.

The root mean square (rms) Mach number of the turbulent ow is chosen close to unity,
so that the turbulent kinetic energy of the gas is equal to itsthermal energy. The energy
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Figure 5.1: Time dependence of the wind properties for an "average starThe solid line shows the energy injection
rate in units of solar luminosity and the dashed line shows theass injection rate in solar masses per Myr. The
data are from|\Voss et al.|(2009)
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equipartition assumption between thermal and turbulent kinetic energy is consistent with the
[%;Jlent velocity dispersions calculated for Galactic HI (MI | Haud & Kalberla,
).

After this initial velocity eld is calculated, it is introd uced as an initial condition to the
code, using a uniform hydrogen density ofny = 1=cm® and temperature T=8000 K. The
evolution of the gas is followed isothermally and with perialic boundary conditions until the
density-weighted power spectrum of the turbulent velocity eld has a power-law slope close to

) and the density eld loses the signature 6 the initial conditions. During
this time the Mach number is kept constant by driving.

The resulting velocity, density and pressure structure is ©sed as an initial condition for
the simulations of bubble expansion.

In these calculations the driving of turbulence in the di use medium has been neglected,
since the turbulence crossing time for our computational dmain (t;r ' 86 Myrs) is much
longer than the entire simulation. We can therefore safely asume that there are no signi cant
energy losses due to dissipation on this time scale.

5.5 Simulation setup

We simulate a region of physical size equal to 560pc?, with a resolution of 4096 points at
each dimension. This yields a spatial resolution of about @ pc. An 8192 resolution run
has also been performed but, due to its high computational cst, only for limited integrations
and for testing some resolution e ects. Although a 0.1 pc reslution is not su cient to
resolve the smallest structures in the ISM (see for examplejiscussion in Hennebelle & Audit
)), many of the clumps which form in these simulationscan still be resolved adequately.
Structures that fall near our resolution limit are not taken into account in our analysis.

As an initial condition we use either a uniform or a turbulent di use medium, of hydrogen
density ny = 1=cm?® and temperature T=8000 K. In the case of the turbulent medium these
are, of course, average quantities. We assume the backgrodito be an ideal monoatomic gas
with a ratio of speci ¢ heats equal to 5/3 and mean molecular weight = 1:2my.

The metallicity assumed in the simulations is solar. Our intial condition is chosen to
lie on a stable point of the heating-cooling equilibrium cuwe, so that the thermal instability
cannot be triggered unless the medium is externally perturled. Of course, this is not exactly
true everywhere for the turbulent case, but density uctuations are not large enough to lead
to a two-phase medium without triggering from the shocks.

In this diuse medium we insert time-dependent winds that are meant to mimic the
combined e ects of winds and supernova explosions in young B associations. We include
two wind regions, placed on the edges of the computational doain and we assume them to
form simultaneously. We follow their expansion into the di use medium until they collide and
a turbulent region arises at their interaction region. Re ecting boundaries are used along the
x-direction and out ow boundaries along the y-direction.

These calculations include no external gravity eld or selfgravity of the gas.

Time zero for the simulation is when star formation starts in the wind areas. The system
is evolved in time until boundary e ects become potentially important, which is 7 Myrs for
both simulations.
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Formation of cold laments from colliding
shells

6.1 Shell collision in a uniform di use medium

In order to study the expansion of the superbubbles and the deelopment of uid instabilities
relevant to it, we rst simulated the two wind regions in a hom ogeneous di use background
medium. Figure[6.1 shows two snapshots of the simulation indgarithm of temperature and
logarithm of density.

During the expansion of the superbubbles we observe three ects from three di erent
uid instabilities. The acceleration of the shock leads to the NTSI, which focuses material
on uctuation peaks. These condensations are unstable to ta Thermal Instability, so they
condense and cool further. The velocity shear caused by the T8I at the same time also
triggers the Kelvin-Helmholtz instability.

As one can see in Figuré 6]1, the NTSI develops faster along ¢hx and y axes, where
we observe more pronounced " nger-like" structures, chara&teristic of this instability. This is
clearly a resolution e ect. Vishniac & Ryul(1989) showed tha for an expanding decelerating
shock there is a critical overdensity with respect to the posshock gas above which the shell
is unstable. The authors estimated this critical overdensly to be of the order 25 for a wind-
blown shock. Since in our simulations we do not resolve the satlest cooling length adequately,
gas cannot be condensed into as small a volume as it should becarding to its cooling rate.
Along the x and y axes though, for a Cartesian grid, the grid cdls are closer together than
along the diagonals, leading to an e ective smaller distane over which the shock can compress
the gas in one timestep. Thus along the x and y axes the uid canbe compressed slightly
faster, then the critical overdensity can be achieved earér and the instability arises earlier.
As mentioned in previous sections, we have performed a tesun with 81922 resolution for
comparison, but have not been able to suppress this featureHowever, the faster growth of

Chapters [Bl and[7 are an adaptation of the results section from [Ntormousi et al.|(2011).
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Figure 6.1: Superbubble collision snapshots in a uniform di use medium.Id®ted on the top panels is the logarithm
of the hydrogen number density in log(cm®) and on the bottom panels the logarithm of the gas temperaturi
log(K). Left: 3 Myrs after star formation, right: 7 Myrs after star formation
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the instability along these two lines does not a ect the average clump formation time and the
clump properties in any measurable way.

We mentioned above that the resulting cold and dense structtes are a result of the Ther-
mal Instability. However, our simulations do not include thermal conduction and therefore
cannot, by de nition, ful Il the "Field criterion”. This cr iterion sets the resolution necessary
for a proper simulation of the Thermal Instability. It essentially states that, in order to ac-
curately represent the smallest structures created by the T, one needs to resolve the "Field
length”, ¢ with at least three grid cells. The Field length is de ned as:

~ T 1=2
F = o

, Where is the coe cient of thermal conductivity of the uid and ist he cooling rate of the
gas per unit time. Simulations that do not include thermal conduction may be susceptible to
arti cial phenomena near the resolution limit with no appar ent convergence with increasing
resolution, since thermal conduction has a stabilizing e &t against the Thermal Instability
(Koyama & Inutsuka, ZO_OAI).

This stabilization is discussed in| Burkert & Lin/ (2000), who studied the Thermal Insta-
bility both analytically and numerically for a generic, power-law cooling function. They nd
that density perturbations below a certain wavelength are dways damped by thermal con-
duction. This wavelength depends on the shape of the coolindunction, and in our case
would be roughly 4 times the Field length. For typical warm ISM values, that is, a thermal
conductivity of about 104 ergs cm * K ! sec 1, a temperature of T=8000 K and a hydrogen
number density of n=1 cm 3, and for a cooling rate of 10 ?® ergs sec?, the Field length
is about 0.03 pc and four times this length is about our resoltion limit. This means that,
even though our resolution is marginal for resolving the smbest unstable uctuations, higher
resolution without the explicit inclusion of thermal condu ctivity would produce arti cially
small structure. Of course, for lower temperatures and higker densities the Field length is
much smaller, so unstable density uctuations due to Thermd Instability within our clumps
are not resolved.

Figure 6.2 shows a close-up of the last snapshot of this runnilogarithm of density and
pressure. It is evident from this Figure that all clumps have lower pressures with respect to
the rest of the gas.

Clumps are identi ed by selecting locations with hydrogen number density greater than
50cm 3 and temperature smaller than 100 K and using a friends-of feends algorithm to link
such adjacent locations together. This group of cells is the identi ed as a single clump. The
density and temperature threshold is clearly an approximaton, to account for the fact that
these simulations do not include molecule formation and thecooling function we are using
assumes optically thin gas. For the following analysis onlystructures which contain more
than 16 cells are considered. Smaller structures do not coatn su cient information and are
disregarded as under-resolved.

Figure shows the gas phase diagram at the end of the simulan. The plot shows
all the gas in the simulation, color-coded to its corresponthg mass fraction in the simulated
box. The solid line is the cooling-heating equilibrium cune for the warm and cold gas and
the red crosses are average clump properties. As an indicati for the gas temperatures,
three isotherms have been overplotted. Most of the gas massems to be in the cold phase
({ see also Figure[6.%), but there is also about 14% of the gas ass in the warm, thermally
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Figure 6.3: Pressure versus hydrogen density of the uid in the box for ¢huniform medium run. The plot is from
the last snapshot, 7 Myrs after star formation. The gas has beéinned and color-coded according to the mass
fraction it represents. The solid line is the cooling-heaiy equilibrium curve for the warm and cold gas and the
dashed lines show the locations of three isotherms. Red cessare average clump quantities.



54 CHAPTER 6. FORMATION OF COLD FILAMENTS FROM COLLIDING SHE LLS
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Figure 6.4: Gas fractions with time for the uniform medium run. The dashedueve shows the mass fraction in
the warm gas phase, the solid curve shows the mass fraction e thot gas phase and the dotted curve the mass
fraction in the cold phase. (Hot phase: gas witih  2500K , warm phase: gas withlOOK < T < 2500 , cold
phase: gas withT 100K )
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Figure 6.5: Number of identi ed clumps with time. Clumps were only counted ithey included more than 16 dense
and cold cells. The solid curve corresponds to the run in a form di use medium, while the dashed curve to the
run in a turbulent di use medium.

unstable regime. This gas is pushed from the stable to the urtable regime by the momentum
inserted by the wind. Some of this thermally unstable gas isdcated around the cold clumps,
forming a warm corona. We will return to this in the following chapter. The clumps lie on the
equilibrium curve, as does the coldest gas, as expected froolumps formed by the Thermal
Instability.

Figure 6.4 shows the mass fraction of the gas in each phase dfe gas with time. We de ne
cold gas as gas with temperatured < 100K, warm gas to lie in the temperature regime of
10K < T < 2500K and hot gas to have temperaturesT > 2500K . The simulation starts
with almost entirely warm gas in the box. As time goes by more ad more cold gas is created.
Since the hot gas is very dilute, it only amounts to approximaely 1 percent of the mass
throughout the simulation. In the end of the simulation we have approximately 85 per cent
of the mass in cold clumps and 14 percent in the warm phase. Thenass injected by the
OB association amounts to less than 10° of the total mass in the domain throughout the
simulation.

Figure 6.3 shows the total number of identi ed clumps with ti me for each simulation. At
the end of this simulation more than 400 clumps have formed. Tis is not due to the new
clumps formed by the TI, but also due to the fragmentation of dready existing clumps.
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6.2 Shell collision in a turbulent di use medium

In the same way as in the case of a uniform medium, here as wellenobserve the formation
of cold and dense structures from the combined action of the WSI, the Kelvin-Helmholtz
and the Thermal Instability. The main di erence in this case is the anisotropy caused by
the turbulent density and velocity eld to the formation of ¢ lumps, as illustrated in Figure
[6.8. The shell on the left-hand side fragments very early onn some locations, already at less
than 1 Myr after star formation, but the shell on the right-ha nd side fragments much later, at
around 3 Myrs after star formation. Rotating the initial con ditions by 180 degrees produces
the exactly opposite e ect.

This is caused by the di erence in the background velocity eld and is related to the range
in which the Vishniac instability exists ( @). The smallest and largest unstable
wavelength both depend on the relative velocity of the shockbounded slab, in our case the
thin expanding shell, and the background medium. Performimg a simple test with a uniform
background velocity eld indicated that the instability in deed grows rst where the relative
velocity of the shell with respect to the background medium & largest, in agreement with
Vishniac's analysis.

Figure shows a zoom-in of the last snapshot. The picture dre very similar to that
in Figure B.2; the di erent gas phases are almost in pressurequilibrium and clumps have a
thermal pressure almost an order of magnitude lower then thi& surroundings.

After the NTSI starts to grow, the condensed material immediately becomes thermally
unstable and we witness the formation of cold and dense cluny as in the case of the uniform
medium. However, due to the background velocity eld, there are now regions where the
NTSI has a faster growth rate with respect to that of a static medium. This leads to a larger
Kelvin-Helmholtz shear. This is the reason why in this simubtion longer laments are formed
compared to the uniform background medium simulation. Someof these structures are shown
in Figures[6.9,[6.10 and6.111. These gures are zoomed-in ftéons of the full domain (Figure
6.3).

By following these laments from their formation to the end of the simulation, we observe
that they become increasingly more elongated and they conantly fragment into smaller
clumps. Figure[6.I1 shows the time evolution of one of theselaments. Before the shells
collide, the structure is a small clump of cold gas. During the collision, this clump gets
caught in a large-scale shear and becomes more and more elated until, at the end of
the simulation, it has reached a total length of about 100 pc. Note that during the bubble
expansion the clump is not located inside the hot bubble, butrather at the edge of the shock.

The anisotropy in the growth rate of the NTSI leads to the formation of much less clumps
in this simulation with respect to the uniform background simulation, as illustrated in Figure
6.9.

Figure shows the phase diagram of the gas in this simulamn, in the same way as
Figure G3. There are two main di erences with respect to theuniform background medium
run; First, the pressure at low densities (n< 0.1 cm 2) is higher than in the uniform medium
run. This can be attributed to the additional compression from the turbulence. Second, we
note that the clumps in this simulation are at not only at lower pressures with respect to the
hot medium than the clumps in the uniform background run, but are also at lower absolute
pressures than those clumps. This can be explained by congdng the formation mechanism
of the clumps in these simulations. Structures created by tle Thermal Instability have lower
pressures than their surroundings. When Thermal Instabilty has stopped acting on them,
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Figure 6.6: Super-bubble collision snapshots in a turbulent di use madn. Plotted on the top panels is the loga-
rithm of the hydrogen number density in log(cm®) and on the bottom panels the logarithm of the gas temperature
in log(K). Left: 3 Myrs after star formation, right: 7 Myrs after star formation.
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Figure 6.7: Zoom-in of the last snapshot (7 Myrs after star formation) of tle turbulent di use medium run. Plotted
on the left is the logarithm of the hydrogen number density iroj(cm 2) and on the right the logarithm of the gas
pressure in log(K cm®). The axes coordinates are in parsecs.
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Figure 6.8: Simulation snapshot at t=5.3 Myrs after star formation. Plotted here is the logarithm of the hydrogen
number density. The axes are marked in parsecs. The black rembes show the positions of the laments shown
in gures 6.9, 610 and the 5.3 Myrs snapshot of guré6.11
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Figure 6.9: A large lament containing several smaller clumps. Plotted heris the logarithm of the hydrogen
number density in log(cm ®). The snapshot corresponds to the white box centered at x=250c, y=200 pc in the
t=5.3 Myrs snapshot shown in gure[6.8. The axes are marked in psecs from the axes origin. The black contour
corresponds tony =50cm 2
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Figure 6.10: As in gure The snapshot corresponds to the white box ctered at x=225 pc, y=314 pc in the
t=5.3 Myrs snapshot shown in gure[6.8.
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Figure 6.11: Time evolution of a single lament. The plots show logarithm ofhydrogen number density. The
black contour shows the levehy =50 cm 2. From top left to bottom right: 4.3, 4.6, 5.3 and 7 Myrs after $ar
formation. Note the change in scale between the snapshots.
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Figure 6.12: Pressure versus hydrogen density of the uid in the box for éhturbulent medium run. The plot is
from the last snapshot, 7 Myrs after star formation. The gas sabeen binned and color-coded according to the
mass fraction it represents. The solid line is the cooling-&ing equilibrium curve for the warm and cold gas and
the dashed lines show the locations of three isotherms. Redsses are average clump quantities.
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Figure 6.13: Gas fractions with time for the turbulent medium run. The dashikcurve shows the mass fraction in
the warm gas phase, the solid curves shows the mass fractiorttie hot gas phase and the dotted curve the mass
fraction in the cold phase. (Hot phase: gas witih  2500K , warm phase: gas withlOOK < T < 2500 , cold
phase: gas withT 100K )
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they move towards pressure equilibrium with the surrounding medium in approximately a
sound crossing time,cs=L, where cs the sound speed and L the typical size of these clumps.
For a typical density of 10 2! g/cm? and a typical temperature of 50 K, the sound speed in
these clumps is about 0.8 km/sec. At this velocity sound wave will cross a 2 pc long clump
in about 0.6 Myrs. In the turbulent di use background run, cl umps are formed later than in
the uniform background run, which means they are less evoldkand farther from equilibrium.
According to the above calculations, the time di erence betveen clump formation between
the two simulations is about 3 sound crossing times, which ignough for many the clumps in
the uniform di use background simulation to have reached approximate pressure equilibrium
with the hot medium.

Figure 6.13 shows the evolution of the mass fractions of theas in di erent temperature
regimes. Unlike the previous run, in this simulation there s a maximum in the hot gas mass
fraction at about 3.5 Myrs after star formation and a later mi nimum of the warm gas fraction
at around 5 Myrs after star formation. This can be explained by the delayed formation of
cold gas in this simulation. Until the cold gas is formed, thehot gas just compresses the warm
gas. Then the hot gas mass fraction increases, while the warmas mass fraction decreases.
When cold gas starts to form, it quickly dominates the mass, ausing the warm and hot mass
fractions to drop.
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Chapter

Morphological features of the cold clumps

7.1 General

Figure 6.5 shows that we form hundreds of clumps in each snapset of the simulations. This
makes it very di cult to study each of them in detail, especially since they are constantly
merging and splitting. However, we can make some general caments on the morphology of
the identi ed clumps and look into some of their properties.

Clumps are generally at lower pressures with respect to theisurrounding gas ({ see Figures
7.1, 7.2 7.3 and 7.4). This means that the Thermal Instability is still acting in these regions,
causing them to condense further. Two examples of condenginclumps are shown in Figure
7.1. Others (about 11% in the last snapshot of the uniform bakground run and 16% in the
turbulent background run) are rotating. Two examples of rotating structures are shown in
Figure 7.2. Rotation is either combined with compression orit introduces a centrifugal force
which makes the clump expand. Of the rotating cores in the las snapshots of the uniform
and the turbulent background runs, about 25% and about 35% repectively are at the same
time condensing and the rest are expanding. In very few casekess than 1%, the centrifugal
force exactly balances the force due to the pressure di ereze between the interior and the
exterior of the clump.

A small fraction of the identi ed clumps are in pressure equlibrium with their surround-
ings, at least at their most central parts. These clumps do nbtend to host signi cant internal
motions ({ Figure 7.4).

All clumps are surrounded by a warm corona which is more dilué than their cold central
regions and at an intermediate pressure between their presse and the one of the surrounding
gas. This corona usually surrounds more than one clump, indiating that they are parts of
larger structures, such as the ones illustrated in Figures ®, 6.10 and 6.11.

In the following we focus on the velocity dispersions, sizeand possible evolution of the
clumps.
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Figure 7.1: Two examples of condensing clouds. Top panels show the logan of hydrogen number density in
log(cm 3) and bottom panels show the logarithm of thermal pressure ind(K cm 2). The black arrows show the
velocity eld with the mean velocity of the central clump subtacted. Overplotted in black are the contour levels
for ny equal to 50cm 3, 100cm 2 and 1000cm 3.
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Figure 7.2: Two examples of rotating clumps. Top panels show the logarithrof hydrogen number density in
log(cm 3) and bottom panels show the logarithm of thermal pressure ind(K cm 2). The black arrows show the
velocity eld with the mean velocity of the central clump subtacted. Overplotted in black are the contour levels
for ny equal to 50cm 2, 100cm 2 and 1000cm 3.
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Figure 7.3: Two examples of clumps hosting random motions. Top panels sholetlogarithm of hydrogen number
density in log(cm ) and bottom panels show the logarithm of thermal pressure ind(K cm 2). The black arrows

show the velocity eld with the mean velocity of the central elmp subtracted. Overplotted in black are the contour
levels forny equal to 50cm 2, 100cm 2 and 1000cm ©.
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Figure 7.4: Two examples of clumps with small internal velocities. Top palseshow the logarithm of hydrogen
number density in log(cm ®) and bottom panels show the logarithm of thermal pressure ind(K cm 2). The black
arrows show the velocity eld with the mean velocity of the ceral clump subtracted. Overplotted in black are the
contour levels forny equal to 50cm 2, 100 cm 2 and 1000cm 3.
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Figure 7.5: Clump internal velocity dispersion versus their sound speaddi erent times. From top to bottom, 3,
5 and 7 Myrs after star formation. The left panel correspondotthe uniform background medium run, the right
panel to the turbulent background medium run.
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Figure 7.6: Time evolution of the velocity dispersions over sound speeat three isolated cores. The green line

corresponds to a condensing clump, the blue line to a rotatilump and the red line to a clump with random
motions. The data for each clump begin from the snapshot whereewan still identify the clump as being the same.
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7.2 Velocity dispersions

Figure 7.5 shows the internal velocity dispersions of the eimps at di erent times for both
simulations. The velocity dispersion in this context is de ned as the square root of the variance
among all locations which compose the clump. This means thator many clumps a velocity
dispersion may indicate rotation, compression, expansioror random motions. As random
motions here we de ne any combination of rotation and compre&sion or expansion. Since the
clumps have no signi cant internal density uctuations, ma ss-weighted velocity dispersions
are not very di erent from the ones presented here.

Although many of the formed clumps host supersonic motionsn their interior at all times,
there is an indication that these motions decrease at later imes, as shown in the velocity
dispersion plot of the last snapshots. This e ect seems sliggly more pronounced for the
turbulent background run, where the largest internal velodty dispersions have disappeared
in the last snapshot.

In the case of compression or expansion, this means that theumps gradually move to
pressure equilibrium with their surrounding gas. In the ca® of random motions, it indicates
that these motions were inherited by the turbulent environment that created the clumps but,
in absence of any mechanism to sustain them, they die out. Inhe case of rotation, though,
the situation is a bit more complicated. Rotation could be ane ect of the large-scale Kelvin-
Helmholtz shear, it can originate from Thermal Instability accretion or can be a result of
structures splitting or merging. Angular momentum consenation sustains these motions for
longer, so we would only expect them to decrease on a viscounescale.

In order to study if the decrease in internal velocity dispession is observable for individual
clumps, we tracked some of them back in time and plotted theirvelocity dispersion evolution.
Since dense structures are created all the time and clumps mge or split at each snapshot, it
is very di cult to construct an algorithm able to automatica Ily identify a clump in di erent
shapshots. Instead we identi ed the clumps by eye accordindo their positions and transla-
tional velocities. We focus here on three examples: a rotatig clump, a contracting clump
and a clump with random internal motions. Their velocity dis persions over their correspond-
ing sound speed as a function of time are shown in Figure 7.6.i1®&e clumps evolve almost
isothermally, their sound speed does not vary signi cantly during the interval shown in the
plot. The green line corresponds to a contracting clump, theblue line to a rotating clump
and the red line to a clump with random motions. All three clumps show some decrease in
velocity dispersion with time. Although we are not able to make a complete study at this
stage, we observe that the rotating clump practically maintains the same velocity dispersion
throughout its existence, showing only a slight decrease, kile the condensing clump and the
clump with random motions show a decrease in velocity dispesion. For the condensing clump
this decrease is especially pronounced.

7.3 Sizes

Figure 7.7 shows the size distribution of the clumps at di erent times for both simulations.
The sizes are calculated as the square root of the area occepi by the clump. Although we
do not form clumps larger than approximately 3 pc, the maximum clump length can reach
about 10 pc. This means that structures may have one very larg dimension, but they occupy
a very small area.
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Figure 7.7: Clump size distributions in parsecs at di erent times. The ptoon the left-hand side corresponds to
the run in a uniform di use medium and the plot on the right to tre run in a turbulent di use medium. The solid
black, dashed red and dash-dotted blue histograms correspaio the 3 Myrs, 5 Myrs and 7 Myrs, respectively.
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Figure 7.8: Clump size over clump Jeans length distributions at di erentirnes. The plot on the left-hand side
corresponds to the run in a uniform di use medium and the plot o the right to the run in a turbulent di use
medium. The solid black, dashed red and dash-dotted blue higtams correspond to the 3 Myrs, 5 Myrs and 7
Myrs, respectively.
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Figure 7.8 shows the distributions of the ratios of clump sies over their corresponding
Jeans length, at dierent times. The size distributions of the clumps have a very similar
shape and range between the two simulations. As clumps are ifdy uniform in density and
temperature, their Jeans length does not vary signi cantly within a single clump. Clumps in
general seem to be smaller than their corresponding Jeansrgth but, as time advances, some
of them become large enough to be potentially unstable to gnatational collapse. Of course,
as we have not included gravity in these simulations we canrtoknow if this would actually
be the case.

As mentioned earlier, since the formed structures are very lamentary, they are likely to
contain more Jeans lengths along a single dimension. Notesa that the algorithm we use to
nd clumps favors the identi cation of the smallest possible structures as separate entities.
As mentioned above however, the clumps we identify are usubBl parts of larger structures
which are dynamically interacting or surrounded by a commonwarm and more di use corona.

7.4 Clump evolution

Although most of the clumps are in low-pressure regions in tlk simulation, there are some
clumps with approximately the same pressure as their surronding gas. All of the clumps are
surrounded by an intermediate pressure corona, which is atsthermally unstable.

This, in combination with the fact that clumps show a tendency of decreasing their internal
motions with time and that clouds in pressure equilibrium tend to host smaller internal
motions leads us to believe that there might be an evolution fom clumps out of equilibrium,
with strong internal motions to more quiescent clumps.

Figure 7.9 shows the tracks of the same three clumps we traceback in time, on the
pressure-density diagram. The dotted line is the cooling-bating equilibrium curve. The
cold structures form in an area where cooling dominates, pasbly from thermally unstable
gas, at the left of the gure. As time goes by they move on the egilibrium curve and
gradually increase their density and pressure, always stagg on the curve. The timescale
of this evolution is about 2-3 Myrs, which corresponds to abat 4 - 5 clump sound crossing
times.
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Figure 7.9: Isolated core tracks on a pressure-density diagram. The gmneiangles correspond to a condensing
clump, the blue crosses to a rotating clump and the red diamonds & clump with random motions. The solid black
line is part the cooling-heating equilibrium curve which vgashown in gures 6.3 and 6.12.



78

CHAPTER 7. MORPHOLOGICAL FEATURES OF THE COLD CLUMPS




Chapter

Metal enrichment of the clouds

8.1 Setup of the simulation

A two-dimensional, high-resolution simulation very similar to those presented in the previous
Chapters, is performed using the same setup, namely two younOB associations placed at a
certain distance from each other in a warm di use background These cold and dense shells
eventually collide in the middle of the computational domain. In this case though, each OB
association comprises 20 "average" stars, placed in a cir@r region of 5 pc radius and the
physical size of the domain is half that of the simulations inChapters 6 and 7.

An important increase in e ciency in comparison to the previ ous simulations is achieved
with the use of Adaptive Mesh Re nement (AMR). Given the natu re of the problem under
study, the most adequate re nement policy is to trigger the division of a oct when the dif-
ference in the gradients of pressure and density exceeds artzn threshold. We have used
a threshold equal to 1% in this work. Experimenting with the value of the threshold gave
no signi cant di erences in the grid structure, although th resholds higher than 10% failed to
capture the shock structure properly.

The supershells in this setup are expanding in a uniform di use background, which means
that any perturbations that are expected to seed the uid instabilities we want to study must
arise at the grid level. In order then to make this simulation comparable to previous results,
we should also seed the perturbations at the smallest grid iel and the physical scale for
seeding the perturbation should be the same between dierenruns. For this reason, we
initiate the simulation with a nested grid con guration, wh ere the highest resolution region
is located at the center of the simulation box. Once the rst seeds of the perturbation start
to grow, we switch to the adaptive re nement policy described above.

Figure 8.1 shows the behavior of the three di erent grid con gurations. The top row shows
the logarithm of hydrogen number density and the bottom row shows the corresponding grid
structure. The grid structure for the uniform grid run is, of course, trivial, but it is shown here

This chapter is an adaptation of the paper "On the ine ciency o f metal enrichment of cold gas in colliding
ow simulations”, by E.Ntormousi and A. Burkert, to be submi tted to the Astrophysical Journal.
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Figure 8.1: Snapshots of three runs using di erent re nement techniquedaken at the same timestep, about 3
Myrs after star formation. From left to right, uniform grid, geometry-based re ned and gradient-based re ned grid.
The plots on the top row show the logarithm of hydrogen numberetsity and the plots on the bottom row show
the corresponding grid structure. The axes coordinates are parsecs.
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Figure 8.2: Density (top) and pressure (bottom) histograms of the same snalpots shown in Figure 8.1, about 3
Myrs after star formation. The solid black histograms corregmd to the run with a uniform grid, the dashed red
histograms to the gradient-based AMR run and the dashed-ded blue histograms to the geometry-based re nement
run.
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Figure 8.3: Gas mass fractions with time for three models. The black linesroespond to the run with a uniform
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anyway for completeness. The density and pressure gradiefitased re nement works very well
in following the shocks and the locations where cold structee is formed (rightmost panel of
Figure 8.1). However, the small-scale noise introduced byhe interpolation, in combination
with the nonlinear nature of the gas dynamics in this envirorment leads to slight di erences
in the morphology of the gas between the uniform and the adaptely re ned grid at the same
timestep.

There is a minimum resolution below which cold gas does not fon at the edges of the
shells at all, evident in the run with a nested grid con guration (middle panel of Figure 8.1).
In the regions where the grid size is too large the shocks arem@othed out, suppressing the
Vishniac Instability and preventing the gas at the edges of he shells from becoming thermally
unstable.

The volume fractions of the gas in each phase are practicallidentical between the uniform
grid and the gradient-re ned grid simulations (Figure 8.2), however the gas in the uniform
grid run is allowed to condense to slightly higher densitiesas shown by the density histogram
on the top panel of Figure 8.2. The nested grid simulation hassigni cantly less gas in the
high-density regime in comparison, due to the lower resolubn in the top and bottom parts
of the grid.

The corresponding pressure histograms for the three runs arshown on the bottom panel
of Figure 8.2. Again, the uniform grid run and the gradient-de ned AMR runs seem to agree
almost completely, but the geometry-based re nement run ha a slightly di erent con gura-
tion, with a lot of gas in the thermally unstable regime, unable to condense and cool further.
This is indicative of the result one might get from cooling slock simulations if the resolution
is insu cient to capture the initial density enhancements.

The mass fractions of the gas in di erent temperature regime are plotted in Figure 8.3.
The dotted-dashed lines in this Figure correspond to the cal gas (T < 100 K), which forms
small dense clumps, the dashed lines correspond to the warmag (100 K< T < 25000 K),
mainly consisting of the background gas and the coronas arad the cold clumps, and the
solid lines correspond to the hot gas T 25000 K), mainly located in the wind and the
shocked areas. Black color denotes the uniform grid run, ble the geometry-based re nement
run and red the gradient-based re nement run. The mass fracions in di erent phases seem to
agree between the uniform grid and the gradient-based griduns during the whole simulation
time, with the cold gas dominating the mass towards the end ofthe simulation (about 80%
of the total mass). However, the nested grid run fails to reab these high mass fractions due
to the very low resolution in part of the domain.

In conclusion, the comparison between simulations of this etup with AMR and with
uniform grid simulations have shown no di erence in the amouwnt of cold gas, the position of
the shocks and the sizes or velocity dispersions of the forrdeclumps. Small di erences in the
shock morphology are, of course, always present, due to theew nonlinear nature of these
phenomena.

For this particular simulation we use a box of 250 pc physicakize, at an e ective resolution
of 2048&. The choice of a smaller box with respect to Paper | is not onlymore physical, in
terms of the average distance between OB associations in th&alaxy but it also yields a
smaller computational volume for the same physical resolubn, signi cantly reducing the
computational cost of the simulation.

We stop the calculation when the turbulence in the collisionarea starts to expand towards
the in ow boundaries. In this particular case this happens 436 Mys since star formation in
the OB associations.
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As mentioned before, the aim of this work is to study the advetion of metals from the
OB associations to the cold gas formed at the shock wake. This done by means of a passive
advected quantity, representing the metal injection from the stars. A constant amount of
metals, equal to 10 3 metal particles/cm? is added at the wind region at each coarse timestep.
As this value is totally arbitrary, it can be weighted to simu late di erent environments.

The amount of metals introduced by the OB associations is assned here to have a
negligible e ect on the amount of cold gas formed. In princigde, though, extra metals could
a ect our results due to their contribution to the cooling, w hich would also change the regime
where the gas becomes thermally unstable. In our calculatits the most important coolant of
the gas is line emission from carbon and oxygen. A decreasetime abundance of these elements
would cause the area where we can have phase formation due tbe Thermal Instability to
shrink, and an enrichment would enlarge the Thermal Instablity regime (Wol re et al., 1995).

Support for the approximation we are making comes from Walchet al. (2011b), who
studied the e ect of metallicity on the formation of cold gas from Thermal Instability in
simulations of turbulence. They found that, for driven turb ulence (which is the case in our
models), the total amount of cold gas in the simulation is notsigni cantly a ected by changes
in the metallicity. This means that, as long as the metallicity of the gas we are simulating
is high enough to capture the Thermal Instability regime of the ISM, we are not making
signi cant errors in the total amount of cold gas in the domain by ignoring the enrichment
from the OB stars in the cooling function.

8.2 Metal enrichment of the gas from the OB associations

Figure 8.4 shows snapshots of the simulation before and aftehe shell collision. The top
panels of this Figure are contours of the logarithm of the gagemperature and the bottom
panels show the logarithm of the ratio of metal to hydrogen abms in the cell.

The general picture of the simulation is the same as in Paper.IThe spherical shocks cre-
ated by the stellar feedback are unstable to the Vishniac ingbility (Vishniac, 1983, 1994) as
small-scale wind imperfections create ripples on their sface. The result of the gas condensa-
tion at the peaks of these ripples is to trigger the Thermal Irstability (Field, 1965), creating
cold and dense clumps at the shock wake. The shear on the shellirface, also caused by the
Vishniac Instability, gives rise to characteristic Kelvin-Helmholtz eddies, thus contributing to
the dynamics of the newly-formed cold clumps (left panel of kgure 8.4).

When the shells collide, the combination of the large-scaleshear by the collision and
the small-scale structure already present in the shells ges rise to a turbulent region at
the collision interface which contains both warm and cold ga (right panel of Figure 8.4).
Turbulence is a very e cient mixing mechanism, so we naturally expect an enhancement in
metallicity of the warm gas after the shell collision.

In Figure 8.4, we can indeed see that the warm gas has enhanceuetal content. The
same can be shown more clearly by plotting the mass fractionfdhe gas in the computational
domain in density-metallicity bins. In Figure 8.5, showing such plots for two snapshots of the
simulation, we can see that the dense gas dominates the masktbe gas in the computational
domain. At the same time we see that it never reaches relativenrichment of more than 10 4.
For comparison, we note that, were the metals ejected by thetars to be instantaneously and
homogeneously mixed in the diuse gas phase, the relative eithment would be 10 ? and
if all the metals from the stars ended up in the cold phase, therelative enrichment of that
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Figure 8.4: Logarithm of temperature (top) and logarithm of relative methcontent (bottom) for two snapshots.
On the left, 1.22 Myrs and on the right, 4.46 Myrs after star fonation took place in the OB associations.
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phase would be of about 510 2.

Throughout the simulation practically all the metals injec ted by the OB associations stay
in the hot wind, despite the fact that most of the mass is in the cold gas component. At
late times a small fraction of the metals (1-5%) mixes into the slightly denser, warm gas
(ny " 10 1, T' 10P) due to the shell collision that causes turbulent mixing.

8.3 Metal enrichment of the clumps

A clump is identied as a collection of adjacent cells with densities above 50 cm? and
temperatures lower than 100 K. By this de nition alone, Figure 8.5 already indicates that
the clumps do not contain signi cant amounts of material from the OB associations.

To look at the clump metallicities in more detail, we plot their metallicity distributions,
shown in Figure 8.6. The top panels in this Figure show the digibutions of the mean
absolute metal content of the clumps, in the arbitrary units chosen in this simulation for the
metallicity (10 3/cm?® injected in the wind domain at each timestep) and the bottom panels
show distributions of the mean metallicity over the mean hydogen number density of the
clumps. The plots on the left-hand side correspond to the snashot at 1.22 Myrs and the
plots on the right-hand side to the nal snapshot, at 4.36 Myrs.

Even though the numbers can be rescaled to mean di erent abdote metal content in the
clumps, the important fact here is that the cold phase will always receive at least two orders
of magnitude less metals than the di use warm phase.

Even though the metal injection from the OB associations dos not stop during the sim-
ulation time, the metal content of the clumps does not seem toincrease signi cantly. The
spread of the distribution of the relative metal content of the clumps seems to increase with
time. As the system evolves, new clumps are formed at relat®ly lower metallicities. The
little metals they accumulate over time leads to the formation of a peak in the distribu-
tion. However, the maximum value of the distribution does nad increase, meaning there is no
signi cant enrichment.

Figures 8.7 and 8.8 show the mean number density of metals in alump as a function
of distance from its closest OB association and as a functionf the polar angle with respect
to the horizontal line in the middle of the domain, respectively. The amount of metals in a
clump does not seem to depend on its position with respect tolte OB associations, pointing
to a very uniform distribution of metallicities around the y oung associations.



8.3. METAL ENRICHMENT OF THE CLUMPS 87
2 T 0.0
- 1-1.21
0 )
| l—23 %
T | 13
~ -2 )
< - 1-35°
(@)] - —h
o - - o)
—4 —4.7 | &
5 . O
1 3
- 1-5.8
-6
[ L ] -7.00
— -2 0
log n (cm™)
2 A 0.0
- 1-1.21
0 )
| {-2.3 %
T | 13
~ -2 )
< 1-35 9
% . —
o - - o
—4 -4.7 =
5 . O
1 )
- 1-5.8
-6
- ] 1 1 1 ] - _7.07

-2 0
log n (cm™)

Figure 8.5: Mass fractions in density-metallicity bins at two snapshotd.22 Myrs (top) and 4.36 Myrs (bottom)

after star formation.
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Chapter

Summary and Conclusions

In this text we have presented our work on the formation of cotl structure from large-scale
colliding ows. In particular, we have shown the results of detailed numerical simulations of
colliding superbubbles. These large cavities of hot gas arereated by the violent feedback
from young massive stars, implemented as a time-dependentnergy and mass source in a
public hydrodynamics code. The extremely dynamical evoluton of the gas was followed to
the point of the fragmentation and collision of the dense shis.

Our results provide a picture of the ISM similar to that in Aud it & Hennebelle (2005)
and Hennebelle & Audit (2007b), where the ISM phases are tigty interwoven, with sharp
thermal interfaces between them. Of course, a more detailedomparison is not possible, since
that work was done with a much higher resolution, representng a smaller region of the ISM
and not including the hot phase. In our simulations, elongatd cold structures sit in warm,
thermally unstable coronas, submerged in a hot dilute medim that the stellar winds and
supernovae from young OB stars create. Clumps are dynamicantities, constantly merging
and splitting and in general not in pressure equilibrium with their surrounding gas. In that
sense, the picture we see in our simulations is very di erenfrom the classical ISM model
proposed by McKee & Ostriker (1977), where the clouds are trated as quasi-static spheres.
The structures we nd are rather long thin laments, very sim ilar to the large "blobby sheets"
proposed by Heiles & Troland (2003).

We identify individual clumps in the simulations by setting density and temperature
thresholds and connecting adjacent locations in the simulaon domain which exceed these
thresholds. This method favors the identi cation of the smallest cold and dense structures.
The clumps tend to be connected in groups within a common warmcorona, forming long
laments and are mostly located in areas of lower pressure Wi respect to their surroundings.
The latter causes many of them to condense to higher densitieand smaller volumes, almost
isothermally. Apart from condensing clumps we nd rotating clumps, as well as clumps
hosting irregular motions. All these internal motions are re ected in the velocity dispersion as
supersonic internal motions. Approximately 11 to 16% of theidenti ed clumps are rotating
and are interesting candidates for forming protostellar dsks. However, rotation should be
studied in three dimensions for more reliable results.

Internal clump motions tend to decrease with time, as the clunps come closer to thermal
pressure equilibrium with their warm surroundings. Howevae, if gravity and star formation
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was included in our simulations, we would expect these motios to be sustained for longer
times due to gravitational collapse and feedback from the nely formed stars in their interior.

Cold clumps in our simulations form by Thermal Instability ¢ ondensation of the ambient
di use medium when it is perturbed by the expanding shells. This, in combination with the
fact that the mass injected by the OB associations is a very smll fraction of the total mass
in our domain throughout the simulation, shows that the material forming the new clumps
could not have been enriched directly by the supernova expkions. The material ejected from
the OB associations will probably enrich the interstellar matter on much larger timescales,
after the hot bubbles have mixed with the di use medium.

In order to study of metal advection from the hot to the cold ISM, we have presented
a simulation of the same setup, using an advected quantity. his quantity was inserted in
the region of the domain representing the wind, to representhe metals ejected by the winds
and supernova explosions in these OB associations. In thisay, we were able to distinguish
between material originating from the stars and material oniginating from the di use ISM in
the composition of the cold clumps.

We have found that the metal content of the clumps is very low throughout the simulation.
The maximum metal to hydrogen number ratio reached in the sinulation is about 10 4, two
orders of magnitude lower than the value of the same ratio fothe warm di use medium. The
fact that the di use gas receives a signi cant fraction of the injected metals implies that, if
molecular clouds were to form in this environment, signi cant enrichment would be delayed
by at least one stellar generation. This e ect is even more rievant if we consider that the
free-fall time for each of these dense clumps is about 1 Myr, lich means that many of them
would be collapsing before the end of this simulation, had cavity been considered, leaving
even less time for enrichment.

The metal content of the clumps seems to be independent of theposition with respect to
the OB association. This, in combination with the small spread in cloud metallicities, means
that the next stellar generation, formed by the clumps created in such an environment, would
be very uniform in its metal content, provided the di use component is also well mixed.

Of course, there are many e ects that have not been includedri this work. For instance,
we have assumed that the metal injection from the OB associabns is roughly constant with
time and that it is uniformly distributed in the wind region. Both these assumptions are
questionable. We would, in principle, expect the metals to k& contained in small clumps,
as part of clumpy winds or fast supernova ejecta, possibly mking mixing more e cient. In
addition, the wind material should of course dier in quanti ties and composition from the
supernova material, although this would still mostly end up in the diuse rather than the
dense cold phase. These are all complications that should baken into account in future
work.

Thermally unstable gas amounts to about 8 to 10% of the total @s mass in the last
snapshots of our simulations, far from the almost 50% that iscommonly detected in observa-
tions (Heiles & Troland, 2003) or found in simulations of turbulent, thermally bistable ows
(Gazol et al., 2001, 2005). This is because our simulationsr@a dominated by what we identify
as CNM, that is, gas with temperatures lower than 100K. Due toour very high resolution,
this gas is also very dense, reaching hydrogen number denisi$ of the order of 16 cm 3.
This gas would be mostly molecular, so it would not be identi ed as cold HI in observations.
In simulations with gravity we would not expect to encounter this issue, since gravity would
eventually dominate the dynamics of the formed clumps and tun them into stars once they
became dense enough, so thermal instability would no longdye responsible for their evolution
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at these densities.

The simulations presented here are only a rst step to modelag triggered molecular cloud
formation using physically motivated colliding ow parameters. We have not attempted a
parameter study in this paper, but it will be the object of fut ure work to study the e ect of
varying the distance between the superbubbles, the numberfoOB stars creating the super-
bubbles and the metallicity of the gas.

In this work we have also not taken into account galactic sheaor density strati cation.
Assuming a galactic rotation rate of 26 km sec ! kpc 1, the relative shear in our computa-
tional box would be 13 km sec . This velocity would have a crossing time of approximately
37 Myrs, which is much longer than what our simulations last. Density strati cation with
a scale height of H=150pc would cause the superbubbles to eapd faster along the vertical
direction, but since we are interested mostly in what happers at the superbubble collision
interface, we can neglect this e ect as a rst approximation.

Our calculations also ignore magnetic elds and gravity. s We would expect magnetic
elds to play a signi cant role in the dynamics of the problem, both during the expansion of
the superbubbles and also during the more complex collisiophase, if they had a preferred
orientation, but in two dimensions we would not be able to mockl all relevant phenomena
properly anyway. Gravity is essential for studying the evolution of the clumps and for esti-
mating their star forming e ciency. Combining with the mode ling of a third dimension, it
would give us useful mass estimates of the formed structuresMoving to three dimensions
and including gravity is work in process and will be presentd in a future paper.

We nd the main limitations of our work to be the lack of resolu tion and bidimensionality.
As we have pointed out, our simulations do not reach the resaition required to capture all
the relevant physical processes on the smallest scales. Weave accounted for small-scale
e ects by only studying clumps which contain more than 16 grid cells. Higher numerical
resolution will certainly provide more insight on the number of formed clumps and their
internal structure. Although numerical e ects do introduc e a thermal conduction e ect,
explicitly modeling thermal conduction would help set the minimum scale for formed clumps
and achieve convergence with increasing resolution. On thether hand, if gravity is simulated
it will probably already become important at length scales larger than the Field length.

The restriction of the presented models to two dimensions i€mphasizing the formation of
laments. In three dimensions, these structures could havea sheet-like morphology. Gravity
could then be responsible for turning these sheets into lanents (Burkert & Hartmann, 2004;
Hartmann & Burkert, 2007; Heitsch et al., 2008b).



94

CHAPTER 9. SUMMARY AND CONCLUSIONS




Bibliography

Alves, J., Lombardi, M., & Lada, C. J. 2007: The mass function of dense molecular cores
and the origin of the IMF, A&A, 462, L17

Audit, E. & Hennebelle, P. 2005: Thermal condensation in a turbulent atomic hydrogen ow;
A&A, 433, 1

Ballesteros-Paredes, J., Hartmann, L., & \azquez-Semadei, E. 1999: Turbulent Flow-driven
Molecular Cloud Formation: A Solution to the Post-T Tauri Pr oblem? ApJ, 527, 285

Burkert, A. 2006: The turbulent interstellar medium, Comptes Rendus Physique, 7, 433

Burkert, A. & Hartmann, L. 2004: Collapse and Fragmentation in Finite Sheets ApJ, 616,
288

Burkert, A. & Lin, D. N. C. 2000: Thermal Instability and the Formation of Clumpy Gas
Clouds ApJ, 537, 270

Chandrasekhar, S. 1961, Hydrodynamic and hydromagnetic stility, ed. Chandrasekhar, S.

Churchwell, E., Babler, B. L., Meade, M. R., Whitney, B. A., B enjamin, R., Indebetouw,
R., Cyganowski, C., Robitaille, T. P., Povich, M., Watson, C., & Bracker, S. 2009: The
Spitzer/GLIMPSE Surveys: A New View of the Milky Way, PASP, 121, 213

Churchwell, E., Povich, M. S., Allen, D., Taylor, M. G., Mead e, M. R., Babler, B. L., Inde-
betouw, R., Watson, C., Whitney, B. A., Wolre, M. G., Bania, T. M., et al. 2006: The
Bubbling Galactic Disk ApJ, 649, 759

Dale, J. E., Wansch, R., Smith, R. J., Whitworth, A., & Palou s, J. 2011: The fragmentation
of expanding shells - lll. Oligarchic accretion and the masspectrum of fragments MNRAS,
411, 2230

Dale, J. E., Wansch, R., Whitworth, A., & Palots, J. 2009: The fragmentation of expanding
shells - I. Limitations of the thin-shell approximation, MNRAS, 398, 1537

Dalgarno, A. & McCray, R. A. 1972: Heating and lonization of HI Regions, ARA&A, 10, 375

de Avillez, M. A. & Breitschwerdt, D. 2004: 3D HD and MHD Adaptive Mesh Re nement
Simulations of the Global and Local ISM in Astrophysics and Space Science Library, Vol.
315, How Does the Galaxy Work?, ed. E. J. Alfaro, E. Rerez, & J Franco, 331{+



96 BIBLIOGRAPHY

Dobbs, C. L., Burkert, A., & Pringle, J. E. 2011: Why are most molecular clouds not gravi-
tationally bound?, MNRAS, 413, 2935

Draine, B. T. 2011: Astronomical Models of PAHs and Dust in EAS Publications Series,
Vol. 46, EAS Publications Series, ed. C. Joblin & A. G. G. M. Tielens, 29{42

Ehlerowa, S. & Palots, J. 2005: H | shells in the outer Milky Way, A&A, 437, 101

Elmegreen, B. G. 1994:A Q condition for long-range propagating star formation, ApJ, 427,
384

Elmegreen, B. G. & Lada, C. J. 1977a:Sequential formation of subgroups in OB associations
ApJ, 214, 725

Elmegreen, B. G. & Lada, C. J. 1977b:Sequential formation of subgroups in OB associations
ApJ, 214, 725

Falgarone, E. & Phillips, T. G. 1990: A signature of the intermittency of interstellar turbulence
- The wings of molecular line pro les, ApJ, 359, 344

Ferrere, K. M. 2001: The interstellar environment of our galaxy, Reviews of Modern Physics,
73, 1031

Field, G. B. 1965: Thermal Instability. , ApJ, 142, 531
Frisch, U. 1996, Turbulence, ed. Frisch, U.

Gazol, A., Vazquez-Semadeni, E., & Kim, J. 2005: The Pressure Distribution in Thermally
Bistable Turbulent Flows ApJ, 630, 911

Gazol, A., Vazquez-Semadeni, E., Sanchez-Salcedo, F. J& Scalo, J. 2001: The Temperature
Distribution in Turbulent Interstellar Gas , ApJ, 557, L121

Hartmann, L. 2002: Flows, Fragmentation, and Star Formation. |. Low-Mass Stars in Taurus,
ApJ, 578, 914

Hartmann, L., Ballesteros-Paredes, J., & Bergin, E. A. 2001 Rapid Formation of Molecular
Clouds and Stars in the Solar NeighborhoqdApJ, 562, 852

Hartmann, L. & Burkert, A. 2007: On the Structure of the Orion A Cloud and the Formation
of the Orion Nebula Cluster, ApJ, 654, 988

Haud, U. & Kalberla, P. M. W. 2007: Gaussian decomposition of H | surveys. Ill. Local H |,
A&A, 466, 555

Heiles, C. 1979:H | shells and supershellsApJ, 229, 533
Heiles, C. 1984:H | shells, supershells, shell-like objects, and 'wormsApJS, 55, 585

Heiles, C. & Troland, T. H. 2003: The Millennium Arecibo 21 Centimeter Absorption-Line
Survey. Il. Properties of the Warm and Cold Neutral Media, ApJ, 586, 1067

Heitsch, F., Hartmann, L. W., & Burkert, A. 2008a: Fragmentation of Shocked Flows: Grav-
ity, Turbulence, and Cooling, ApJ, 683, 786



BIBLIOGRAPHY 97

Heitsch, F., Hartmann, L. W., Slyz, A. D., Devriendt, J. E. G. , & Burkert, A. 2008b: Cooling,
Gravity, and Geometry: Flow-driven Massive Core Formation ApJ, 674, 316

Heitsch, F., Slyz, A. D., Devriendt, J. E. G., Hartmann, L. W. , & Burkert, A. 2006: The
Birth of Molecular Clouds: Formation of Atomic Precursors in Colliding Flows, ApJ, 648,
1052

Hennebelle, P. & Audit, E. 2007a: On the Structure of the Interstellar Atomic Gas, in As-
tronomical Society of the Paci c Conference Series, Vol. 36, SINS - Small lonized and
Neutral Structures in the Di use Interstellar Medium, ed. M . Haverkorn & W. M. Goss,
133{+

Hennebelle, P. & Audit, E. 2007b: On the structure of the turbulent interstellar atomic
hydrogen. I. Physical characteristics. In uence and nature of turbulence in a thermally
bistable ow, A&A, 465, 431

Hollenbach, D. J. & Thronson, Jr., H. A., eds. 1987, Astrophysics and Space Science Library,
Vol. 134, Interstellar processes; Proceedings of the Sympium, Grand Teton National Park,
WY, July 1-7, 1986

Kennicutt, Jr., R. C., Calzetti, D., Walter, F., Helou, G., H ollenbach, D. J., Armus, L.,
Bendo, G., Dale, D. A., Draine, B. T., Engelbracht, C. W., Gordon, K. D., et al. 2007:
Star Formation in NGC 5194 (M51a). Il. The Spatially Resolved Star Formation Law, ApJ,
671, 333

Kim, W. & Ostriker, E. C. 2002: Formation and Fragmentation of Gaseous Spurs in Spiral
Galaxies ApJ, 570, 132

Kim, W. & Ostriker, E. C. 2006: Formation of Spiral-Arm Spurs and Bound Clouds in
Vertically Strati ed Galactic Gas Disks, ApJ, 646, 213

Klessen, R. S. 2001The Formation of Stellar Clusters: Mass Spectra from Turbuént Molec-
ular Cloud Fragmentation, ApJ, 556, 837

Kochanek, C. S. 2011:The Astrophysical Implications of Dust Formation during the Eruptions
of Hot, Massive Stars ApJ, 743, 73

Kolmogorov, A. 1941: The Local Structure of Turbulence in Incompressible Viscos Fluid for
Very Large Reynolds' Numbers Akademiia Nauk SSSR Doklady, 30, 301

Koyama, H. & Inutsuka, S. 2004: The Field Condition: A New Constraint on Spatial Reso-
lution in Simulations of the Nonlinear Development of Thermal Instability, ApJ, 602, L25

Lada, C. J., Alves, J., & Lada, E. A. 1999: Infrared Extinction and the Structure of the IC
5146 Dark Cloud ApJ, 512, 250

Lada, C. J., Alves, J. F., & Lombardi, M. 2007: Near-Infrared Extinction and Molecular
Cloud Structure, Protostars and Planets V, 3

Landau, L. D. & Lifshitz, E. M. 1959, Fluid mechanics, ed. Landau, L. D. & Lifshitz, E. M.

Larson, R. B. 1981: Turbulence and star formation in molecular clouds MNRAS, 194, 809



98 BIBLIOGRAPHY

Lequeux, J. 2005, The interstellar medium, ed. Lequeux, J.

Mac Low, M., Klessen, R. S., Burkert, A., & Smith, M. D. 1998: Kinetic Energy Decay Rates
of Supersonic and Super-Alfvenic Turbulence in Star-Forming Clouds Physical Review
Letters, 80, 2754

McCray, R. & Kafatos, M. 1987a: Supershells and propagating star formationApJ, 317, 190
McCray, R. & Kafatos, M. 1987b: Supershells and propagating star formationApJ, 317, 190

McKee, C. F. & Ostriker, J. P. 1977: A theory of the interstellar medium - Three components
regulated by supernova explosions in an inhomogeneous suiate, ApJ, 218, 148

Molinari, S., Swinyard, B., Bally, J., Barlow, M., Bernard, J., Martin, P., Moore, T., Noriega-
Crespo, A., Plume, R., Testi, L., Zavagno, A., et al. 2010:Hi-GAL: The Herschel Infrared
Galactic Plane Survey PASP, 122, 314

Nigra, L., Gallagher, lIlI, J. S., Smith, L. J., Stanimirovi ¢, S., Nota, A., & Sabbi, E. 2008:
NGC 602 Environment, Kinematics and Origins, PASP, 120, 972

Ntormousi, E., Burkert, A., Fierlinger, K., & Heitsch, F. 20 11: Formation of Cold Filamentary
Structure from Wind-blown SuperbubblesApJ, 731, 13

Ntormousi, E. & Sommer-Larsen, J. 2010:Hot gas haloes around disc galaxies: O VII column
densities from galaxy formation simulations MNRAS, 409, 1049

Padoan, P. 1995: Supersonic turbulent ows and the fragmentation of a cold mdium, MN-
RAS, 277, 377

Parmentier, G. 2011: From the molecular-cloud- to the embedded-cluster-mass riation with
a density threshold for star formation, MNRAS, 413, 1899

Pringle, J. E., Allen, R. J., & Lubow, S. H. 2001: The formation of molecular clouds MNRAS,
327, 663

Salpeter, E. E. 1977:Formation and destruction of dust graing ARA&A, 15, 267
Schneider, S. & Elmegreen, B. G. 1979A catalog of dark globular laments ApJS, 41, 87

Sutherland, R. S. & Dopita, M. A. 1993:. Cooling functions for low-density astrophysical
plasmas ApJS, 88, 253

Teyssier, R. 2002: Cosmological hydrodynamics with adaptive mesh re nementA new high
resolution code called RAMSES A&A, 385, 337

Tielens, A. G. G. M. 2005, The Physics and Chemistry of the Inerstellar Medium, ed. Tielens,
A. G. G. M.

\azquez-Semadeni, E., Gmez, G. C., Jappsen, A. K., Ballsteros-Paredes, J., Gonalez,
R. F., & Klessen, R. S. 2007:Molecular Cloud Evolution. Il. From Cloud Formation to the
Early Stages of Star Formation in Decaying Conditions ApJ, 657, 870



BIBLIOGRAPHY 99

\azquez-Semadeni, E., Ryu, D., Passot, T., Gonalez, R. F, & Gazol, A. 2006: Molecular
Cloud Evolution. I. Molecular Cloud and Thin Cold Neutral Medium Sheet Formation, ApJ,
643, 245

Verschuur, G. L. 2004: Interstellar Neutral Hydrogen Emission Pro le Structure, AJ, 127,
394

Vishniac, E. T. 1983: The dynamic and gravitational instabilities of spherical $iocks ApJ,
274, 152

Vishniac, E. T. 1994: Nonlinear instabilities in shock-bounded slabsApJ, 428, 186
Vishniac, E. T. & Ryu, D. 1989: On the stability of decelerating shocksApJ, 337, 917

Voss, R., Diehl, R., Hartmann, D. H., Cervino, M., Vink, J. S., Meynet, G., Limongi, M.,
& Chie, A. 2009: Using population synthesis of massive stars to study the iatstellar
medium near OB associations A&A, 504, 531

Walch, S., Whitworth, A. P., & Girichidis, P. 2011a: The in uence of the turbulent perturba-
tion scale on pre-stellar core fragmentation and disc form#don, MNRAS, 1725

Walch, S., Wansch, R., Burkert, A., Glover, S., & Whitworth , A. 2011b: The Turbulent Frag-
mentation of the Interstellar Medium: The Impact of Metallicity on Global Star Formation,
ApJ, 733, 47

Whitworth, A. P., Bhattal, A. S., Chapman, S. J., Disney, M. J ., & Turner, J. A. 1994:
Fragmentation of shocked interstellar gas layers.A&A, 290, 421

Williams, J. P., Blitz, L., & McKee, C. F. 2000: The Structure and Evolution of Molecular
Clouds: from Clumps to Cores to the IMF Protostars and Planets 1V, 97

Wol re, M. G., Hollenbach, D., McKee, C. F., Tielens, A. G. G. M., & Bakes, E. L. O. 1995;:
The neutral atomic phases of the interstellar mediumApJ, 443, 152

Wong, T. & Blitz, L. 2002: The Relationship between Gas Content and Star Formation in
Molecule-rich Spiral Galaxies ApJ, 569, 157

Wunsch, R., Dale, J. E., Palots, J., & Whitworth, A. P. 2010 : The fragmentation of expanding
shells - Il. Thickness matters MNRAS, 407, 1963

Yang, C., Gruendl, R. A., Chu, Y., Mac Low, M., & Fukui, Y. 2007 : Large-Scale Gravitational
Instability and Star Formation in the Large Magellanic Cloud, ApJ, 671, 374

Zuckerman, B. & Evans, Il, N. J. 1974: Models of massive molecular cloudsApJ, 192, L149






Acknowledgments

This thesis represents the e orts of the last four years and gnies the beginning of my
research career. It would have been impossible for me thougio reach this point without the
support of several people in my environment. | take this oppatunity to thank them.

| am grateful to my PhD advisor, Andreas Burkert, for all our i nteresting discussions,
for sharing his excitement for science with me and for helpig my growth as an independent
researcher with his sincere support.

| received a lot of practical help for my thesis work from Fabian Heitsch. Not only did
he help me gain insight into the physics of the ISM by sharing s experience with me, but
he also trusted me with some of his codes. In particular, the alculations of the cooling and
heating rates, as explained in Chapter 2 have been calculatewith his code.

Katharina Fierlinger shared her PhD work on implementing stellar feedback in RAMSES
with me. Without her contribution a lot of this work would not have been possible. In
addition, her careful observations signi cantly improved this work. Of course, | am also
grateful to Rasmus Voss for providing the stellar feedback dta for this work and for being
always available for questions regarding his calculations

| also thank all my friends and colleagues here at the LMU Obsevatory, Thorsten Naab,
Peter Johansson and Roland Jesseit, not only for techical adce, but also for all the fun we
have had these years and for their kind words of advice at hardimes.

To my Physics Diploma supervisor at the Aristotle University of Thessaloniki, Loukas
Vlahos, an eternal "thank you" for believing in me from the start and for encouraging me to
pursue a career as a scientist.

To my family, all my love and gratitude for always being there for me and for all the
sacri ces they've made so that | can fuli Il my dreams.

Finally, to my partner, Jose Luis Pinar, a big thank you from my heart for your faith in
me, for your support and understanding. | would never have rached this far without you.






Curriculum Vitae

Personal
Name: Evangelia Ntormousi
Born: 31st of March, 1984
Citizenship: Greek
Address: Scheinerstr. 1, Munich, Germany D-81679
Education
2007{date Ph.D in Astrophysics International Max Planck Research School

(IMPRS), USM-LMU
2001{2007 Bachelor and Masters in Physics Aristotle Univesity Thessaloniki, Greece

Publications

E. Ntormousi, A. Burkert, On the ine ciency of metal enrichm ent in colliding ow
simulations, in prep.

E. Ntormousi, A. Burkert, K. Fierlinger and F. Heitsch, Form ation of cold lamentary
structure from wind-blown superbubbles, ApJ, 731, 13

E. Ntormousi, J. Sommer-Larsen, Hot gas haloes around discagaxies, 2010, MNRAS,
409, 1049



	Contents
	List of Figures
	Abstract
	Zusammenfassung
	Preface
	The Interstellar Medium
	General
	Atomic Interstellar Gas
	Molecular Interstellar Gas
	Ionized Interstellar Gas

	Dust
	Cosmic Rays
	Magnetic Fields
	The system as a whole
	Models of the multi-phase ISM
	Cooling and Heating Processes of the Interstellar Gas
	The modern view of the ISM: the role of turbulence


	Principles of Hydrodynamics
	The equations of hydrodynamics
	The equation of continuity
	The force equation
	The energy equation

	Hydrodynamical Instabilities
	The Non-linear Thin Shell Instability
	The Kelvin-Helmholtz Instability
	The Thermal Instability

	The instabilities combined
	Some comments on turbulence

	Previous Work
	Molecular Cloud Formation
	Shell fragmentation and collapse

	Numerical Method
	Solving the equations of hydrodynamics on a grid
	The RAMSES code
	Sources and sinks of energy
	Implementation of a new cooling and heating module
	Implementation of a winds

	Creating turbulent initial conditions
	Simulation setup

	Formation of cold filaments from colliding shells
	Shell collision in a uniform diffuse medium
	Shell collision in a turbulent diffuse medium

	Morphological features of the cold clumps
	General
	Velocity dispersions
	Sizes
	Clump evolution

	Metal enrichment of the clouds
	Setup of the simulation
	Metal enrichment of the gas from the OB associations
	Metal enrichment of the clumps

	Summary and Conclusions
	Bibliography
	Acknowledgments

