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Abstract. Weinvestigatetheinfluence of stellar rotationon the
H, lineformationin O-star winds. The 2-D wind model usedis
based on the kinematical approach by Bjorkman & Cassindlli
(1993, BC), adapted to the parameter space considered in this
paper. We discuss only those cases where therotational ratesare
well bel ow those that would induce an onset of disk formation.

The influence of gravity darkening on the line formationis
shown to be negligible, as long as appropriate averaged photo-
spheric parameters (which then are afunction of the rotational
rate) areused. Thedistortionof thestellar radiusfrom sphericity
can likewise be neglected in most cases.

Our investigations show that the H, line formation is
strongly affected by two processes which we call the resonance
zoneand the p?-effect. The former process diminishesthe emis-
sion near the line core and enhances the emission in both wings
due to a twist in the resonance zones induced by differentia
rotation. The latter process leads to an increase in the overal
emission due to the density contrast between the polar and the
equatorial zones caused by the deflection of materia towards
the equator in the BC-modd.

We compare the line profiles from our 2-D models with
those resulting from the conventiona 1-D approach, as afunc-
tion of absoluteor projected rotational vel ocity, and inclination
angle and mass-loss rate.

Itisshown that inall cases independent of inclinationangle
and rotational rate, the 1-D method —for a given mass-loss rate
—vyiddsthe smdlest wind emission. Thisin turn means that al
mass-loss rates presently derived from H,, are overestimated,
with typical errors of 20...30%. The maximum error intro-
duced by this simplified approach is of the order 50...70%
for O-Supergiants and occurs for stars with small v Sin7 and
observed nearly pole on.

Moreover, our theoretica line shapes show a number of
features actualy found in the observations of rapidly rotating
stars.

Finally, the specific influence of the rotational rate and in-
clination angle which both, independently modify the profiles
in adigtinctive way may provide us with a method for the de-
termination of sin: from H, line fits (in connection with the
analysis of other spectral regions) in future investigations.
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1. Introduction

In recent years, considerable progress has been made in both
the theoretical modelling and the quantitative spectroscopy of
radiation driven winds of hot stars (e.g., Pauldrach et a. 1994,
Schaerer & Schmutz 1994, Puls et d. 1993 and references
therein). Asaresult of these advances, stellar windscan now be
used astoolsfor astrophysical investigations; in particular, they
provide a powerful new method for extragalactic distance de-
terminations. From atheoretical point, thisis possible because
the stellar mass-loss rate M and the termina velocity of the
wind v., can be expressed as functions of stellar parameters
(cf. Kudritzki et al. 1992). However, the formulation of these
functions requires very detailed and time-consuming calcula
tionsand may —with respect to quantitativeresults— suffer from
certain assumptions and approximations present in the models.

Nevertheless, the wind-momentum luminosity relation

(WLR) between the modified wind momentum rate, Mv., Rz,
and the stellar luminosity, I, which was recently established
on a completely empirical basis (Kudritzki et a. 1995), is ex-
tremely promising, especialy since it appears to be valid for
luminous stars of al spectral types between O and A (cf. aso
McCarthy et a. 1995).

This relation, which mainly depends on stellar metallicity,
has a so been understood from atheoretical point of view (Puls
et a. 1995, hereafter Pu95), and one of the primary goalsin our
group isto calibrate this relation for different metalicities.

In order to use this relation, a reliable value for the “ob-
served” mass-loss must be available. This in turn demands a
detailed knowledge of the conditions in the stellar wind. In
contrast, most of the other required quantities (especialy the
metallicity) follow either from a photospheric anaysis (e.g.,
from the iron group lines, cf. Becker & Butler 1995a/92/95b
for Ferv /v /vi, further work is in progress) or — with respect
to v, —fromamore or less simple analysis of UV resonance
lines (e.g., Groenewegen & Lamers 1989, Haser et al. 1994) or
optical metd lines (in cooler stars).
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The mass-loss rate itself can be determined by two differ-
ent, well-established methods: Firstly, one can investigate the
bound-free and free-free excess of the IR and radio continuum
(Wright & Barlow 1975, Panagia & Felli 1975, Lamers & We-
ters 1984) and, secondly, onecan anayzetheH,, line(Leitherer
198843, Pu9s).

The IR-/radio excess has been used, e.g., by Barlow & Co-
hen (1977), Lamers (1981), Abbott et a. (1984), Bieging et
al. (1989) and Leitherer & Robert (1991). For extragal actic ob-
jects, however, oneisrestricted to the second method because of
theextremely low flux densitiesintheradio and IR range. Sofar,
this method has been applied for the mass-loss determinations
of OB-gtars (Leitherer 1988a/b, Scuderi et a. 1992, Lamers
& Leitherer 1993 (LL93), Pu95) and for A-type Hypergiants
(Stahl et al. 1991).

However, al the above investigations suffer from two ap-
proximations, which may have severe consequences for quanti-
tative interpretations: The influence of stellar rotation both on
the radiative transfer and on the underlying hydrodynamics of
the stellar wind has been taken into account in an only very
approximateway, if at al.

Influence of stellar rotation on the radiative transfer. The con-
ventiona method of incorporating stellar rotation in the H,,
line formation process presumes that the major part of the H,,
emission originates in the lowest wind part, i.e., the emitting
material isassumed to co-rotate with the stellar surface. Hence,
the usua procedure is either to neglect rotation completely
(if methods based on equivalent widths are used) or to cd-
culate the emission for a non-rotating, spherically symmetric
wind and subsequently to convolve the emergent profile with
a rotation profile of width v, Sinz, which is determined from
photosphericlines.

Thelatter approach, however, isvery questionable, sincethe
differential rotational velocity v.«(r) isinversely proportiona to
thedistancefromthestar, », and consequently decreases rapidly
intheregion closetothestar. Thus, for larger distancesthewind
meaterial doesnot co-rotatewiththestellar surface, and the emit-
ted radiation experiences a smaller broadening than given by
the photospheric value. Accordingly, one has at least in princi-
ple to account for the deformation of the particle streamlines
caused by the differentia rotation of thewind. Up to now, this
has been done only for the H, emission in Be-star envelopes
(Hummel 1992) and for the scattering dominated UV P Cygni
linesin hot star winds, which are formed throughout the entire
atmosphere and hence are only mildly affected by this process
(Mazzali 1990, Bjorkman et a. 1994; see also Shlosman &
Vitell0 1993, for the UV lineformationin windsfrom accretion
disksof CVs). The effect ontheH,, emission in OB star winds,
however, has not been investigated so far.

The influence of stellar rotation on the hydrodynamics of the
wind was first estimated by Friend & Abbott (1986, hereafter
FA) and Pauldrach, Puls & Kudritzki (1986, hereafter PPK),
who solved the fluid equationsincluding centrifugal forcesonly

intheeguatoria plane, thusneglectingthelateral dependence of
vret- IN S0 doing, they considered the “globa” impact of differ-
entia rotation, where the actual mass-1oss rate lies in between
the equatoria and the polar value.

Thisapproximation was dropped by Bjorkman & Cassindlli
(1993, hereafter BC). They solved the hydrodynamical equa
tions(including latera terms) in the supersonic part of the wind
analytically and provided simple expressions for the velocity
field and density structure. As a result, they found the den-
sity to increase from the poles towards the equatorid plane
(at constant ») and this density contrast to become enhanced
with r. Inthe most extreme situationswith Q@ 2 0.8...0.9 (for
O-gtars) or 2 = 0.5 (for B-stars), an equatoria disk should
develop (€ = vrot/ verit With v the equatorial value and vgri; the
“breakup” velocity). Eventhis prediction hasbeen confirmed by
detailed numerical simulations (Owocki et a. 1994), although
their results differed in some respects from those by BC. Thus
theBC model, though very simple, seemsto beareliableway of
simul ating the density structure of rotating O-star winds, where
the physical conditionsare less extreme.

Finally, the inclusion of rotation in the derivation of mass-loss
rates may also resolve a problem that arises if one carefully
compares the values obtained from H,, - and radio excess meth-
ods, which both depend on processes proportional to the square
of the density and thus should result in compatible values. Al-
though on average the two values are in good agreement (cf.
LL93, Pu95, Ngarro & Puls 1996, in prep.), for some stars a
distinct discrepancy larger than the error-barsremains. E.g., for
the often analyzed object ¢ Pup (O4lf) the radio method yields
M (Radio) = 2.4...3.1 x 10~ %M yr~* (first value from LL93,
second from Ngjarro & Puls, combined IR and radio), whereas
theH,, method gives M (H,,) =5.0...5.9 x 10~5M, yr=1,if the
same set of stellar parameters is used (Pu95).

However, { Pup is quite a fast rotator with a projected ro-
tational velocity viorSini = 220km s™1, which implies that it
is observed more or less equator-on (see aso Howarth et a.
1995). The H, emission originates from lower wind layers,
typicaly between 1. ..1.5stellar radii, whereastheradio emis-
sion is generated in the outer part of the wind (= 50...100
stellar radii). If one additionally considersthat the density con-
trast between the pole and the equator increases with radius
(see above), then one should observe a rather broad ring around
the star in H, and a radio photosphere which is compressed
towards the equatorial plane. Thus, it is possible that the radio
emission would provide a lower mass-loss rate than deduced
from theH,, linesynthesis, if conventional methods neglecting
rotation are applied.

The consequences of the other extreme, when arapid rotator
is observed pole-on, are more difficult to estimate. As will be
shown in this paper, in any case the H, mass-loss rate derived
by neglecting the influence of rotation will be larger than it
would beif the same star is observed equator-on. With respect
to a comparison with conventionally derived radio mass-loss
rates, it may be possible that the latter are larger, since the
projected H,, emitting regionis not as enlarged as the projected
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areaof theradio photosphere. Thisscenario may actually occur:
Pu95 found a number of starswith low vot Siné and M (H,) <
M (Radio), which suggests that these stars have a large viqt.
However, detailed calculations including a 2-D treatment of
continuaseen pol e-on have to be made beforeafinal conclusion
can be drawn.

Inthe present paper, we will investigate the principleeffects
of stellar rotation ontheH,, lineformationin stationary winds.
For a typical O-Supergiant wind, we will successively refine
the model to include the effects of differentia rotation, 2-D
density structure and gravity darkening. Since a precise 2-D
hydrodynamical description of the wind isbeyond the scope of
this paper, we will make use of the comparatively smple BC
model. In particular, we will investigate the extent to which the
determination of the mass-loss rate is affected by differentia
rotation and estimate the error introduced by the conventional
1-D analysis.

The rest of the paper is organized as follows:. In section 2
we present our model of the H, transition, and in section 3
we investigate the properties of different models for the stellar
wind. The line formation process and the influence of differen-
tia rotation are described in section 4. In section 5 we study
basic effects on line profiles and discuss the consequences for
the determination of M from H,. A discussion of the results
and the future perspectives are finally given in section 6.

2. TheH, line
2.1. Assumptions and approximationsfor the radiative transfer

In the treatment of the H,, line formation, we will assume the
following simplifying approximations:

- Sinceweare primarily interested in pureH,, lineformation,
we will neglect the Hert blend at 6560 A. This assumption
holds for stars with a low He abundance Y, but is prob-
lematic in the case of higher Yy because of the increasing
contribution of theHeblend to theline- and equival ent width
(absolutevalue). In particul ar, the large values of the NLTE
departure coefficient of the upper level lead to an enhanced
emission (with respect to LTE) which might even compen-
sate for the lower abundance (with respect to hydrogen)
and necessitates the inclusion of this blend in quantitative
analyses (cf. Pu95). However, as a first step and in order
to disentangle the effects of stellar rotation in a clear way,
this paper deals exclusively with the hydrogen component.
Obvioudly, thisapproximation hasto be dropped in thefinal
application.
We consider an optically thin continuum in the wind at
the frequencies of the Bamer lines, which is a good ap-
proximation for O-star winds. The photospheric continua
and corresponding absorption profiles are taken froman in-
terpolation on a grid of plane-paralel NLTE modd fluxes
(Herrero, priv. comm.), where the He-component has been
artificially removed.
- Theradiative transfer itself is calculated in the generalized
3-D Sobolev approximation (Rybicki & Hummer 1978),

since in this way the computation time is significantly re-
duced and, moreover, the different effects due to the ve-
locity field and density can be disentangled easily. This
approach should not introduce substantid errors, since the
lower boundary of our wind models is given by the sonic
point (see §3.5). Evidently, the use of a consistent hydro-
dynamical structurewithalower boundary at much smaller
velocities would require the solution of the “exact” formal
integral.

2.2. Optical depth and source function

In the Sobolev approximation, the optical depth = in direction
n a location r isgiven by

C p*(r)

|[d(nv)/dn|’ @)

T(r,n)=
where p denotesthe density of thewind, and |d(nv)/dn| isthe
directional derivativeof thevelocity () indirectionn. InC' we
have mainly absorbed the physical parameters of theH,, (3 —
2) transition. It can be easily derived from the definition of the
Sobolev optical depth (e.g., Sobolev 1957; Castor 1970) and by
applying the Saha-Boltzmann equation, however alowing for
departuresfrom LTE (e.g., Leitherer 1988):

1+ Yhelne
(1+4Yhe)?

X [bz(r) exp <3';45) — ba(r) exp (1';53>] :

e e

C = 6.60-10°7;%2

Here T, isthe eectron temperature in 10* K, Yie the He abun-
dance npe/nn and Iye the average number of free electrons
provided per He atom (assumed to be 2 throughout this paper).

The quantities b, and b3 denote the non-LTE departure co-
efficients, as obtained by an analysis of the occupation number
stratification of the upper and lower levelsusing “ unified model
atmospheres’ (Gabler et a. 1989) and parameterized as func-
tion of radial velocity », (see Pu95, Eq. 45). The departure
coefficients refer to a renormaized constant electron tempera-
tureTe = 0.75 T

Strictly speaking, this parameterization as function of »,.(r)
applies only for the case of purdy radialy expanding winds.
However, wewill useit also for the cases including differential
rotation and 2-D density depending both on distance from the
star and on stellar latitude, since at present the correct 2-D
parameterization is not known and the deviations from unity
are anyway small (provided, that we neglect the He blend).

For our first model, we concentrate on the effects of differ-
entia rotation alone, and leave the density at its 1-D vaue (cf.
§3.3). By means of the equation of continuity

M = 47rr2v7.p(r) (2

(where v, istheradid velocity), we obtain
A'(r)

r*0,(r)? |d(nv)/dn|’

3

T(r,n) =
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with A’ (r) = C (M /47)2. To give an impression of the order of
magnitude of 7, we notethat A’ /(3. R.%) isequivalent to the
quantity A(r) givenin Pu95 (see their Eqg. 3) and ranges from
10~ to 10~7, which implies that bulk of the wind is optically
thininH,,.)

Using theabove departure coefficients, theline source func-
tion S| isfinally given by

1.404.10°°

ba(r) ,(2192/T) _ ¢
b3(r)

S) (4)

3. Thestdlar wind

In this section we discuss the different models we adopt for
differentialy rotating stellar winds, with specia emphasis on
the extent to which these model s differ from conventiona mod-
els of non-rotating winds. In successive steps we will drop the
assumptions of

1. 1-D sphericdly symmetric radiative transfer

2. 1-D density stratification in thewind

3. constant photospheric gravity at al latitudes
and investigate the consequences for the wind properties.

3.1. Smplifying assumptions

For al models we will adopt the following simplifications:

— stationary and smooth flow of the wind (i.e., no “clumps’
and no shocks)
— aspherically symmetric star.

Since the H,, opacity/emissivity scales with the sguare of
the density, the neglect of apossibleclumpinessinthewind can
have severe consequences, as has been discussed by Abbott et
al. (1981) and Lamers & Waters (19844); see also Puls et d.
(1993). However, if weaccount for thefact that themaj or contri-
butiontothe H,, emissionin O-star winds arises fromthe lower
regions (typicaly from 1.0. .. 1.5 stellar radii) and most recent
hydrodynamical simulations have shown pronounced wind in-
homogeneitiesonly above these layers (see Owocki 1994), this
neglect most probably will not induce any severe and systematic
errors into the mass loss determination. (For a more thorough
discussion on the validity of the first approximation we refer
the reader to Pu95.)

With the second approximation, we neglect the distortion
of the stellar surface due to stellar rotation (see Collins 1963).
However, in the course of our investigations with respect to
gravity darkening (§3.6), this assumption will be relaxed in
some respects.

3.2. The velocity field
Theveocity field at location = is given by
v(r) = v (r)er(r) + va(r)es(r) + ve (r)ea(r), (5)

where (r, ©, ®) denote spherica polar coordinates (© is mea
sured from the rotational pole) and e,, eg, eq the unit vectors
inradial, polar and azimuthal direction.

3.3. Mode swith spherically symmetric density stratification

In our first step to disentangle the different effects of velocity
and density structure, we will assume a 1-D density stratifica
tion p(r) = p(r), which only depends on the radia coordinate
and is given by EQ.(2). In contrast to the conventional H,-
synthesis, however, we will correctly account for the influence
of differential rotation via the velocity field and its directiona
derivative (see §5.2).

In this case, the radial component »,. is given by the usual
B-velocity field

B N\ B
v (r) = Voo <1 - f) . b=1-— (“““”) (6)
T Voo

withz = r/R. thenormalized distancefromthestellar centre,
vmin theminimumand v, theterminal wind vel ocity. 8 controls
the shape of the velocity field and ranges from 0.7 ... 1.3 for
typical O-star winds(cf. Groenewegen & Lamers 1989, Pu95).
Wewill use f = 1 asarepresentative valueinour investigations.
The azimuthal velocity component v is due to the stel-
lar rotation. With the assumption of conservation of angular
momentum, we have
va(r, ©) = vror 6, (7

r

with vrot the equatoria rotational velocity at the stellar surface.
The polar component ve 1S Set to zero,

ve = O,

sincein thisfirst model we will investigate the influence of the
differentia rotation exclusively.

In thisdescriptionthen, thevel ocity field issymmetric about
the rotationa axis and the equatoria plane in the stellar refer-
ence frame.

3.4. Moded swith 2-D density stratification

Since the optical depth isproportional to the square of the den-
sity, acorrect treatment of the density stratificationin thewhole
windisessentia for thelineformationprocess. Asalready men-
tioned in §1, BC presented a wind model for rapidly rotating
early typestarsthat predictsa2-D density stratification p(r, ©).
A thorough discussion of this modd is given by BC, and we
will only briefly describe the basi c features and then discuss the
resulting wind propertiesin the case of typicd O-stars.

As abasic assumption, BC use the supersonic approxima
tion, i.e, pressure terms are neglected when calculating the
particle trajectories. Thus, a parce of wind material behaves
like a non-interacting free Newtonian particle, and the only
forces to be considered are radiation pressure, centrifugal ac-
celeration and gravity. Furthermore, the boundary conditionsat
al latitudes are set by r; = r, & R,, with r, the sonic point,
i.e., therotational distortion of the stellar surfaceis neglected.

In our further considerations, we will usethesame geometry
as BC, whichisshown in Fig. 1. ©¢ istheinitia “co-latitude”
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Orbital plane

Equatorial plane

Fig. 1. Geometry of the WCD (wind compressed disk)-model by Bjorkman & Cassinelli. The streamlines originate at polar angle ®¢. Their
orbital plane is tilted relative to the equatorial plane by an angle: = =/2 — ©o. @' denotes the azimuthal angle in the orbital plane. The
streamline labeled () denotes the case of zero rotational velocity, whereas curve (c) describesthe trajectory in the case of extreme rotation. In
this case the streamline crossesthe equatorial plane at  =x /2. Streamline (b) correspondsto the case of moderate rotation considered here.

of the particle at the stellar surface and @' the azimuthal angle
inthe orbita plane, to which the particle motion is confined.

As shown by BC, with increasing rotational rate the trgjec-
tories develop from curve (@) (vt = 0) to (b) and (c) (where,
in the case of O-stars, vyt IS Near the breakup velocity). This
evolution is caused by the combination of radiation pressure,
centrifugal force and gravitation and leads in the case of non-
vanishing rotation to a deflection of the particles towards the
equatorial plane, which is equivalent to a polar velocity com-
ponent ve . Consequently, adensity concentration from poleto
equator is formed.

As pointed out by BC, for rapid rotators this deflection
becomes extremely strong and causes the wind material origi-
nating at near-equator | atitudesto collidewiththe material from
the other hemisphere at theequatoria plane. Thisleadstoaden-
sity contrast between equator and pole up to 10° (BC, Eq. 51),
i.e,a“disk” forms. Inthiscase, the pressureterms dominatein
the equatorial plane, and the supersonic approximation bresks
downin thisregion.

Since we are interested in O-stars, where the onset of disk
formation is estimated to occur a vt = 0.9wveit (See BC,
Tab. 2)), i.e, vt = 450 kms™2, the approximate solutions
given in the next section should be reliable for v < 300
km s, at least for qualitativeinvestigations(cf. also Cassinelli
et a. 1995, who applied the original BC-model to the com-
pression of Wolf-Rayet winds in the non disk formation case,
referring to it as the wind compression zone (WCZ) modd.).

3.4.1. Velocity fied

BC provide a semi-analytica solution for the velocity
field »(r, ©®) and the density dtratification p(r, ©) (see their
Egs. 20/22). Compared with their radia velocity law v, (r) =
Voo (©0) (1 — 1/x)?, we use a somewhat different expression

vr(r, ©0) = v00(O0) (l - ;)ﬁ , with 8
Umin 1/3

s (Uoo(@o)> | ©

Voo (00) = Cvess (1_ Q”GO%Y (10)

Here ves is the photospheric escape velocity veg = V2 vgrit,
verit 1S the break-up velocity, veit = VGM(1—T)/R., T =
oel« [(4mc G M) accountsfor theaccel eration dueto Thomson
scattering, and M, isthe stellar mass. In this definition of v,
we have neglected therotational distortion of the stellar surface
(see above).

The parameter + is determined by fitting results obtained
from*“exact” hydrodynamical calculations; fromFA, it hasbeen
set to v = 0.35. As outlined above, we will use an exponent
3 = 1(BC: = 0.8) since our models should alow aso for
windswith amoderateradia velocity gradient valid for O-type
Supergiants (cf. Pu95). Finally, ¢ is given by (cf. FA, Eq. 8)
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¢ = Voo Ve & (vess/1000kms™1)022 2/ /(1 — ) with force
multiplier parameter .

With thisparameterization of theradial velocity component,
the azimuthal and polar components result in (cf. BC)

Urot sin2(90
r SN
Urot sin @0 COS@O . !

- sn®
x sn® ’

vy (7“, 6) =

(11)

ve(r,©) = (12)

wherein our case (cf. Appendix A)
A |
b(1-p)

b\ 1P
{(1— —) - (1—b)1‘*9}
X
SiNOgvrot

8 Voo (©0) ’

and ©¢(r, ©) can be found by iteratively solving for (cf. BC,
Eqg. 19)

(13)

C0sO = cosOg cosd’ 14

in parallel with Eq. (13) for &'

3.4.2. Density dretification

For the case of non-crossing streamlines (i.e., ® < 7/2), the
wind density isgiven by (BC, Eq. 22)

M (©)
412y, (dp/dpo)’

with y = cos© and M (Og) the mass flux multiplied by 47 R2

p(r,©) = (15)

. . o\
M(©o) = M (1 — §n6 ﬂ) (16)

Ucrit
where¢ = —0.43and M, themass-|ossrate of the non-rotating

star (see FA). Theexpression for du /duo isderived in Appendix
A.

3.5. Modd results

Inthefollowing section, wewill investigatethe properties of our
modified velocity field and 2-D density structure for a typical
O-star wind and compare them with those which would follow
from a 1-D spherically symmetric density stretification.

For this purpose, our stellar/wind model is based on the
following parameters (close to those obtained for ¢ Pup (cf.
Pu95))

—Teff =42000K
—logg =3.6
- R.=19R,
- M, =525M,

- L.=108L

— vese = 730km s~ 2.

— Umin = Veound &~ 20kms™!

— Voo pole = 2250 kms™*

— [} =1

-a=0.6
veound denotes the isotherma sound speed. Two aspects mo-
tivated our choice for vmin. First, the Sobolev approximation
(for hydrogen) breaks down below the sonic point. Secondly,
we found from test calculations that for the adopted stellar
parameters and a minimum velocity vmin < 5kms™! the on-
set of disk formation (i.e, P > w/2) occured aready for
vrot & 220km s™L. This extremely low value, however, seems
physically more than questionable, and a correct hydrodynam-
ica 2-D treatment should provide a larger value (cf. dso the
discussion of this point by Owocki et a. 1994, who came to
the same conclusion). Hence and in accordance with BC who
assumed r; = r; aslower boundary, we choose vmin & vsound-

Intheir investigation of B-stars, BC used ¢ asafree param-
eter, since a clear discrepancy between theoretically predicted
and observed values of v, occursfor starsinthat spectral range
with canonical values of «. In our case, however, the observed
Voo iIMpliesavaue( = 3.08, whichiscompatiblewithatypical
force-multiplier parameter o & 0.6 (actually, not o but o« — 6
plays the crucia role, with f.-m. parameter 4 accounting for
changes in the ionization structure, cf. Pu95).

At firgt, we will investigate the behaviour of the different
components of the velocity field, v,., ve and ve. IN Fig. 2 (Up-
per panel) we have plotted the radia component v..(r, ©) for
different co-latitudes © versusradius z;, normalized to the 1-D
velocity
Vp1-D = Y pole(T) = Voo, pole(1 — b/x)ﬁ, an
withb =1 — (‘Umiﬂ/voo,pole)l/ﬁ and Voo, pole = (Vesc-

Ascan beseen, theradia flow at al latitudesis sl ower than
in the corresponding 1-D model, and in accordance to Eq. (10)
this discrepancy is stronger for larger rotational velocities and
at larger co-latitudes. Consequently, if we observe the wind
“pole-on”, the maximum observed velocity will be higher than
for awind seen “equator-on”.

Fig. 2 (middle panel) displays the ratio of the azimutha
component v (r, ®) to v, (r, ©) for different co-latitudes. Close
to the star, there is a clear dominance of the rotational terms
compared to the radia expansion. The maximum va ue occurs
in the equatorial plane, wheresin® = sinQq = 1 (cf. Eq. 11).
For larger radii (z 2 1.1), theazimuthal vel ocity vanishes, since
ve IS proportional to 1/z and the particle streamlines become
purely radid. Hence, especidly in cases of high inclinations:
withlargevaluesof projected rotational velocity, thedifferential
rotation will have a substantial impact on the line formation.

The ratio of the polar component vg(r, ©) to v,.(r, ©) is
plotted inthe lower panel of Fig. 2. Near the stellar surface, the
particles still have not experienced any deflection towards the
equatorial plane, and accordingly ve is zero. With increasing
distance, v grows most strongly for intermediate co-latitudes,
where the combination of an orbital plane, that istilted relative
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Fig. 2. Velocity components for a stellar wind including rotation vs. distance r from the stellar core for different co-latitudes ©. Model
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Fig. 2. (continued) Theratio ve (r, ©)/vas(r, ©) vs. r for different co-latitudes ©. Left: v = 100km s™%; right: orer = 300km s

to the equatoria one, and differential rotation is most signifi-
cant.

ve Vanishes both at the poles and in the equatorial plane,
in the first case simply because the rotationd terms are zero
in those regions, and in the second one, because the more the
particles are deflected towards the equatorid plane (i.e, the
longer they have been moving in their orbital plane) the more
radi ation pressure dominates the other forces and finaly causes
apurely radialy and outwards directed particle motion.

The (relative) maximum of ve is reached close to the star
near » = 1.01, wherewefind valuescomparableto v... For larger
radii, ve decreases and finaly (almost) vanishes as function
of 2~1. Since ve is of the same order of magnitude as v,
only very close to the star, its influence on line formation is
limited to the line centre (and, moreover, only via an only
small emitting/absorbing volume), which is affected anyway
by a number of uncertainties such as the actual transition from
the quasi-hydrostatic to the wind regime. Hence, we conclude
that the impact of ve on line formation should be negligible
compared to theinfluence of vg.

This aso becomes evident from a direct comparison of the
polar and azimutha velocity components (Fig. 2, last pand).
Closetothestar (x < 1.01...1.1),thepolar component ve can
be obviously neglected with respect to vg. Significant vaues
are reached only at larger distances from the star, where the
maximum of ve /ve COnvergesat cot O sind (cf. Eqs. 11/12),
whichitself islargest for low ©, i.e, in polar regions.

Sincein our O-star case theradial velocity v, clearly dom-
inates both ve and ve for 2 2 1.1, neglect of vg compared
to ve (as will be done in the following sections) is justified.
However, for a detailed treatment of the line core or in cases
with a significantly lower termina velocity (in parallel with
high rotational speed, if such a case exists), one may have to

consider aso the polar component vg both inthe velocity field
and itsdirectiona derivative.

In order to compare the 2-D density stratification p,_p =
p(r, ©) witharadially symmetricone p1_p = p(r), wehaveto
define p(r) = Mi_p/(4nr?v, 1_p) , Where M;_p denotes the
mass-loss rate of a comparison star with a 1-D density wind
being identical to the surface integrated mass flux of the star
with the 2-D density wind:

27 T

: . M(Op)
Mi_p = | R? / S} dOo do
1-D / * SNOg 47TR2 0

0 *

0
7r/2 d _1
= /sin@ <—“) M(©) dO
duo
0
/2

= / s.n @ 47r7"2p(1°’ 6) Ur (7", 6) d® ’ VT‘ € [R*; TmaX] ’
0

(18)

where we have used Eq. (15) for thethird identity. Because the
particlestreamlinesdo not cross, themassflux, integrated over a
sphere with radius r, has to be conserved with r. This provides
an excellent possibility to test the accuracy of our numerical
code. (Parenthetically, we like to comment on the difference
between M;_p and My, from Eq. (16). The mass-lossrate M,
of a non-rotating star changes due to the effects of rotation,
leading to an increased surface integrated mass-flux M;_p,
which will be used throughout the following as the mass-loss
rate of a2-D density wind. To give animpression of the change
in M as function of rotational rate, for our O-star wind model
as above and My_p = 6 107° M yr=?, the corresponding
mass-loss rates of a non-rotating star would be M, = 5.6 -
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Fig. 3. AsFig. 2, but now for the ratio p(r, ©)/ p1—p(r). Left: v = 100km s™%; right: vrer = 300km s,

108 M, yr= for vy = 100km s™%,5.1- 1078 M yr= (vyor =
200kms~ 1) and 4.4 - 10-8 Mg yr=1 for v,o; = 300kms™1)
The results of our calculations are shown in Fig. 3, where
we have plotted the ratio between 2-D density p(r, ©) and 1-D
stratification p; _p versusdistancez. Already for thecase of low
vrot = 100 km s, we find at constant = a decrease in density
around polar latitudes and an enhancement near the equatorial
plane. Thisdensity contrast between pole and equator becomes
more and more pronounced with increasing z, and is extremely
significant for ahigh rotational speed v,o; = 300km s, namely
Pequator/ Ppole & 1.5(x = 1) ... 4(x = rma/ Ry).
Fromtheconstraint of mass-flux conservation, thedefinition
of M1_p and with reference to Eq. (16), it is obvious that at
the pole M(©9 = 0) < M;_p and in the equatoria plane
M(©g = x/2) > M;_p. At the stellar surface then, we find
from Eq. (A3) that du/duo = 1 (<I>'(.r =1) = 0). Additionadly,
we have v, (z = 1, ©) = vmin = v,,1-—p for al co-latitudes ©, so
that, even at the stellar surface, p(r, ©) issmaler than p1_p(r)
in polar regions and larger than p;_p(r) in equatorid regions.
Althoughthedensity contrast isan increasing function of z,
it becomesa most constant for largedistancesfromthestar (z 2
10), sincevg and ve vanish and the streamlines become radial.
Interestingly, a intermediate co-latitudes(© ~ 40° ... 60°) the
density ratios behave in a strikingly non-monotonic fashion,
e.g., for vy = 300km s~ and © = 40°, p,_p becomesinitially
larger than p1_p; for greater distances from the star, however,
it is smaller than p;_p. This phenomenon is caused by the
radial dependence of dyu/duo, M (©0) and v,(Oo). As aready
pointed out, for small values of = only M (©¢) and M1_p are
different and determine exclusively the ratio p(r, ©)/p1_p(r).
For larger x and fixed ©, the material originatesfrom an initial
co-latitude®y < ©, since the particleswere deflected towards
theequatorial plane. According to Eq. (16), thisisequivalent to
adecrease in M (©o). Additiondly, theratio v, (r, ©) /v, 1-p(r)

decreases for al O, (except at thepole, cf. Fig. 2), and du/duo
is> 1 at thepoles and < 1 near the equatorid plane (Fig. 4).
It is now the combination of these three quantitiesthat depend
on z in different ways, which causes the ratio p,—p/p1-p t0
become non-monotonic at intermediate co-latitudes.
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Fig. 4. AsFig. 2, but now for du/duo and vret = 300km s=2,

The effects of rotation on the hydrodynamical structure of
typical O-star winds can be summarized as follows: Very close
to the star and with the exception of the poles, where the radia
expansion is always dominant, ve significantly exceeds v, and
ve. In contrast, ve has sizable values only for a small radia
interval at intermediate latitudes, though for extremely rapid
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rotators (vre > 300 kms™1) it may be the same order of mag-
nitude as v,.. The deflection of the wind material towards the
equatorial plane induced by this velocity component causes a
density contrast between polar and equatorial regions, whichin-
creases both with distancefromthe star and rotational rate. This
modified density structurewill |ead to significant consequences
for the line formation process (§5.3), whereas the influence of
ve Viathe purely velocity-field dependent termsisrestricted to
theline core.

3.6. Gravity darkening

In the last section of this chapter, we will investigate the ef-
fects of gravity darkening, which may be expected to modify
the contribution of the photospheric radiation field, both by its
influence on the continuum and the photospheric line profile
itself. As pointed out above, in our fina modes we will ne-
glect the distortion of the stellar surface and any effects on the
hydrodynamical structure by keeping the gravity and related
guantities constant with respect to latitude. However, we will
devel op an approximate method which will allow us at least to
account for integral effects caused by thelateral variation of the
surface gravity.

M ost aspects of our procedure areidentical to those outlined
by Cranmer & Owocki (1995, CO hereafter), and hence wewill
giveonly abrief summary.

3.6.1. Basic formulae

Due to the stellar rotation, the surface becomes distorted, and
the stellar radius depends on co-latitude © (see CO, Eq. 26)

R.(Q,0)=

(19)

3Ry cos [~ + arccos(2sin®)
QsnO 3 '

Here, R, is the polar radius and assumed to be independent
of the rotational velocity, i.e. used as input parameter. Q isthe
normalized stellar angular vel ocity and defined by

(20)

with angular velocity w = vt/ Req @nd thecritical (“breskup”)
angular velocity weir = (8G Mt/ (27R3))Y/?, where we have
accounted for the gravity reduction by Thomson scattering in
replacing the stellar mass M, by Mgt = (1 — T)M,. Reqisthe
radius at the equator (© = = /2) and given by (CO, Eq. 27)
Req = Rp/(1 — v2;Rp/(2G M)). (21)
The reader may note that the above definition of wgi; differs
from the breakup velocity weit spherica = verit/ Rp introduced in
§3.4.1 owing to the neglect of the rotationd distortion of the
stellar surface.

We are primarily interested in the norma component
of the gravity itself (and not the effective gravity corrected
for Thomson scattering), since the appropriate photospheric

fluxes/profiles are tabulated in terms of T and log g. Thisnor-
mal component of the gravity on the stellar surfaceis given by
(see Collins 1965, Egs. 4/5)

2
Kz_gé _5QZsjn2@>

+ Q%2sn?0 00529]1/2,

_GM, 8
91(2,0) = 7,235

(22)

with normalized stellar radius¢ = R.(©)/Rp. Thereader may
note that this expression isimplicitly dependent on (1 — T') via
Q and ¢. (Parenthetically and to avoid any confusion, we point
out that in order to obtain the normal component of the effective
gravity, one hasto replace smply M, by Mg inEq. 22.)

The above dependenceof g, on© leadsto avariationof the
radiative flux F'(©) emerging from the photosphere, which is
proportional to g, viathe von Zeipe theorem. If we consider,
that
F(©) = 08 151(0), (23
with og the Stefan-Boltzmann constant and the local effective
temperature T (©), we obtain
C(w) 91w, 0) = T4(O). (24

C'(w) is the von Zeipe constant given by (Collins 1963,
Eqg. 13)

Cw)= Le »1 (25)
0B
where the surface-integrated value of g , X is:
Y= ?{ g1 (w, ©)dA
A
T 2 .
= o / 0 <R*(®)sn®d®>’ (26)
) —9:/91

andwhereg, istheradia component of thegravity (CO, Eq. 28)

1.8 2 G2
<—€—2+§EQ sin ®>.

From Eqgs. (25/26) it isclear that T (©) can be determined
fromthenormal component of either the gravity or the effective
gravity, aslongasthe (1—1I') dependence of 2 and £ iscorrectly
accounted for in both quantities.

Taking into account now the symmetry about the rotational
axis, Egs. (22), (24) and (26) provide the desired values for
g1 (0) and T (O) at every location on the stellar surface.

This knowledge allows us now to pave the stellar surface
with photospheric absorption profiles and continuum fluxes
taken from gridsthat incorporate the dependence on log g, (©)
and Ty (©). Thus, we can investigate the actua influence of
gravity darkening on the observed profiles (see §5.1).

_GM,

9r =~}
RP
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In order to compare line profiles calculated by neglecting
gravity darkening with profilesincluding thiseffect, the former
ones have to be cd culated for a non-distorted “ 1-D comparison
photosphere” with averaged values of radius R, gravity ¢%
and effective temperature 73, since it is aso this set of pa-
rameters which is underlying the photospheric spectroscopy of
rotating stars by means of 1-D models. These averaged param-
eters can easily be determined, if we assume that rotating and
non-rotating star have the same luminosity.

L. = faBT:ﬁ(@)dA
A
w/2
- 4r / $nO R2(0) g T (0) dO
0

/2
= 4r (R¥)? / SN0 ogTH(0)do. 27)
0
Thus we obtain for the averaged radius
/2 -1/2
R = 12 | ar / sneoeTh©@)do | | 28)
0
and by means of
L. = 4n(R¥) og(T3)* (29)

we can solve for 7. Finally, the averaged gravity required to
choose the appropriate comparison profile is given by

G M,
(R¥)*
We will aso use these averaged stellar parameters in our 2-D

wind models in order to define both the electron temperature
Te = 0.75T7% and the core radius R, = RZ.

a —

g1 = (30)

3.6.2. Results for modelsincluding gravity darkening

By applying the method outlined above to our O-star model
from§ 3.5, weobtaintheresultslistedin Table 1. We have com-
pared the values for the surface-integrated gravity ¥ (Eq. 26)
with those obtained by using the fit formula provided by CO
(their Eq. 32), where the deviations turned out to be less than
3.10"%inall cases.

By inspection of Tab. 1, we find that for low rotational ve-
locities (vror < 150 km s™1) the stellar distortion at the equator
is less than 5% . If vy exceeds ~ 300 kms™, the surface
deformation reaches more than 20 %. The reader may note,
however, that our O-type Supergiant model isarather extreme
case with a vaue of T' = 0.5 implying a break-up velocity
of veit = 420 kms™1. For O-type main sequence stars with
the largest observed rotationa rates, vt lies well above 500
km s~1. Thus, the approximation of a spherical stellar surface

Table 1. Stellar parameters and their averaged values as function of
rotational speed. Equatorial radius Re andaveraged radius RS in units
of Ry, effective temperaturesat the pole T p, at the equator Tt,eq and
averaged effective temperatures 7 in K, vrgt iInkm s~ g (g denotes
the equatorial normal gravity.

Stellar parameters as in §3.5: Stellar luminosity L., = 10°L, po-
lar gravity logg.,, = 3.60, polar radius Ry = 19R, stellar mass
M. =525Mq, [ =05, veit = 420 kms™2,

vt 109910 Req Taeq Tarp R loggd T

0 360 1.00 42000 42000 1.00 3.60 42000
50 359 1.00 41870 42070 1.00 3.60 41940
100 3.57 1.02 41470 42270 1.01 3.59 41740
150 352 1.04 40760 42610 1.02 3.58 41420
200 3.46 1.08 39690 43110 1.05 3.56 40990
250 336 1.13 38120 43800 1.08 3.54 40480
300 322 1.20 35790 44670 1.11 3.51 39920
350 298 1.30 32060 45720 1.13 3.49 39430

should be dropped for rotational rates greater than 300 km s~*
or 400 km s~ for supergiants and dwarfs, respectively.

For vo < 250kms™2, the difference in logg: and T
between pole and equator is quite moderate, namely < 0.24
dex inlogg, and |Teff7eq — Teff7p|/Teff7p < 0.13, respectively.
In particular, the averaged values of stellar radius R (larger
than Rp) and gravity ¢ (lower than g, poe) differ only weakly
from their nominal values at zero rotational rate. Since all our
model s requirethe same luminosity, and the “ effective” surface
of the star is enlarged, the averaged effective temperature T3
decreases with increasing vr.

4, Lineformation

In this section we will outline our method of calculating line
profiles on the basis of the 2-D models developed in §3 and
investigate some basic effects introduced by accounting for the
differential rotationin the line formation process.

4.1. Geometry

For our calculations, we used the geometry presented in Fig. 5.
(For a detailed derivation of the expressions given below we
refer the reader to Mazzali (1990), where however our coor-
dinate system is dightly different from the one he used.) The
observer’s cartesian coordinate system is denoted by (z, p, q)
and the inclined stellar system by (z., p«, ¢«). 7 denotes the
inclination angle. The observer is located a z = oo and only
receives radiation emitted into direction 7z,

4.2. Projected velocities

Asdiscussedin § 3.3, inthefollowingwe will neglect the polar
velocity component, i.e., we set ve = 0 and consider only the
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Fig. 5. Geometry used for calculating the formal integral. The stellar system (z«, p«, g«) isinclined relative to the observer's system (z, p, q) by
aninclination angle i. Note that p. = p. The star rotates counter-clockwise about the g.-axis, and the observer islocated at z = co. ©, isthe
polar and @ . the azimuthal angle. The polar coordinates (P, ®) are defined in the (p, ¢)-plane, with p = Pcos® and g = Psin®.

radia and azimuthal vel ocity components. With the unit normal
vector in direction z, which is defined in stellar coordinates by

n; = (2:(n:), p«(n:), ¢.(n.)) = (sinz, 0, cosi), (31)
and theunit vectorse,., , eg,
sno, cosd. — snd,

er,(r)=19Nn0, snd, |, eqs,(r)= cos®, |, (32

CosO, 0
theline of sight velocity in stellar coordinatesis given by
n,v = vops = v, (SNiSiNO, cosd, + cosicosO,)

—vg SiNisin®,, (33)

with ©, thepolar and @, the azimuthal angle defined as usual.
The geometric transformations between the stellar spherical
polar and cartesian coordinates are given by

Zx

PN
(v +=)"

cosd, = (34

(pz n 22) 1/2
where here and in the following we have omitted the subscript
forthestellar coordinater sincethisisonly definedinthestellar
frame.

Due to the stellar rotation, the photosphere also moves in
space, with vel ocity v phat. Itsline of sight component (now mea-
sured as function of the observer’s coordinates (P, ®)) results
in

P cosd
R* '

The directiona derivative of the velocity field aong the
line of sight (required for evaluating the Sobolev optical depth
(Eg. 1)) is computed following the procedure by Mazzali
(1990),

(35)

M ;Vphot = Uphot = — Vrot sing

d(n.v) _ vy

z\2 2ugpSnipz vy
1+ (;) o+ —2)1/2 = 7Q0(36)

dn, r v (pF + 22

Here, the curvature parameter o

Ov, /vy,
= L)1
7 (81“ / r >
(introduced by Castor (1970)) measures the deviation of the
purely radial from a homologous expansion, and the third term
in Qo accounts for the additiond influence of differential rota-

tion on the vel ocity derivative. Note, that thisterm vanishesfor
Vrot = 0.

_dlnv,
dlnr

~1 (37)

4.3. Influence of differential rotation on the optical depth

We will now discuss the extent to which differential rotation
affectsthecrucia quantity inthelineformation process, namely
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Fig. 6. Resonance zones (as “seen” by an observer, i.e. as functon of p) in a 2-D O-star wind in the equatorial plane for X = 0 (left) and
X = —0.2 (right). Dashed: v = O, fully drawn: vrot = 400km s™2. Wind parameters: vmin = 20kms™2, v, = 2250kms™tand 8 = 1. The
hatched region behind the stellar core is occulted from the observer. In contrast to our usual notation, p and z are scaled in units of R ..

the optical depth. To do so, we adopt a1-D density stratification
(Eg. 2) and a velocity field given by Egs. (6) and (7). Due to
the additiona azimuthal velocity component, thelocation of the
resonance zones and the local velocity gradient d (nv)/dn in
thewind aredifferent fromthosefor apurely radialy expanding
wind. According to Eq. (1), this modifies the Sobolev optical
depth 7.

In order to find thelocation of the corresponding resonance
zones as function of fregquency, we have to solve for the reso-
nance condition

n, v Vobs

= (38)

Voo

X =

Voo

where X measures the frequency displacement with respect to
rest wavelength vg in units of the maximum Doppler shift,

x=" (1 _ 1)
Voo 1Z0)

The projected velocity vops is Obtained by inserting the expres-

sionsfor v, and vg into Eq. (33)

(39)

oz pR. . .
Vobs = Ur — — Urot —— SN,
r ror

(40)
and, after solving for the resonance zone (z, r) as function of
(X, r), the directional derivative at this location follows from
Eqg. (36):

d(n,v) _ v.(r) [1+(i)20+2m0tsinisz*
r

dn, v, (r) r®

(41)

Since the largest effects occur at the equator (cf. Eq. 7),
we restrict the following considerationsto this plane. In Fig. 6,
we have plotted the resonance zones in a wind of a typical
O-star for two different frequencies (X = 0and X = —-0.2)
for viee = 0 and vy = 400 kms™1, respectively. The star
rotates counter-clockwise, so that the wind material obtainsan
additiona azimuthal velocity component away from (for p >
0) and towards (for p < 0) the observer. This consegquently
leads to a clockwi se twist of the resonance zones near the core,
i.e., contrary to the rotationa sense of the star. As shown in
Fig. 6, the resonance zones for X = 0 are essentially shifted
away fromthe star (onehasto compare the situation at the same
impact parameter p), whereas for larger (absolute) values of X
(right pandl) half of the resonating material (p > 0) is moved
closer towardsthe star.

This behaviour has important consegquences for the optical
depth. Since (cf. Eq. 3) A’ (r) isan only mildly varyingfunction
of r, we will concentrate on the density/vel ocity dependence of
7 ~ (32 |Qol)~ . For low values of 3, i.e. for a steep radial
velocity law close to the star, v, strongly grows with r in this
wind region. As calculations have confirmed, |(Q)o| changes on
the same scale as v, but due to the strong dependence on v,
7 ~ v, this turns out to be the crucia quantity. In other
words, it is primarily the density dependence which controls
the behaviour of 7, asisto be expected for recombination lines.
Hence, for small frequency displacements from line centre the
optical depthisdecreased dueto thetwist of theresonance zones
away from the star, whereas it is (on the average and due to the
strong dependence on p?) enhanced for larger values of | X|.
This behaviour of the resonance zones (and its consequences
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for the optica depth) will be called the resonance zone effect
hereafter (cf. §5.2).

The reader may also note that in the case of our O-star
models(i.e, largev., ) evenforlargerotational ratesno multiple
resonance zones occur along alineof sight (Fig. 6, fully drawn
Ccurves).

4.4. Calculation of theline profile

The emergent flux 72, measured by an observer at distance D
from the star, is found by integrating the intensity 7,"° over a
planeperpendicular tothelineof sight. ;™9 isheretheintensity
emerging at the outer boundary of the wind rny4 and directed

towardsthe observer. Thus, we have

27 R«
1
FObs = o //13'“9(<D,P, n.)PdP do
0 0

27T Tmax
/ 1¥"9(®, P, n,)PdP dd

0 R,

1
t (42)
The first term attributes the core region, and the second one
the emission |obes (non-core region). By means of the Sobolev
approximation, weobtaininthemost general case(i.e., alowing
for multiple resonances, but see above)

Ismg((I)JP’nZ):

N
1% exp (— 3 r(r;,nz)) H(R. - P) +

i=1

N
+ Z S(ri) [1—exp(—7 (rf, m.))]
=1

(43)

i—1
X exp (—Z T(r;-,nz))

j=1

(e.g., Rybicki and Hummer 1978). The Heaviside step-function
H accountsfor thefact that the observer can receive (processed)
photosphericradiation (including lineradiation) emitted by the
star with intensity 7¢ and frequency v only within the core
region. v is (re-)corrected for the Doppler shift the particle
experiences in thewind and for the rotation of the photosphere
in the reference frame of the observer. It is given by

7= vo (1+M>, (44)

C

where vgps and vpnot are defined asin Eq. (33/35). r;.(j) denotes
the resonance points in the wind with respect to frequency v.
7’ are the pointsthat are located between = and the observer
along theline of sight.

In order to caculate the normalized line profile R, =
Fobs/ peont we also need the continuum flux, which is given

by

21 Ry
1
Ff°”‘=ﬁ //I,%O”thPdd>.
0 0

In the following, we will usually assume that the photospheric
continuum is constant over the line profile, /<" = B, (Tia)
With Tioq = 0.77 T @t H, (cf. Pu95).

However, in those cases where we explicitly account for
gravity darkening, the calculation of both the photospheric
profile and continuum requires some additiona remarks. As
pointed out in §3.6, we will neglect any deviation from spheric-
ity when performing the formal integral, since the surface dis-
tortion was shown to be minimal in the O-star case (§3.6.2).
Thus, in our 2-D transfer code we will adopt a spherica star
with R.(0,) = R¥ VO.; however we use the local gravity
g1(0,) (Eq. 22) and the local effective temperature T (©.)
(Eq. 24) at different locations on its surface.

With thissimplification we can easily determinethe contin-
uum flux F'%°" received by the observer. By using the geometry
introduced in §4.1 and by neglecting limb darkening, £/
comprises the average of al local continuum fluxes F'°"(0,)
as function of ¢, (©.) and T (0©.), which are taken from a
grid of plane-parallel NLTE model atmospheres (Herrero, priv.
comm.)

(45

27 R,
ootz L / / FON@, (P, %)) PAP d®, (46)
R
00
with
0.(P,®) = arccos(q.(R« = R, P, ®,sini)). (47)
¢« Can be easily caculated:
¢« = z COSi + ¢ Sini
= (R¥ — P?3 cosi + Psin® sini (48)

Finally, the normalized photospheric line profile RE™ is
given by

PO, (P, ®))

RBhOt(P) ¢) = Fcont )

(49)

where FP"(0,.) istheactual lineflux emerging from the photo-
sphere a co-latitude ©.,. It isevident that RE™Y(P, ®) is equiv-
denttomR2 (IS(0.)/ FPM).
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5. Thelineprofiles

Having described the different model s and methods of cal cula
tion in considerable detail, we will now investigate the impli-
cationsfor theresulting H,,-profiles. In particul ar, we will con-
centrate on the deviations from the conventiona 1-D approach
and the conseguences for the determination of mass-loss rates
and (as we will see below) absolute stellar rotationa velocities
Urot-

For our numerical caculations, we mapped the stellar
(r, ©®)-plane with 400 radia grid points ranging from r = R,
to r = 100 R., which are logarithmically spaced. The polar
grid consists of 91 equidistant pointsin © (with® € [0, 7/2]
due to the present symmetry about the equatoria plane). This
large number of grid pointsturned out to be essential in order to
achievethe accuracy required for the conservation of mass-flux,
but has no consequences on the computationa time, which is
constrained by the number of (P, ®) pointsin the plane per-
pendicular to z. Here, we used 33 points for & (equidistant),
30 pointsfor P in the core region (equidistant as well) and 50
pointsfor P in the non-core region (logarithmically spaced).

The line profiles were calculated from Eqgs. (42,43,46) for
the formal integra, Egs. (6), (7) and (2) for the 1-D veocity
field and density stratification, and Egs. (8) to (16) in the 2-D
case, where the conservation of mass-flux is accounted for via
Eq. (18).

5.1. Gravity darkening

At first, let us check the extent to which the resulting profiles
depend on adetail ed treatment of gravity darkening by compar-
ing them with profiles calculated using a single photospheric
input profile that is appropriate for the averaged photospheric
parameters. For this purpose, we proceed as outlined in § 3.6,
i.e., in both cases we adopt a 2-D wind model with radius R¥
and effective temperature 73 (Egs. 28/29), where the only dif-
ference is the choice of the photospheric input fluxes: for the
“1-D comparison photosphere’, we use an input profile ap-
propriate to g3, T3, whereas in the “exact” approach we use
profiles given by ¢, (0), Te:(©) and a continuum as defined
by Eq. (46). Fig. 7 displaysthe results for astar with very low
(M =10"8Mgyr=1) and high (M = 6-10~8M,yr—!) mass-
loss rate. Here and in the following profiles, we plot residual
flux R, vs. frequency displacement X in units of the maxi-
mum Doppler shift with respect to v.., and have redefined the
equiva ent width to be positivefor net emission.

Inthefirst case, thewind emissionisvirtually zero, i.e., we
observe the pure photospheric profile, whereas in the second
one the wind emission clearly dominates. Leaving the discus-
sion of the different line shapes as function of mass-loss rate
and inclination angle to the next sections, the comparison be-
tween the profiles including and neglecting gravity darkening
demonstrates that even for a rapidly rotating star the effects
are smal, with maximum differences in the line core (and the
equivaent width) of only afew percent.
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Fig. 7. H.-line profiles for a2-D density wind and stellar parameters
asin Table 1 for vrer = 300km s™*. Upper panel: M = 1078 Myr=;
fully drawn: sinz = O (pole-on), with gravity darkening; dashed:
sin: = 0, no gravity darkening; dashed-dotted: sin: = 1 (equator-on),
with gravity darkening; dotted: sinz = 1, no gravity darkening.
Middle panel: same as above, but for A = 6- 10~ Myr—t.

Lower panel: relative differences (Rep — Ro)/Ro between H,
profiles including and neglecting gravity darkening. Fully drawn:
M = 107%Myyr™', sni = 0; dashed: M = 107 °Myyr,
sini = 1; dashed-dotted: M = 6- 10~°Muyr—*, sini = 0; dotted:
M =6.-10"Mgyr~!, sini=1.
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This small difference can be attributed to the fact that our
“1-D comparison photosphere” exhibits a profile which is an
average of the different absorption profiles which are actually
emerging from the stellar surface. Near the hot poles of the
star, these profiles are weaker, whereas in the cooler equatorid
regionsthey are stronger than the averaged feature. So, for any
arbitrary inclination angle i both effects will partially compen-
sate each other, where the residual (Fig. 7, lower pandl) is so
small that the substantid effort to account for this effect is not
justified, in view of the additional uncertainties. Hence, in the
subseguent investigations we will neglect this effect and use
in all cases a photospheric input profile that is independent of
latitude.

Asan additional comment, we point out that the above argu-
mentationisonly justified for those stars where thetemperature
and density contrast between the pole and the equator does not
induce level populationsthat are too different in these regions.
Thisisactudly true for the O-star case considered here, but is
no longer valid for rapidly rotating B-stars, where the lateral
variation of the physical conditionshas amuch larger effect on
the population structure (see e.g., Massa 1995, CO).

However, thereisasecond conclusionto bedrawn fromthis
investigation: Our results for the low mass-loss mode shows
that the usua procedure to derive photospheric parameters by
fitting synthetic line profiles (convolved with the appropriate
rotation profile) to the observations actually results in values
whichareinamost perfect agreement withthe averaged val ues.
Thus, the procedure outlinedin § 3.6 can be reversed to obtain
the parameters for the corresponding non-rotating star or the
stellar mass, at least in cases where a guess of sini is possible
(e.g., Herrero et a. 1992; see also below).

According to this line of reasoning, it is aso obvious that
stars of different parameters will exhibit almost identical pho-
tospheric profiles, as long as their averaged (i.e., actualy ef-
fective) photospheric parameters are the same. This behaviour
motivatesour further proceeding withthecomparison of profiles
resulting from different model sand different rotational rates. In
all cases, we will compare only modelswith the same averaged
parameters, independent of their actua rotationd rates. By do-
ing so, we have themost direct possibility toinvestigatethe pure
effects of different wind physics on the resulting line profiles,
because the “ effective” photospheric conditionsare assumed to
be prespecified at their averaged value. Evidently, we will have
to account for the “re-transformation” of the derived averaged
parameters (by means of photospheric analyses) to the actua
onesin thefina application of the method.

5.2. The basic influence of differential rotation

Thefirst point inour investigation of theinfluenceof stellar rota-
tion on the emergent profilesinvolvesthe purely kinematical ef-
fect ontheresonance zonesand their optical depths. Thisisdone
on the basis of the model presented in §3.3, namely a 2-D ve-
locity field and appropriate directiona derivative (Egs. 36/37)
with, however, a somewhat inconsistent 1-D density stratifica
tion.

For thispurpose, Fig. 8 compares three profiles, namely the
one obtained from 1-D radiative transfer and vt = O (dotted),
the one obtai ned from the conventional trestment (1-D radiative
transfer and subsequent convol ution) (dashed, “ convol ved” with
vrot SN = 300 km s~ 1) and the oneresulting from acorrect 2-D
radiative transfer (fully drawn, vt = 300kms™1).

L O I
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105 EW. (v.rot = 0) = 0.00 _
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Fig. 8. H. line profiles for a rotating wind model with a 1-D density
stratification. Fully drawn: 2-D radiative transfer, 2-D velocity field
with vt = 300km s~%; dotted: 1-D radiative transfer, v = 0kms™%;
dashed: 1-D radiative transfer and subsequent convolution with rotation
profile of width v Sins = 300km s~ M = 4.5.10"%M o yr~?, other
parametersasin §3.5

Obvioudly, there are striking differences between the con-
volved and the exact 2-D profile. Compared to the non-rotating
case, the convolved profileis broader and shallower due to the
rotationa broadening at constant rate, whereas the 2-D profile
including differentia rotation exhibits a much deeper absorp-
tion in the line core, while the wings show emission “humps”.
The reason for this behaviour is the resonance zone effect de-
scribed in §4.3: at frequencies | X| = 0.1...0.2, the optical
depth of the corresponding resonance zones is enlarged, while
it is diminished near theline core | X| < 0.1. Since the source
function remains (almost) constant, thisis equivalent to an in-
crease in emission in the linewings and a decrease in emission
near the line centre, compared to the non-rotating case. E.g.,
the central emission present for vyt = 0 ismissing in the 2-D
case, dthough the densities in our models are identical. Note,
that the absorption widths of the non-rotating and the 2-D case
coincide more closely with each other than do those of the 2-D
case and the convolved one. This illuminates the fact that for
this significant mass-loss rate the “effective’ rotation rate lies
closer to zero than to its photospheric value.

Since the profiles are influenced by (moderate) departures
from LTE and an underlying photospheric absorption profile,
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these effects are clarified in Fig. 9, on the basis of alinein
pure LTE, no photospheric profile and T, = Tiag = 0.75 T
(i.e, IS = B, (Trad) = By (Te) = S(r})). Inthis case and accord-
ing to Eg. (43), the contribution of the core region is identi-
ca to zero, since no multiple resonances are present and the
emission/absorption processes completely cancel each other
in front of the stellar core. Thus, we see the pure emission
of the lobes, so that in this moded the resonance zone effect
alone is manifest: With increasing vrq;, the central emission
decreases, whereas the wings increase. For extreme rotationd
rates (vror = 300kms™1), two emission maxima appear blue-
and redwardsfromtheline centre. Notethat no “disk” underlies
thisfeature.

L8 " T " pw (vrot = 0 km/s) - 432

Lo EW. (v_rot = 100 km/s) = 4.32

_ _ _ EW. (v_rot = 200 km/s) = 4.31

r—_ _ _ EW (v_rot = 300 km/s) = 4.30
EW. (v_rot = 400 km/s) = 4.29 =

1.6F—----

RESIDUAL FLUX

0.87‘\“‘\“‘\“‘\“‘\

-0.4

Fig. 9. H, profilesfor 1-D density, 2-D velocity field and 2-D radiative
transfer: line in LTE (i.e,, ba(r), b3(r) = 1), Te = Traa = 0.757 &,
sin: = 0, no photospheric absorption. M = 6 - 10~%Myr~!, other
parametersasin §3.5.

The difference between the 1-D convolved and the 2-D
profilesis most significant for alow absolute equivalent width
|Wx| =~ 0, when absorption and emission are roughly equal.
In this case, the resonance zone effect has the largest impact
on the profile shape; for strong emission profiles, the effect is
weaker since the emission comes from alarger volume, where
theaverage shift of resonance zonesissmaller (Fig. 6), whereas
profileswith adominant absorption component by definitionare
affected only weakly by the wind physics.

The marked difference between convolved and 2-D profiles
with |\, | & 0 (even neglecting the changeinwind density) has
severe consequences for linefits obtai ned with the conventional
1-D approach. If we want to reproduce the deeper and narrow
central absorption (cf. dso Fig. 17d for profiles including a
consistent density structure) by means of the inappropriate 1-D
approach, wewoul d haveto adopt aprojected rotationd vel ocity

vrot SN¢ lower than the actual vaue (cf. Pu95, who actualy
found this effect for anumber of starswith large vy; Siné). But
even then, we still would not have reproduced the emission
peaks in both wings.

It has to be stressed that both the line of sight veloc-
ity vops (EQ. 40) and the corresponding directional derivative
d(nwv)/dn (Eq. 41) depend only on the projected rotational
velocity vt Sini and not on the absolute value of . Conse-
quently, it is not possible to derive sini from the line profiles
calculated so far, which account for a1-D density only.

Finally, we point out an interesting property of the above
profiles. Since the adopted spherically symmetric density struc-
tureis not affected by differential rotation, the total number of
emitted photonsisnot modified compared with thenon-rotating
case. Thus, we expect the equivalent width to be conserved un-
der the purely kinematical effects of rotation, as is actualy
foundin Fig. 10. Hence, at least in cases with not too large ab-
solute rotational velocities, where the density structureis only
mildly modified, methods that determine mass-loss rates from
equivalent widths (e.g., Leitherer 1988a, LL93, Pu95) are not
affected by the resonance zone effect.

120 __ EW (VLI"Ot =0 kr‘n/s)
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Fig. 10. H,, profilescalculated with 2-D radiative transfer for different
vrot, M = 6.0- 1075Myyr~! and sins = 1.0. Other parameters asin
$3.5. The equivalent width is conserved under differential rotation, if
we assumea 1-D density wind.

5.3. 2-D density stratification

In the last step of our investigation, we present the results for
our most consistent models, i.e., in addition to the differentia
rotation (again: v = Q) we account for the corresponding
change in density by means of the BC model, as outlined in
§3.4.
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Since these models predict a density concentration in the
wind from the pol e towards the equatoria plane, the mgjor part
of the emission should originate in this region. For a given
vrot SiN7 (from photospheric lines), then, the emergent profiles
will explicitly depend on inclination angle 7, since the density
structure is a function of the absolute rotationa velocity viq.
This provides us with a possibility to determine sini from H,,
linefitsin the winds of hot stars, aswill become obviousin the
following sections.

5.3.1. Basic effects

First, we will investigate the influence of the 2-D density struc-
tureon H,, line profiles as afunction of v (While holding the
inclination angle constant) and as a function of sini (holding
vrot CONstant). The case of constant v Sinz, which isthe most
interestingwith respect to the analysisof observed profiles, will
be discussed |ater.
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Fig. 11. H, profiles for a wind model with a 2-D density strat-
ification, observed pole on, as function of rotational velocity vrat.
M =6-10"CM,yrt, other parametersasin §3.5.

Constant sin:. To demonstrate the pure effects of the density
contrast, in Fig. 11 we have plotted H,, profiles for different
rotational velocities vyt Observed poleon, i.e., sini = 0. Thus,
the azimuthal velocity component isirrelevant for the line for-
mation (cf. Eqg. 33), and we have to consider only the radia
component, so that the resonance zone effect is suppressed.
Note, that hereand inthefollowingthe surfaceintegrated mass-
lossrateis assumed to be equal for al v in order to facilitate
the comparison between the different 2-D and 1-D model s (cf.
§3.5). Hence, it is only the angular distribution of the outflow
which differs as function of v, Since we observe the wind
pole on, we see the maximum emitting area of the equatoria
“compression zone".

Obvioudly, the emission at most frequencies, and accord-
ingly the eguivdent width, grows with increasing vy. This
effect, which is dueto theincreasing concentration of wind ma-
terial towardsthe equatorid plane, leadsto astrongly nonlinear
increase in emission via p?. In the following we will cal this
effect the p2-effect.

For larger values of v, the differences in the shape and
strength of successive profiles become increasingly more pro-
nounced because the p2-effect becomes very strong as wyo
approaches wvgit. For example, for our model with v =
100kms™*, the density constrast is pZ, o/ e < 1.6 (Fig. 3

(Ieft)), whereas with vt = 300kms™? it reaches a value
pgquator/pgole 516 (Flg 3 (I’Ight))

For frequencies | X| 2 0.15, the emission becomes smaller
than in the 1-D case and decreases with increasing vyt Thisis
due to the fact that the emitting high velocity material (from
polar regions for sini = 0) becomes thinner a the expense
of the equatorial wind, when the star rotates faster and faster.
Compared to the increase of the peak, however, this effect is
small, since dready for a 1-D density wind the contribution of
thewing emission is quitelow.
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Fig. 12. AsFig. 11, but now observed equator on, i.e., sin: = 1.

In Fig. 12, we see the same wind in H, as before, how-
ever viewed eguator on. The differencesto Fig. 11 are striking.
Firstly, the differences with increasing vt are much smaller,
which is due to the fact that the contribution of the quasi-disk
to thetotal emission issmallest in thisconfiguration. Secondly,
thefamiliar double-peaked shape pointsclearly tothe resonance
zone effect, which is most effective when ¢ &~ 90°. In the next
paragraph, we will pin down this behaviour more precisely.

Constant vy. For this purpose, in Fig. 13 we display profiles
for different sini and v, = 250km s™1. The equivaent width
W, grows with decreasing sin#, which is caused by the high
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Fig. 13. AsFig. 11, but now for constant vrot = 250km s~ and variable
inclination sins.

efficiency of the p2-effect for low inclinations. However, the
linewings are almost identical.

Thisis caused by the combination of the p?- and resonance
zone effect, which is clarified in Fig. 14. If the wind is ob-
served pole on, the wing emission is exclusively enlarged by
the p?-effect, which is not asimportant for higher inclinations,
as follows from the comparison between the 1-D/2-D density
models (Fig. 14, lower pand). In this case, however, the twist
of the resonance zones becomes decisive and leads — in both
models — to the enhanced wing emission, as discussed in in
§5.2.

This twist is even more pronounced a high stellar co-
latitudes in our 2-D density model, since the radial velocity
field depends on Qg via of v, (Egs. 10, 17). Thus, the radid
velocity of the equatorid outflow is less than v, 1_p, whereas
thetwist is controlled by the ratio vg /v,

Consequently, we find the profilewingsin our 2-D density
models to be aimost independent of sinz, where the lack of
emission due to the reduced p2-effect is compensated by the
effects of differentia rotation. Hence, for given M the profile
wingsare amost exclusively determined by vyqt!

Finally, the apparent doubl e peaked structure of the profiles
for sn: < 0.2 and sini 2 0.8 are — as in our 1-D density
model — due to the resonance zone effect for large sini and due
to NLTE-effects at low velocities for small sin:. This can be
easi |y seen by disentanglingthe core and non-core contribution,
whichareplotted separately in Fig. 15. Obviously, withincreas-
ing sini thetota emission in the lobesis reduced (diminished
p?-effect) and the peak that is present for low sini becomes
essentially flat (resonance zone effect). The core contribution
ismainly affected by photospheric absorption, which becomes
rotationally broadened for higher sini.
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Fig. 14. Profiles for wind models with 2-D (fully drawn)
and 1-D (dashed) density distribution. v = 250kms™,
M = 6-10"%M,yr!, other parameters as in §3.5. Upper panel:
sini = 0; lower panel: sin: = 1. The differences are more pronounced
forsini = 0.

5.3.2. Parameter study

One of the basic goas of this paper is to examine the extent
to which the consistent inclusion of stellar rotation in O-star
wind model s modifies the mass-loss rate determined from H,,.
For this purpose, we studied the dependence of the H,, profiles
on the parameters M and vro;, and discuss the following two
aspects: From the theoretical point of view, it isinteresting to
investigate the profilemorphol ogy for constant v; asafunction
of inclination angle. On the other hand, the actual application
to the derivation of mass-loss rates necessitates an investigation
with respect to constant v Sini, as afunction of the absolute
rotation rate (and, of course, for compensating values of sini).
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Fig. 15. AsFig. 13, but now for the contribution of the non-core (upper
panel) and core region (lower panel).

Congtant vrot. Figure 16 shows synthetic H, profiles for
vt = 100kms~t, 300kms™! and M = 107%,3. 1066
10-® Mg yr—1, caculated by means of our 2-D density model
and with averaged photospheric parameters asin §3.5, i.e,, for
atypica O-Supergiant.

In the case of low vyt = 100km s, we find a significant
change in equivaent width — both as function of inclination
angle and compared with the conventional 1-D model — only
for the highest mass-lossrate displayed, M = 6-10-° Moyr—1,
where the p?-effect is most effective. Changes are mostly con-
fined to line center, while the profile wings remain essentially
unaffected for all M at thislow rotational rate. Note that for the
modelswith thelowest mass-lossrate, the profile shapeshardly
deviate from those calculated by the conventional convolution
method, even though the projected rotational velocity vyt Sini
changes from zero to vyqt. _

Thisisaso true for the model with low M and large vyt =
300kms™1, because the wind is too thin to cause significant

emission. The only effect on the profile shape originates from
therotational broadening of the photospheric component, again
in agreement with the ssmple approach.

For larger M and vt = 200kms™1, however, the wind
density and the rotationa rate become large enough that the
p?- and the resonance zone effect are decisive. As discussed
in §5.3.1, their combination causes almost identical wings for
|X| =% 0.15, whereas the line cores are very discrepant. For
the pure emission profile (M = 6 - 10~8 M yr=1), finally, the
large increase in equivalent width when viewed under smaller
and smaller angles is primarily due to the increased emission
efficiency of the condensed equatorial material inthe observer's
direction.

In any case, however, we find the following systematic be-
haviour of the equivalent width:

- the equiva ent width growsfor given M andsini asafunc-
tion of vyot. _

- the equivalent width decreases for given M and v as a
function of sini.

- (Obvioudly, the equivalent width grows for given v and
sini asafunction of M.)

Constant vyt Sini. Asit is the quantity vy Siné which can be
inferred from“purely” photosphericlines, wefinally show syn-
thetic profileswith constant v, Sini at different rotational rates
(and corresponding angles) in order to permit comparison with
observations. (Recall, however, that inthisfirst investigationwe
have neglected the He-blend.) In Fig. 17, we display H,, pro-
files for vy Sini = 50 and 200km s~ for A7 = 1076 3106
and 6- 106 Myyr-1.

In contrast to what might be expected, the largest discrep-
ancies arisefor low v Sin values, since theseincludethe pos-
sibility that the star is a rapid rotator observed approximately
pole on. Thisin turn leads to the maximum possible emission,
as we have seen above (large vrot and low sini!). If instead we
observe the same star at largeinclination, thisimpliesalow ro-
tational velocity, and thusthe equiva ent width has itsminimum
value (low vt Observed equator on, which is compatible with
the 1-D approach).

For larger values of observed v, Sini, the variations with
sini are not as dramatic, since in this case it is most probable
that we observe the star equator on, or at least with not too
small sinz; a lower limit on i can be set by requiring that
vt < vgit. Hence, athough we have a wind with a strong
density contrast due to the large v, We observe it equator on,
where the enhanced equatoria emission is partly compensated
by the diminished emission from the other regions.

As aready mentioned in § 5.2, a number of profiles from
winds with not too large M and significant vitSind ex-
hibit emission humps blue- and redwards from the absorp-
tion component (e.g., Fig. 17d), mainly due to the resonance
zone effect. This may be an important result since a num-
ber of rotating stars actually show these features. E.g., the
H, profile of ¢ Per = HD 24912 which has a photospheric
value of v sini = 250kms™! and a (1-D) mass-loss rate
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M ~ 3.2-10"® Myyr=1 (i.e, with sSimilar parameters as the
model illustrated in Fig. 17d), has a striking similarity with
the profiles with intermediate v, in this figure (cf. Pu95). In
particular, besides the observed emission humps, it exhibits an
absorption width corresponding toas 100 km s~*, much smaller
than vy SiN, in accord with the displayed synthetic profiles.
(Inthecourseof theH,, anaysisby Pu95, thelatter discrepancy
turned out to be typical for stars with large vyt Sini.) Unfortu-
nately, a detailed line fit has to be postponed to a follow-up
paper since ¢ Per has arather large He abundance Y = 0.22.

Finally, we mentionthat the equival ent widthsof theprofiles
that result from a corresponding 1-D trestment (fully drawn in
Fig. 17) always have the lowest values. Thus, in any case, the
p?-effect leads to an enhanced emission when accounting for a
consistent density structure.

5.3.3. Implicationsfor the determination of M

Althoughthisfirst paper does not aim to check theinfluence of
stellar rotation on the determination of M by detailed linefits,
we will estimate the maximum difference which may arise by
using either our consistent or conventional methods.

Thiswill be done by using thescaling rel ation for the equiv-
alent widthsfor 1-D models, as provided by Pu95. For thelimit
of optically thin emission, which is valid throughout the O-star
domain, they found that M scales as follows (Pu95, Eq. 42):

2/3R3/2 5/5

M (thin) ~ (50)

where W is the equivalent width, corrected for the photo-
spheric absorption [T7P"|

h
Wy = Wi+ | Wi

By neglecting the latera dependence of the terminal velocity,
we thus can estimate the error we introduce by performing a
1-D synthesis of a2-D profile.

Let M denotetheactual mass-lossrateand Wy »_p thecor-
responding equivalent width accounting for stellar rotation. We
do not know the scaling relation between these two quantities,
but we know that the equivalent width W 1_p of the profile
from a 1-D model with M (eg the fuIIy drawn curves in
Fig. 17) scales with M ~ T, ;_p(M)?/3. On the other hand
the mass-loss rate M1_pii, wh|ch would follow from a 1-D
analysis of the actual profile with equivaent width W;\,z_D! is
given by Mi_psit ~ W, »_p(M)?/3, due to the incorrect ne-
glect of thestellar rotation. Thus, the ratio of the mass-loss rate
derived by theinappropriate 1-D fit and the actual oneissimply
given by

(51)

and since the ratio (W)I\,Z—D/W)I\,l—D) is aways larger than
unity, the mass-loss rate from the 1-D fit will always overesti-

matetheactua one. From our resultsof Fig. 17, wefind asmax-
imum errorsthevaueslistedin Tab. 2, whicharevdidfor atyp-
ical O-Supergiant with an equival ent width of the photospherlc
profile (re-corrected for the missing He blend) W™ ~ —2.5A.

From these results, it is obvious that the va u& we derive for
the mass-loss rate by performing a 1-D analysis are & most
50...70% too large.

If we also consider that the average value of < sini >= «/4,
then, for the case of an observed vyt Sini = 200km s, the
expectation value of the absolute rotational value is given by
256 km s™1. From Fig. 17 and Eq. (51), we find that applying
the 1-D method producesatypical error of 20. . . 30%, whereas
thetypical error for vy Sini < 100km s~ isalmost negligible.

Table 2. Maximum errors in the determination of M performed by a
1-D analysis. Given are the ratios Mi—p it / M asdefined by Eq. (51),

asafunctlon of the actual masslossrate M. v sini inkms™2, M in
10~ Moyr 2.

oSiNi M=1 M=3 M=6

50 1.7 1.7 17
100 1.7 1.6 1.6
200 16 1.6 15
300 14 14 14

6. Summary, conclusions and future work

Inthe present paper, we haveinvestigated theinfluence of stellar
rotationon H,, lineformationin O-star winds. For this purpose,
we have disentangled the effects of both the modified velocity
field and density structure. Thewind model used isbased on the
kinematical approach provided by BC, adapted to the parameter
space considered in this paper. We have discussed only cases
with rotational rates well below those that would induce the
onset of disk formation.

Thelargedensity contrast between the equator and polethat
develops in the 2-D models for increasing values of v,y isthe
essential ingredient for the effects summarized below. E.g., for
rather low rotational rates (=~ 100 km s~ 1), the squared contrast
obtainsvalues < 1.6, whereas for vrgt &~ 300kms™? it reaches
values up to ten times larger. As a considerable simplification
for our investigations, we found that the polar velocity compo-
nent can be neglected compared with the azimuthal one in the
treatment of line formation, because in all important cases the
latter clearly dominates, at least if the purely kinematical model
isapplied.

Since it is well known that stellar rotation aso influences
the photospheric structure by distorting the otherwise spherical
surface and inducing a lateral dependence of R, (©),logg(©)
and T (©) (thelatter viathe von Zeipel theorem), we have al'so
investigated this effect and its consequences for the emergent
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profiles, the so-called gravity darkening. As it turned out, the
distortionof the stellar surface can be neglected for the linefor-
mation process and rotational rates lower than 300 km s~ (for
supergiants) and 400km s~ (for dwarfs). Although the modi-
fication of the photospheric parameters can be significant even
for rotational velocities below these values, by defining ap-
propriate averaged stellar parameters we obtained “effective”
photospheric profilesthat areindependent of latitude, and which
represent theactual behaviour extremely well. The photospheric
parametersderived by standard 1-D methods represent these av-
eraged values, amost independent of inclination angle, at |east
in the O-star case (cf. the discussion in §5.1). However, in or-
der to determine the actual parameters (in particular, the stellar
mass), one has to re-transform the derived averaged values by
accounting for the rotational speed (or at least aguess of it, see
below). Consequently itispossibletoincludegravity darkening
inthe usua procedure, which uses one set of stellar parameters
that are independent of stellar latitude, provided that the modi-
fied definitionsof stellar parameterslikelog g and T are kept
inmind.

In the first part of our analysis of line formation, we con-
centrated on the purely kinematical effects of stellar rotation,
leaving thedensity at its1-D value. Most importantly, we found
the resonance zone effect to be responsible for modifying the
line shape significantly: Because of thetwisted resonance zones
due to the differential rotation, the emission near the line core
is diminished compared with the non-rotating case, while the
wings develop emission humps, even though no quasi-disk is
present. In this smplified model, the equivalent width of the
profilesis the same as for the non-rotating case and the profile
shapedepends only on the projected rotational vel ocity vt Sini
and not on the absol ute val ue of viq.

In contrast, by accounting also for the modified 2-D den-
sity structure, the emergent profiles become dependent on both
vrot @d sind, since the emitted line flux is — via the p?-effect,
a strongly non-linear function of density contrast (depending
on wvre) and direction. In any case, however, the (re-defined)
equivaent widths of the consistent profiles are always larger
than those of the conventiona 1-D profiles, and increase with
increasing vror and decreasing sini.

For vt < 100kms™t and/or M < 1-1075Mgyr! the
differences (as function of sini and compared with the 1-D
approach) are generally small. In contrast the effects are signif-
icant for cases with a larger vt and substantial wind density.
Thelargest discrepancieswill dwaysariseif thestar isobserved
pole-on, when the projected area of the compression zoneis a
maxi mum.

If we compare the profiles for constant v, Sini as function
of vret (Or compatible sinz, respectively), the largest deviations
turn out to be present for low values of vt Sini when the star
is observed pole on, since then the effects of high v and max-
imum emitting area reinforce each other. For larger observed
values of v Sini, it is most probable that we observe the star
equator on, where the p?-effect isless effective due to thelarger
contributing volume of rarefied material.

Stellar rotati on affectsnot only the equival ent width, but al so
the shape of H,,. We found that the linewings (| X| & 0.15, in
particular their dope) are affected mostly by vy done, since
the resonance zone effect and the differential p2-effect (i.e, as
function of inclination angle) roughly compensate each other.
Hence, for agiven M , thelinewings should be agood indicator
of the absolute rotationa rate. However, since the wings react
significantly only for rotational rates 2 200kms™! and the
influence of the steepness of the radia velocity field (i.e., 53)
also has to be accounted for, the diagnostic potential of theline
wings must await further detailed investigation.

In contrast to the line wings, the central regions of the pro-
files (|X| < 0.15) are markedly affected by the inclination
angle under which the star is observed. Due to the resonance
zone effect, the profiles devel op a doubl e peaked structure. For
intermediate wind densities, these show up as emission humps
blue- and redwardsfrom acentral absorption component, which
is much narrower than would be obtained from the 1-D case if
convolved withthe photosphericval ue of v Sini. Thistheoret-
ical prediction can actualy be seen in anumber of rapidly rotat-
ing stars, where, in order to fit the observed profile, the applied
value of vro; Sini hasto be decreased significantly below the one
derived from photospheric lines (cf. Pu95). Additionally, the
predicted emission humps may have their observational coun-
terpartintheH,, profileof therapidrotator ¢ Per, asdiscussedin
§ 5.3.2. Inthisconnection, we & so note that the doubl e-peaked
morphology illustratedin Fig. 12 for large values of 7 and even
for relatively modest rotationa rates (~ 100kms™1) closely
resembles the shape of the Her1 4686 emission feature in Su-
pergiants like ¢ Pup and A Cep. Thus, we speculate that the
shapes of these Hert wind features — which are not presently
understood — might a so be due to the effect of rotation on the
structure of the stellar wind.

Although we did not attempt to perfom detailed line fits
in this paper, the scaing relation for the equivalent width as
functionof M dlowed usto derive estimatesfor theerror intro-
duced by using the conventional 1-D method for determining
the mass-loss rate from H,,. We found maximum errorsin the
range between 50...70%, again in the case for low vy Sin:
when the star is observed pole on, whereas the typica error
for the expectation value of vy is on the order of 20. . .30 %.
Although this seems to be a fairly small number compared to
the additional influences such as the slope of radia velocity
field and possible clumping, two points have to be stressed:
Theinfluence of rotationisnot an effect which will average out
with alarge enough number of observationsbut is a systematic
effect, since—for given M —the 2-D equivalent widthisalways
larger thaninthe 1-D treatment. Secondly, the maximumerror is
significant and moreover occursin caseswithlow vyt Sing, i.e.,
in cases where oneisinclined to neglect rotation and where the
profile shape hardly differs from the 1-D result (cf. Fig. 17).
This may introduce large deviations for single objects from
mean relations such as the WLR and wrong conclusions when
observationdly deduced and theroretically predicted mass-loss
rates are compared.
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Thus, a careful reanaysis of observed mass-loss rates that
accounts for the effects of stellar rotation correctly is required.
The magjor problem here is, of course, the determination of
either sin: or vy Thismay be possiblein certain cases, e.g., for
the rapid rotator HD 93521, which has wind-compressed disk
signatures in profiles of its UV resonance lines that indicate
i ~ 90° (Howarth & Reid, 1993; Bjorkman et a. 1994; Massa
1995), or in cases where the line shape is definitely influenced
by rotation (as for & Per). In genera, however, one will have
to analyze al so other spectra regions which behave differently
with rotation. For thispurpose, theinvestigation of the IR/radio
continuum as indicated in the introduction or the analysis of
IR-lines such as Br,, (e.g., Kaufl 1993) may provide new and
complementary insights. In both cases, the radiation originates
in a larger volume compared to H,, where in the outer wind
part the equatoria density concentration has its maximum, and
(for lines) the resonance effect plays no role since the vel ocity
field isamost purely radial.

Beforethiscomparison can be attempted, however, we have
toimprove our approach in order to deduce quantitativeresults.
A first step is to incorporate the Herr blend and then try to
fit the observed line shapes for the sample of Pu95, especialy
the rapidly rotating stars. It will be interesting to investigate
the extent to which the re-analyzed objects will influence the
recently derived WLR for hot stars.

Finally, we have to improve aso our hydrodynamica de-
scription, following the approach by Owocki et al. (1994). Here,
the influence of the vg terms on the line formation has again
to be inspected. Since these models have lower boundaries at
much smaller velocities, we will of course have to give up the
Sobolev approximation and to perform an “exact integration”.
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A. Analytical expressionsfor & and dp/dp,

Equation (13) for the azimuthal angle @ in the orbital plane
(cf. Fig. 1) can be derived by solving the differential equation
we obtain from dividing the radia velocity component v.. by
the azimuthal one v (both velocities defined in the inclined
orbit):

e M] (1_é)"

do’ SiNOg vrot x

(cf. BC, Eg. 16). Using the initial condition, <I>'(a:z- =1):=0,
thisyields

e

=Ch

S n@o’Urot

- , Al
Cveﬁc (1 -9 nQO(Urot/l’crit)W ( )

whichisEqg. (13). Inthecase of g = 1, wefindly haveto apply
L'Hospitde' srule and find

Co = %(In(l— b/z) — In(1— b)). (A2)

Now we will derive the expression for du/dgo. Accounting
for the transformation (BC, Eq. 19)

CcoSO = cosOg cos®’

and with ¢ = cos©, we obtain the following differential equa
tion:

1

d/,L ’ COSZG)O dq) . 1
L = - - o .
COS®' + @, d@nog) o

duo (A3

On the other side, a differentiation of Eq. (A1) for ® with
respect to sin®g yields

do’ - q)l (Urot/vcrit) sin Oo
d(5n90) Sn@() 1-— s‘n@o(vrot/vcrit)
vt SINQg  dCy

Voo (@0) dS'ﬂ@oJ (A4)

where in comparison to BC (their Egs. 24/25) we find an ad-
ditional term, since b depends on ©g. dCop/dsinOg is given
by

dCo _dCo db
dsn®,  db dsin®©’

with

Umin (_7)1’rot

db /8
dsin@q - (1’00 (60) ) [7) (1 —sin eo(l’rot/l’crit)) Verit

and

(b/2)(3 = DAL= b/2)~ — (L= b/a)'~"
)
LA=pa-nra—pr  AFL
dCo _ bz(l - 0)
dbr
= (/)L = b/x) "~ In(1.~ b/z))
b g=1
Lbh(@-b) b2+In(1—b)

Inthelimit ®y — 0 (i.e, at the pole), we have

sin®g = 0 cosBp=1
® ~0 sSnd ~d
sn® =0 cos® =1,
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and using Egs. (A1) and (A4)

0052@0 . /
sin@o

d<I>I N Covrot do N Covrot
dSnOg) ~ (ver d(SNOQ)  \ (ves

we find as result

du =1+ <—Covr°t> ’
dpo ©0=0 (Ve
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